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•Wednesday:  
•Cosmic rays, transport, potential sources 
•Shocks and diffusive shock acceleration 

•Thursday: 
•X-ray synchrotron observations & evidence for magnetic-field 

amplification 
•Theory behind magnetic field amplification 
•Non-linear shock acceleration 

•Friday: 
•Recent results from gamma-rays 
•A brief look relativistic shocks/reconnection 
•If time permits: pulsar wind nebulae



1 Cosmic rays: introduction & transport
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Victor Hess about to discover cosmic rays (1911)



Cosmic-ray spectrum
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Figure 11.1: The cosmic-ray flux spectrum as measured by various experiments, based
on the compilation of [691], and [72, 69, 75, 3]. The flux points below ⇠ 1014 eV are
based on proton cosmic rays only, and have been multiplied by a factor 3, in order to
match the all-species cosmic-ray spectra at higher energies. Left: The spectrum in flux
units, showing that the spectrum is nearly a power law from 1010 eV to 1019 eV. Right:
The spectrum multiplied by E2.7, which brings out features like the ”Knee” and the
”Ankle”.

fig:cr_spectrum

and other accelerated atomic nuclei are also present. These results also suggested that
the particle acceleration probably took place in the supernova remnant rather than dur-
ing the supernova explosion itself.

Since the 1950ies there has been a lot of progress in understanding particle ac-
celeration in supernova remnants. This progress has been caused by the tremendous
advances in multiwavelength, observational capabilities, which now includes detecting
charged particles with energies in excess of 10 TeV with g-ray and X-ray telescopes. In
addition, our theoretical understanding of particle acceleration by supernova remnant
shocks has greatly advanced. This does not mean that we are absolutely certain that
most cosmic rays bombarding Earth are originating from supernova remnants. As will
be explained in this chapter, there are two main requirements for supernova remnants
to be the primary source of Galactic cosmic rays:

1. supernova remnants have to be able to convert 5-20% of the explosion energy to
cosmic-ray energy (i.e. about 1050 erg per supernova remnant), and

2. supernova remnants have to be capable of accelerating protons to energies of at
least 3⇥1015 eV (3 PeV).

Accelerators that accelerate particles beyond 1 PeV are sometimes called PeVa-
trons. So the second requirement is sometimes rephrased as ”Are supernova remnants
cosmic PeVatrons?”.

In this chapter and the next we will explain where these two requirements come
from and what theoretical considerations and observational data tell us about whether
supernova remnants can indeed be the primary sources of Galactic cosmic rays.

•Cosmic-ray spectrum is nearly a power law: �  
•Spectral index q≈2.7

N(E)dE = KE−qdE

1 particle m-2s-1

1 particle m-2yr-1

1 particle km-2yr-1

1 particle km-2century-1



Cosmic-ray spectrum multiplied by E2.7
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Figure 1.1: The cosmic-ray flux spectrum as measured by various experiments, based
on the compilation of [86], and [16, 15, 18, 3]. The flux points below ⇠ 1014 eV are
based on proton cosmic rays only, and have been multiplied by a factor 3, in order to
match the all-species cosmic-ray spectra at higher energies. Left: The spectrum in flux
units, showing that the spectrum is nearly a power law from 1010 eV to 1019 eV. Right:
The spectrum multiplied by E

2.7, which brings out features like the ”Knee” and the
”Ankle”.

Since the 1950ies there has been a lot of progress in understanding particle ac-
celeration in supernova remnants. This progress has been caused by the tremendous
advances in multiwavelength, observational capabilities, which now includes detecting
charged particles with energies in excess of 10 TeV with g-ray and X-ray telescopes. In
addition, our theoretical understanding of particle acceleration by supernova remnant
shocks has greatly advanced. This does not mean that we are absolutely certain that
most cosmic rays bombarding Earth are originating from supernova remnants. As will
be explained in this chapter, there are two main requirements for supernova remnants
to be the primary source of Galactic cosmic rays:

1. supernova remnants have to be able to convert 5-20% of the explosion energy to
cosmic-ray energy (i.e. about 1050 erg per supernova remnant), and

2. supernova remnants have to be capable of accelerating protons to energies of at
least 3⇥1015 eV (3 PeV).

In this chapter and the next we will explain where these two requirements come
from and what theoretical considerations and observational data tell us about whether
supernova remnants can indeed be the primary sources of Galactic cosmic rays.

1.1.1 The cosmic-ray spectrum

The measured cosmic rays spectrum spans eleven orders of magnitude, from roughly
109 � 1020 eV (Fig. 1.1). For energies around and below 1 GeV the spectrum as ob-
served on Earth is affected by the solar wind, and is, in fact, modulated by the variation
in the solar wind properties, which varies during the 22 year cycle of solar activity.

Lower cut-off due to solar wind

Break in spectrum: 3x1015 eV 
aka “The Knee”: E-2.7 → E-3.0

Break in spectrum: 3x1018 eV 
aka “The Ankle”: E-3.0 → E-2.7

Greisen,Zatsepin & Kuzmin  
(GZK)-cut-off?: 4x1019eV



Cosmic-ray composition
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•At low energies (<10 GeV) composition can be measured 
•Follow cosmic/solar abundance pattern 
•But odd elements are more abundant 

•Cosmic rays collide with background atoms producing  
-odd elements 
-radio-active elements → can be used to measure resident times 

•Cosmic rays also contain 
•electrons: about 1% of all cosmic rays 
•positrons: very small fraction → by-product of collisions 
•anti-protons 

•Above 1014 eV: see lectures by K. H. Kampert
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Figure 11.2: Cosmic-ray abundances (red) for elements up to Z = 28 (nickel) in the
energy interval 600-1000 MeV/nucleon [916], compared to solar composition abun-
dances [646]. The abudances have been normalised to [Si]⌘ 100.

fig:crcomposition

11.1.2 Cosmic-ray composition
{sec:cr_composition}

The most detailed knowledge about the cosmic-ray composition concerns cosmic rays
with energies below ⇠ 1013 eV, for which primary cosmic ray properties are measured
using balloon and satellite experiments. For higher energies the composition of cos-
mic rays is more difficult to measure, as they are primarily detected and characterised
by measuring the properties of the extensive air-showers on Earth. The extensive air
showers are caused by a cascade of secondary particles, caused by the collision of the
primary cosmic ray with an atom in the Earth’ atmosphere [see 743, for a review].

The cosmic-ray composition between 109 �1013 eV

Balloon and satellite experiments show that cosmic rays consist mostly of protons and
other atomic nuclei, which are usually collectively referred to as hadronic cosmic rays.
For cosmic-ray energies around 10 GeV, 0.55% of the particles are electrons, 2 a frac-
tion that decreases with increasing energy. Cosmic-ray positrons constitute an even
smaller fraction of ⇠ 0.03% [22]. Together the electron/positron components of the
cosmic rays are labeled leptonic cosmic rays, which formally includes the short-lived
energetic muons that are a by-product of hadronic cosmic-ray interactions with matter.
Positrons are a by-product of interactions of cosmic rays with the interstellar medium
(§ A.6). A surprising increase in the positron to electron ratio above 10 GeV [41, 22]
has been associated with the self-annihilation of dark matter particles [e.g. 237, 146].
However, positrons from nearby pulsar wind nebulae offer a less exotic explanation
for the rise in the positron to electron ratio [e.g. 487], given that pulsar wind nebulae
contain probably equal amounts of electrons and positrons (chapter A.3).

2This is based on combining equation 29.2 in [790], with the electron flux measured by the Pamela
satellite experiment [39].



Magnetic fields in the Galaxy
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•Magnetic field in the Milky Way: B≈3 μG 
•Magnetic field has a structured component 

(following spiral arms?) 
•On top of that an irregular structure 

•Induced by supernova explosion, winds, 
gravitational contraction etc. 

•Structured component: particles follow field 
lines 

•Unstructured component: particles perform a 
“random walk” → diffusion 

•Magnetic fields tied to gas → winds may also 
give rise to transport (advection) 

•Cosmic-ray propagation models: often 
concentrate on diffusion

M51 magnetic field 
(Beck/Fletcher)



Magnetic field turbulence and Alfvén waves
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•Magnetic field turbulence induced by energy input into interstellar medium 
•Disturbances can propagate: sound waves and Alfvén waves. 
•Alfvén waves are magneto-hydronamic (MHD) waves 
•MHD, force free (only B no E):

1.2. THE THEORY OF DIFFUSIVE SHOCK ACCELERATION 33

overall magnetic field strength, and hence reduce the gyroradii of accelerated particles,
have received renewed attention. There are many plasma instabilities driven by the
presence of anisotropies in the particle distributions, either those of the accelerated
particles, but also temperature gradients in the plasma [see 85, for an overview] . These
types of instabilities are called streaming instabilities.

An often discussed instability is the Weibel instability [109], which feeds off anisotropies
in the electron momentum distribution and small perturbations of the magnetic field,
which will perturb the directions of the electrons. The change in momentum directions
will tend to enhance the magnetic field perturbations, and lead to filamentation of the
charge particle distributions. The characteristic filaments are often seen in particle-in-
cell simulations of shocks [e.g. 76], and has also been verified experimentally [73]. The
structure and the length scales of the magnetic fields resulting from the Weibel instabil-
ity are too small to be important to accelerate charged particles to very high energies.
However, the Weibel instability is important for providing the scattering and isotropis-
ing of charge particles important for establishing collisionless shocks [76]. Moreover,
the Weibel instability is capable of creating larger scale magnetic fields out of the tiny
fluctuations associated with inhomogeneities of particle currents. As a result, collision-
less shocks can even form when initial magnetic fields are absent.

1.2.10 Magnetic-field amplification through the non-resonant Bell

instability

Recently it has become clear that another streaming instability, the so-called Bell insta-
bility [28], is important for the amplification of magnetic fields upstream of supernova
remnant shocks. The length scales of the fluctuations are smaller than the gyro-radius
of the accelerated particles, and, therefore, produces a non-resonant interaction.

Like the Weibel instability, the Bell instability is driven by the cosmic rays stream-
ing ahead in the cosmic-ray precursor, providing an electric current Jcr. The Bell insta-
bility is an magneto-hydrodynamics (MHD) instability, and is based on the equation of
motion of a charge-neutral plasma fluid in the absence of external forces:

r ∂v

∂ t
=�—P+

1
c

J⇥B =�—P+
(—⇥B)⇥B

4p
, (1.70)

this is a well-known ideal MHD equation [see 102, for lecture notes]. The term 1
c
J⇥B

is the Lorentz force acting on internal currents, and it has been transformed using the
Maxwell equation 4p+∂E/∂ t = c—⇥B. This equation is in ideal MHD supplemented
with the induction equation:

∂B

∂ t
=�c—⇥E = —⇥ (v⇥B), (1.71)

where we have used the condition that there is no large scale Lorentz-force on the
plasma (force-free condition, see also § ??): FL = eZ( 1

c
v⇥B+E) = 0, and hence

cE =�v⇥B.
For calculating the growth of Bell instability we neglect the pressure gradient term

(—P ⇡ 0) and apply an additional current, Jcr, provided by the cosmic rays:

r ∂v

∂ t
=

(—⇥B)⇥B

4p
+

Jcr ⇥B

c
. (1.72)

The internal currents are contained in the first term on the right-hand side. We evaluate
the growth of the instability, assuming for simplicity that the initial magnetic field
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v⇥B+E) = 0, and hence
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•Dispersion relation (fill in v=δv exp(ikx-iωt),B=δB exp(ikx-iωt)): 

Alfvén velocityv2A =
!2

k2
=

B2

4⇡⇢

•Take B=5μG, ρ=10-24 g/cm3: vA≈5x106 cm/s= 50 km/s 



Particle-wave interaction
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•Charge particles: spiral along B-field: 
�  

•Ω=Larmor frequency 
•Alfvén wave: magnetic field changes during passage: Bz=δBzsin(kz-ωt) 

•Lorentz force �  (ω frequency of wave)

vx = v cos(Ωt + ϕ), vy = v sin(Ωt + ϕ)

FL =
1
c

ZevyδB sin(kz − ωt)

•B-field: Lorentz force ⟂ momentum (p): change in direction, |p|

•First term integrates out (many cosine cycles). 
•Second term not, if resonance between gyroradius and Alfvén wavelength
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1.2.9 Particle acceleration and magnetic fields

In the previous section we discussed how efficient cosmic-ray acceleration alters the
structure of the shock itself. Here we will discuss how the accelerated particles also
actively enhance the magnetic field strength and turbulence; thereby actively creating
the conditions which makes acceleration to high energies possible. Recall that Emax µ
VshB/h (in absence of other limiting factors), with h a measure for magnetic field
turbulence. The interaction of accelerated particles with plasma waves is an important,
but also complex topic. We will provide a global overview here. It is important to know
that two types of interactions are often distinguished: resonant particle interaction sand
non-resonant interactions.

Resonant particle-wave interaction

A charged particle moving in a magnetic field will spiral perpendicular to the magnetic
field direction, as there is Lorentz force FL = 1

c
eZv⇥B pointing perpendicular to the

magnetic field line direction. For a uniform magnetic field, taken to be stretched in the
z direction, we can describe the velocity as vz = vk =constant, and vx = v? cos(Wt+f)
and vy = v? sin(Wt +f) (Fig. 1.8), with W = |Ze|B/(mc) the gyrofrequency. The pitch
angle, q = arctan(v?/vk), is the angle between velocity of the particle and the magnetic
field direction.

Assume now that an Alfvén wave (§ 1.1.3) passes by in the z-direction, causing
an oscillation with frequency w and wave number k in the x-direction of the magnetic
field: dBx = dBsin(kz�wt). This in turn results in a Lorentz force in the z-direction
FL = 1

c
eZvydBsin(kz�wt), with z = z0 + vkt the position of the particle.

During the passage of the wave the particles will gain momentum in the parallel
direction:

Dpk =
Z 1

c
eZvydBsin(kx�wt)dt

=
1
2

1
c

eZv?

Z �
cos

⇥
(kvk �w �W)t + kz0 �f

⇤
� cos

⇥
(kvkW+w)t + kz0 +f

⇤ 
dt.

The second term in the integrand corresponds to very rapid oscillations with frequency
W+w , more rapid than the frequency of Alfvén frequency. Hence, integration will
tend to average to zero. On the other hand, the first term represents a slow oscillation,
and for the resonant condition

W+ kvk �w ⇡ 0, (1.60)

the integrand will be finite, depending on the duration/coherence length of the Alfvén
wave. Hence the velocity of vk will have changed after the passage of the shock. During
the passage of one oscillation, with wavelength l = 2p/k, corresponding to Dt ⇡ l/vk
(since vA ⌧ vk) the change in parallel momentum is

Dpk ⇡
1
2

1
c

eZv? cos(kz0 �f)Dt =
1
2

1
c

eZv? cos(kz0 �f) 2p
vkk

⇡p eZv?dB

cW
cos(kz0 �f) = p eZv?

c

dBGmc

eB
cos(kz0 �f)

=p psinq dB

B
cos(kz0 �f).
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Fig. 1 Charged particle motion in a magnetic field. (a) In a uniform magnetic field the particle has a spiral
orbit with a gyroradius rg = P/Bc. (b) When the field is non-uniform the particle drifts away from a field
line due to the gradient and curvature of the field. (c) When a particle meets a kink in the field that has a scale
length ≫ rg , all particles will progress through the kink (but they may drift to adjacent field lines while doing
so). (d) Likewise, if rg ≫ scale size of the kink, all particles will pass through it without being affected much.
(e, f, g) When rg ≈ scale size of the kink, it depends on the gyrophase of the motion when the particles starts
to feel the kink whether it will go through the kink (e), be reflected back (f), or effectively get stuck in the
kink (g). This process is called pitch-angle scattering along the field. (h) When particles meet such a kink,
there is also a scattering in phase angle, which leads to scattering across the field lines, but such that κ⊥ ≪ κ∥

a circle with radius rg = mv/(qB) = p/(qB). This implies that the gyroradius depends on
two particle properties, namely its momentum and charge. For this reason we introduce the
concept of rigidity, defined as P = p/q . Then rg = P/B , which says that the gyroradius
depends on only one particle property and on the field strength.

The SI-units of rigidity are kg m s−1 C−1 or J s m−1 C−1, and this is cumbersome to use.
It can be translated into the much more useful unit of Volt (V) by noting from (1) that pc
has the same units as E. Thus, if one rather defines rigidity as P = pc/q , it has dimensions
of energy per unit charge, or potential. If energy (and pc) is expressed in eV, and charge in
terms of the number Z of elementary charges, i.e. q = Ze where e = 1.602 × 10−19 C, then
P has units of Volt (V). Thus, the formal definition of rigidity is

P ≡ pc/(Ze),

with the gyroradius given by rg = P/Bc.
Putting this into (1) gives the relationship P = (A/Ze)2√T (T + 2E0) between the rigid-

ity of a particle and the kinetic energy per nucleon of that particle. Bearing in mind that
m = m0/

√
1 − β2, one gets the universal relationship

P = pc/(Ze) = (A/Ze)
√

T (T + 2E0) = (A/Ze)β(T + E0), (3)
Δp∥ = ∫

1
c

eZvyδB sin(kz − ωt)dt =
1
2

1
c

eZv⊥δB ∫ {cos [(kv∥ − ω − Ω)t + kz0 − ϕ] − cos [(kv∥ − ω + Ω)t + kz0 + ϕ]} dt .
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Cosmic-Ray Modulation Equations 301

Fig. 1 Charged particle motion in a magnetic field. (a) In a uniform magnetic field the particle has a spiral
orbit with a gyroradius rg = P/Bc. (b) When the field is non-uniform the particle drifts away from a field
line due to the gradient and curvature of the field. (c) When a particle meets a kink in the field that has a scale
length ≫ rg , all particles will progress through the kink (but they may drift to adjacent field lines while doing
so). (d) Likewise, if rg ≫ scale size of the kink, all particles will pass through it without being affected much.
(e, f, g) When rg ≈ scale size of the kink, it depends on the gyrophase of the motion when the particles starts
to feel the kink whether it will go through the kink (e), be reflected back (f), or effectively get stuck in the
kink (g). This process is called pitch-angle scattering along the field. (h) When particles meet such a kink,
there is also a scattering in phase angle, which leads to scattering across the field lines, but such that κ⊥ ≪ κ∥

a circle with radius rg = mv/(qB) = p/(qB). This implies that the gyroradius depends on
two particle properties, namely its momentum and charge. For this reason we introduce the
concept of rigidity, defined as P = p/q . Then rg = P/B , which says that the gyroradius
depends on only one particle property and on the field strength.

The SI-units of rigidity are kg m s−1 C−1 or J s m−1 C−1, and this is cumbersome to use.
It can be translated into the much more useful unit of Volt (V) by noting from (1) that pc
has the same units as E. Thus, if one rather defines rigidity as P = pc/q , it has dimensions
of energy per unit charge, or potential. If energy (and pc) is expressed in eV, and charge in
terms of the number Z of elementary charges, i.e. q = Ze where e = 1.602 × 10−19 C, then
P has units of Volt (V). Thus, the formal definition of rigidity is

P ≡ pc/(Ze),

with the gyroradius given by rg = P/Bc.
Putting this into (1) gives the relationship P = (A/Ze)2√T (T + 2E0) between the rigid-

ity of a particle and the kinetic energy per nucleon of that particle. Bearing in mind that
m = m0/

√
1 − β2, one gets the universal relationship

P = pc/(Ze) = (A/Ze)
√

T (T + 2E0) = (A/Ze)β(T + E0), (3)

•Particles interact dominantly with waves the size of their gyroradius 
•Assume random Alfvén wave packages (few wavelengths long) 
•p changes substantially during one wavelength (Δp/p～1) 

•The “mean free path” i.e. the length scale motion change is
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We have used here that the gyrofrequency is W = ZeB/Gmc, p? = psinq = Gmvk,
and we approximated kvk �w �W ⇡ kvk �W, which follows from vA = w/k ⌧ vk.
Since magnetic fields change the momentum direction and not the absolute value of
the momentum, we find that for small changes in momentum

d pk =�d (pcosq) =�psinqdq = p psinq
✓

dB

B

◆
cos(kz0 �f), (3.61)

or
dq =�p

✓
dB

B

◆
cos(kz0 �f). (3.62)

The particle is subject to many interactions with various random Alfvén wave-packages
affecting only particles with gyro-frequency close to the resonant condition, resulting in
randomisation of pitch angles. The variance of the average phase will be < cos2(kz0 �
f) >= 1

2 , so that the diffusion rate of pitch angles (assuming interaction times of one
gyroperiod of t = 2p/W) is

(Dq)2

t
⇡ p

4
W

*✓
dB

B

◆2
+

(3.63)

For the particle to change its original direction, we can take Dq ⇡ 1, which gives us a
typical isotropisation time

tiso ⇡
4

pW

*✓
dB

B

◆2
+�1

. (3.64)

Using rg = v?/W, the mean free path over which the particle changes direction is

lmfp ⇡ vtiso ⇡
4
p

rg

*✓
dB

B

◆2
+�1

. (3.65)

In § 3.1.3 we discussed that the mean free path is often parametrised as lmfp =hrg, with
the factor h appearing in the acceleration time and maximum particle energy (S 3.2.3).
We see here that

h ⇡
*✓

dB

B

◆2
+�1

, (3.66)

with dB the typical perturbation of the magnetic fields fluctuations satisfying the reso-
nance condition (3.60). A more rigorous discussion can be found in [154].

The energy density in the Alfvén waves is UdB = dB
2/(8p) and the momentum

associated with the plasma waves is pdB = (1/vA)dB/8p . As long as there is a differ-
ence between the drift velocity of the cosmic rays, vD, and the Alfvén wave, the plasma
waves keep growing, until there is no net momentum transfer between the resonant par-
ticles and the plasma waves. This condition implies that for saturation the drift velocity
equals the Alfvén velocity. So the net momentum transfer is Dp = Gcrmcncr(vD � vA),
and should be established in roughly an isotropisation time tis. This Dp is absorbed by
the plasma, so the growth rate for the plasma waves is [see 97, 14]

t�1
dB ⇡ Dp

pdB

t�1
iso =

1
v
�1
A

dB2

8p

Gcrmcncr(vD � vA)

4
pW

⇣
dB

B

⌘�2 (3.67)

=
p
2

Gcr
ncr

ni
WvD � vA

vA
=

p
2

ncr

ni

|Ze|B
mic

vD � vA

vA
.

Δp∥ ≈
1
2

1
c

eZv⊥δB cos(kz0 − ϕ)Δt = ≈ π
eZv⊥δB

cΩ
cos(kz0 − ϕ) = π

eZv⊥

c
δBΓmc

eB
cos(kz0 − ϕ) = πp sin θ

δB
B

cos(kz0 − ϕ) .

•Integrate over dt≈1/Ω

•When �  we call it Bohm diffusionλmfp = rg



Magnetic field turbulence measured by 
Voyager 1

 11

magnitude (namely δBT, for Interval 1 as well as δBN and δBR
for Interval 2) appear to be statistically significant, because the
calculated slopes are consistent with Kolmogorov turbulence

and because they tend to be parallel and perpendicular to the
average magnetic field, respectively, during Interval 1 and
Interval 2, respectively.

Figure 5. The spectra computed for the three components of B during the 468-day during Interval 1 are plotted in the three panels on the left, and the corresponding
observations for Interval 2 are plotted in the three panels on the right. The power was primarily in the δBT component during Interval 1, and it was primarily in the δBR
and δBN components during Interval 2. Linear fits to the observations in the interval from 4×10−6 Hz to 3×10−7 Hz (18.2 days and to 242.3 days) give slopes
consistent with a ω−5/3 PSD for the spectra of these components.

8

The Astrophysical Journal, 854:20 (10pp), 2018 February 10 Burlaga, Florinski, & Ness

•V1/2 still sending data!! 
•Magnetic field turbulence 

important for diffusion

Burlaga+, 2018



Diffusion coefficient for cosmic rays

 12

•Diffusion coefficient: �D =
1
3

λmfpv

•D is energy dependent: mean free path increases with energy 
•For very tangled magnetic fields, assume mean free path≅gyro-radius

•Expression for diffusion coefficient (cgs):

•η is parameterisation (λ=ηrg): 

•η=1 : Bohm-diffusion (smallest diffusion coefficient possible) 
•Diffusion coefficient energy dependence is function of turbulence 

spectrum of magnetic fields

1. The origin of cosmic rays

@Ni

@t
= Dr2Ni(E) +

@

@E
[b(E)Ni(E)] + Qi(E)� Ni

⌧i
+

X

j>i

Pij

⌧j
Nj (1.1)

Diffusion coefficient
D =

1
3
�mfpv (1.2)

We can assume that the mean free path scales roughly with gyro-radius

rg =
p?

ceZB
⇡ E

eZB
⇡ 0.28Z�1

✓
E

1015eV

◆ ✓
B

5µG

◆�1

pc (1.3)

D = ⌘
1
3
c

E

eZB
⇡ Z�1 cm2s�1 (1.4)

LITERATURE

3

1. The origin of cosmic rays

@Ni

@t
= Dr2Ni(E) +

@

@E
[b(E)Ni(E)] + Qi(E)� Ni

⌧i
+

X

j>i

Pij

⌧j
Nj (1.1)

Diffusion coefficient
D =

1
3
�mfpv (1.2)

We can assume that the mean free path scales roughly with gyro-radius

rg =
p?

ceZB
⇡ E

eZB
⇡ 0.28Z�1

✓
E

1015eV

◆ ✓
B

5µG

◆�1

pc (1.3)

D = ⌘
1
3
c

E

eZB
⇡ 6.7⇥ 1027⌘Z�1

✓
E

1015eV

◆ ✓
B

5µG

◆�1

cm2s�1 (1.4)

LITERATURE

3

3.2. THE THEORY OF DIFFUSIVE SHOCK ACCELERATION 71

We have used here that the gyrofrequency is W = ZeB/Gmc, p? = psinq = Gmvk,
and we approximated kvk �w �W ⇡ kvk �W, which follows from vA = w/k ⌧ vk.
Since magnetic fields change the momentum direction and not the absolute value of
the momentum, we find that for small changes in momentum

d pk =�d (pcosq) =�psinqdq = p psinq
✓

dB

B

◆
cos(kz0 �f), (3.61)

or
dq =�p

✓
dB

B

◆
cos(kz0 �f). (3.62)

The particle is subject to many interactions with various random Alfvén wave-packages
affecting only particles with gyro-frequency close to the resonant condition, resulting in
randomisation of pitch angles. The variance of the average phase will be < cos2(kz0 �
f) >= 1

2 , so that the diffusion rate of pitch angles (assuming interaction times of one
gyroperiod of t = 2p/W) is

(Dq)2

t
⇡ p

4
W

*✓
dB

B

◆2
+

(3.63)

For the particle to change its original direction, we can take Dq ⇡ 1, which gives us a
typical isotropisation time

tiso ⇡
4

pW

*✓
dB

B

◆2
+�1

. (3.64)

Using rg = v?/W, the mean free path over which the particle changes direction is

lmfp ⇡ vtiso ⇡
4
p

rg

*✓
dB

B

◆2
+�1

. (3.65)

In § 3.1.3 we discussed that the mean free path is often parametrised as lmfp =hrg, with
the factor h appearing in the acceleration time and maximum particle energy (S 3.2.3).
We see here that

h ⇡
*✓

dB

B

◆2
+�1

, (3.66)

with dB the typical perturbation of the magnetic fields fluctuations satisfying the reso-
nance condition (3.60). A more rigorous discussion can be found in [154].

The energy density in the Alfvén waves is UdB = dB
2/(8p) and the momentum

associated with the plasma waves is pdB = (1/vA)dB/8p . As long as there is a differ-
ence between the drift velocity of the cosmic rays, vD, and the Alfvén wave, the plasma
waves keep growing, until there is no net momentum transfer between the resonant par-
ticles and the plasma waves. This condition implies that for saturation the drift velocity
equals the Alfvén velocity. So the net momentum transfer is Dp = Gcrmcncr(vD � vA),
and should be established in roughly an isotropisation time tis. This Dp is absorbed by
the plasma, so the growth rate for the plasma waves is [see 97, 14]

t�1
dB ⇡ Dp

pdB

t�1
iso =

1
v
�1
A

dB2

8p

Gcrmcncr(vD � vA)

4
pW

⇣
dB

B

⌘�2 (3.67)
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vD � vA
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.



Cosmic-ray propagation: some words on 
diffusion
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•Cosmic-ray transport equation:

4. The transport of cosmic rays in the Galaxy

The distribution of cosmic rays in the galaxy is governed by the transport equation:

@Ni(E)

@t
= r (D(Ei)rNi(E))�rvNi(E)�Ni(E)

⌧i
+

@

@E
[bi(E)Ni(E)]+

X

j>i

Pij

⌧j
Nj+Qi(E), (4.1)

with Ni(E) the density per unit energy of cosmic ray species i. The different terms on the right hand side
indicate respectively (1) transport through diffusion, with D(E) the diffusion coefficient, (2) transport
due to advection with the plasma in the interstellar medium (ISM), (3) energetic losses, (4) the decay of
a particle of species i as a result of nuclear decay or spallation, (5) gain through spallation (break up of
primary cosmic ray particles j into secondary cosmic rays particles i, and finally (5) a cosmic ray source
term, representing the injection of new cosmic rays into the ISM.

A usual assumption to make is that the cosmic-ray distribution in the Galaxy is steady state, i.e. the
cosmic ray energy density in the various regions of the Galaxy is roughy constant. This would imply
@Ni@t = 0. The energy losses (3) are caused by various processes, such as at low energy ionization
losses, Coulomb collisions, and radiation losses due to bremsstrahlung, inverse Compton scattering and
synchrotron radiation (for electrons) and pion production (for cosmic-ray nuclei).

The transport equation can be solved by extensive numerical modeling, such as is done with the cosmic
ray transport codes such as GALPROP (?) and DRAGON (?).

4.1 THE LEAKY BOX MODEL

For estimates of cosmic-ray transport properties from the cosmic-ray spectrum and composition as ob-
served in the solar system one often makes use of the so-called Leaky Box model. In this model one
assumes that cosmic rays either escape from the Galaxy with an escape time ⌧esc or cosmic-ray nuclei
experience spallation. This turns out to be a good approximation as energetic losses of cosmic-ray nuclei
are small compared to spallation and escape for energies above 100 MeV.

With these assumptions Eq. 4.2 simplifies to equation:

@Ni(E)

@t
=� Ni(E)

⌧esc,i
� Ni(E)

⌧i
+

X

j>i

Pij

⌧j
Nj + Qi(E), (4.2)

@Ni(E)

@t
=� Ni(E)

⌧esc,i
� Ni(E)

⌧i
+ Ci(E) + Qi(E),

Ci(E) ⌘
X

j>i

Pij

⌧j
Nj .

15

diffusion advection
radio-activity

gains/losses
spallation

source term

•Advection: go with the flow 
•Diffusion: random walk through space 
•D= diffusion coefficient [cm2s] 
•With only left hand-side and first term: Fick’s second law for diffusion 
•Diffusion also important for astrophysical particle acceleration:  

Diffusive Shock Acceleration (DSA)



Cartoon of Leaky Box model
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8CHAPTER 1. SUPERNOVA REMNANTS AND COSMIC RAYS: INTRODUCTION AND THEORY

2H

R

Figure 1.3: Illustration of the leaky box model for cosmic-ray transport. The cosmic-
ray particles occupy a cylindrical volume (“the box”) with height 2H and radius R�H,
and diffuse within this volume for an average time tesc before escaping.

The magnetic-field irregularities themselves are caused by turbulence in the inter-
stellar medium (ISM), which itself is generated by energy input from, among others,
supernovae and stellar winds. The magnetic-field irregularities are associated with
Alfvén waves, or its close relative, magnetosonic waves, which are similar to sound
waves, except that the restoring force is the magnetic pressure, or a combination of
magnetic pressure and gas pressure. Alfvén waves travel with velocity

vA =
Bp
4pr

⇡ 9
⇣

nH

1 cm�3

⌘�1/2
✓

B

5 µG

◆
km s�1, (1.5)

with B = 5 µG the typical magnetic field strength in the Galaxy [e.g. 25]. Note that
this corresponds to a pressure of PB = B

2/(8p)⇡ 1⇥10�12 erg cm�3 = 0.6 eV cm�3,
which is approximately equal to the local cosmic-ray energy density in the Galaxy
(§ 1.1.1). The gas pressure is also close to the magnetic pressure. The similarities
between these different pressure components suggests a symbiotic relation between
cosmic rays, gas and magnetic fields, resulting in near equipartition.

The overall distribution of cosmic rays in the galaxy is governed by the cosmic-ray
transport equation, which can be written as

(i) (ii) (iii) (iv)

∂ni(E)
∂ t

= —(D—ni(E)) �—vNi(E) + ∂
∂E

[bi(E)ni(E)] � ni(E)
gti

+Â j>i�
n j(E)
gt ji

� r
mp

bcÂ j<i si,jni + r
mp

bcÂk>i sk,ink +Qi(E),

(v) (vi) (vii) (viii)
(1.6)

with ni(E) the density per unit energy of cosmic-ay species i. The different terms on
the right hand side indicate respectively (i) transport through diffusion, (ii) transport

•Assume all CRs are trapped in box 
•CRs are well mixed inside box 
•Every now and then a CR particle is taken from the box



Estimating diffusion coefficient
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1. The origin of cosmic rays

@Ni

@t
= Dr2Ni(E) +

@

@E
[b(E)Ni(E)] + Qi(E)� Ni

⌧i
+

X

j>i

Pij

⌧j
Nj (1.1)

Diffusion coefficient
D =

1
3
�mfpv (1.2)

We can assume that the mean free path scales roughly with gyro-radius

rg =
p?

ceZB
⇡ E

eZB
⇡ 0.28Z�1

✓
E

1015eV

◆ ✓
B

5µG

◆�1

pc (1.3)

D = ⌘
1
3
c

E

eZB
⇡ 6.7⇥ 1027⌘Z�1

✓
E

1015eV

◆ ✓
B

5µG

◆�1

cm2s�1 (1.4)

Now returning to the diffusion equation. If we neglect all spallation and energy loss terms, and assume
steady state @Ni

@t = 0, we obtain

Dr2Ni(E) ⇡Ni

⌧i

D
Ni

L2
⇠Ni

⌧i

D ⇡ L2

⌧i
⇡ (300pc)2

107yr
⇡ 3⇥ 1027cm2s

LITERATURE

3

•Approximate

•Assume steady state: dN/dt=0 and “Leaky Box” approximation:

•Further approximation

•Using typical escape time (1.5x107yr) and Galactic scale height 1500pc:

•This corresponds to mfp of 1.5 pc, energies ≈1-10 GeV, and η～106 

Dr2Ni(E) ⇡ � Ni

⌧esc

D
Ni(E)

L2
⇡ Ni(E)

⌧esc(E)

D ⇡ L2

⌧esc
⇡ (1500 pc)2

1.5⇥ 107yr
⇡ 4.5⇥ 1028 cm2s�1



Source spectrum versus cosmic-ray spectrum
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•Consider again

•Assume diffusion coefficient is energy (rigidity) dependent:

D(R) = D0

✓
R

R0

◆�

⇡ D0

✓
E

E0

◆�

•Escape time �  scales as �(r = 2Dt) τesc ∝ D−1 ∝ E−δ

•Approximate: � , use Leaky Box, and ignore losses: 

�

dN/dt = 0

0 =
Ni

τesc
+ Qi(E)

•For input spectrum � :  �Qi(E) = KE−q Ni(E) ∝ E−q−δ

•Estimate δ=0.3-0.7, q+δ=2.7 ⇒  q≈2.0-2.4 

•Often assumed δ=0.3, corresponds to Kolmogorov turbulence spectrum

1.1. INTRODUCTION: GALACTIC COSMIC RAYS 7

The composition around the cosmic-ray ”knee”

Cosmic-rays with energies in excess of 1014 are primarily detected though the exten-
sive air showers they produce. As a result the composition of very high energy cosmic
rays is more difficult to measure and rely on measuring the height at which the particle
cascade develops, and on the composition of the secondary particles that are produced,
such as the ratio of muons over electrons. This method does not provide a direct mea-
surement of the mass of the primary cosmic ray, but rather indicates whether a cosmic
ray was likely to be a proton, an intermediate mass element or a heavy particle, such
as iron. Using this method, the data from the Karlsruhe Shower Core and Array De-
tector (KASCADE) indicate that the cosmic-ray composition is changing around the
”knee” from being proton-rich up to ⇠ 3⇥ 1015 eV, to a composition that is increas-
ingly more dominated by massive particles [17]. The change in composition indicate
that the ”knee” at 3⇥ 1015 eV is caused by a rigidity effect. The rigidity of parti-
cle is R ⌘ pc/eZ and is defined such that the gyroradius (1.2) of a particle is given
by rg = R/(Bc) (see also the discussion of dust acceleration above). It is likely that
the maximum energy that particles can be accelerated through depends on the gyro-
radius of the particles, and hence should be dependent on the rigidity of the cosmic
rays. The change in composition at the knee, therefore suggests that in the source
protons can be accelerated up to energies of the knee, which implies that the most
abundant heavy element, iron (Z = 26), should result in a break in the cosmic-ray spec-
trum of E = Z⇥3⇥1015 = 7.8⇥1016 eV. Indeed, an extended version of KASCADE,
KASCADE-Grande, measured the presence of a ”knee-like” structured in the heavy el-
ement cosmic-ray spectrum around 8⇥1016 eV [19], which seems to be accompanied
by a transition again to lighter elements [20].

1.1.3 Cosmic-ray transport in the Galaxy

Being charged particles, cosmic rays move around following magnetic field lines.
Since the magnetic field in the Galaxy is not fully structured, but has irregularities,
the cosmic-rays do not follow ordered paths, but instead randomly wander around, dif-
fusing away from their acceleration sites. The diffusion coefficient of D(p) depends on
momentum, with particles being mostly sensitive to magnetic-field irregularities with
length scales comparable to their gyroradius (1.2); see § 1.2.9 for more details. In the
most extreme case when dB/B & 1 for fluctuations on length scales of the gyroradius,
the effective mean free path, lmfp, of the particles can be as small as the gyroradius.
This situation is referred to as Bohm diffusion, but more generally the diffusion coeffi-
cient is parametrised using the gyroradius:

D =
1
3

lmfpv =
1
3

hrgbc, (1.3)

with h the parametrisation factor, h = 1 indicating Bohm diffusion. Since the gyro-
radius scales with the rigidity another parametrisation for D that is often employed
is

D(R) = D0

✓
R

R0

◆d
, (1.4)

with d typically found to be 0.3. d . 0.7 [103]. Note that a constant (non-rigidity/energy-
dependent) h corresponds to d = 1, whereas d = 1/3 corresponds to the Kolmogorov
spectrum of magnetic-field turbulence.

4. The transport of cosmic rays in the Galaxy

The distribution of cosmic rays in the galaxy is governed by the transport equation:

@Ni(E)

@t
= r (D(Ei)rNi(E))�rvNi(E)�Ni(E)

⌧i
+

@

@E
[bi(E)Ni(E)]+

X

j>i

Pij

⌧j
Nj+Qi(E), (4.1)

with Ni(E) the density per unit energy of cosmic ray species i. The different terms on the right hand side
indicate respectively (1) transport through diffusion, with D(E) the diffusion coefficient, (2) transport
due to advection with the plasma in the interstellar medium (ISM), (3) energetic losses, (4) the decay of
a particle of species i as a result of nuclear decay or spallation, (5) gain through spallation (break up of
primary cosmic ray particles j into secondary cosmic rays particles i, and finally (5) a cosmic ray source
term, representing the injection of new cosmic rays into the ISM.

A usual assumption to make is that the cosmic-ray distribution in the Galaxy is steady state, i.e. the
cosmic ray energy density in the various regions of the Galaxy is roughy constant. This would imply
@Ni@t = 0. The energy losses (3) are caused by various processes, such as at low energy ionization
losses, Coulomb collisions, and radiation losses due to bremsstrahlung, inverse Compton scattering and
synchrotron radiation (for electrons) and pion production (for cosmic-ray nuclei).

The transport equation can be solved by extensive numerical modeling, such as is done with the cosmic
ray transport codes such as GALPROP (?) and DRAGON (?).

4.1 THE LEAKY BOX MODEL

For estimates of cosmic-ray transport properties from the cosmic-ray spectrum and composition as ob-
served in the solar system one often makes use of the so-called Leaky Box model. In this model one
assumes that cosmic rays either escape from the Galaxy with an escape time ⌧esc or cosmic-ray nuclei
experience spallation. This turns out to be a good approximation as energetic losses of cosmic-ray nuclei
are small compared to spallation and escape for energies above 100 MeV.

With these assumptions Eq. 4.2 simplifies to equation:

@Ni(E)

@t
=� Ni(E)

⌧esc,i
� Ni(E)

⌧i
+

X

j>i

Pij

⌧j
Nj + Qi(E), (4.2)

@Ni(E)

@t
=� Ni(E)

⌧esc,i
� Ni(E)

⌧i
+ Ci(E) + Qi(E),

Ci(E) ⌘
X

j>i

Pij

⌧j
Nj .

15



Boron/Carbon (Pamela)

 17

The Astrophysical Journal, 791:93 (11pp), 2014 August 20 Adriani et al.

E(GeV/n)
0.4 1 2 3 4 5 6 7 8 910 20 30 40 50 100

1.
7

 (G
eV

/n
)

-1
 s

 s
r)

2
 (m

2.
7

 E×
Fl

ux
 

-1
10

1

10
C

B

PAMELA
Galprop
CREAM
TRACER
ATIC-2
HEAO
CRN

E(GeV/n)
0.4 1 2 3 4 5 6 7 8 10 20 30 40 100

B
/C

0.05

0.1

0.15

0.2

0.25

0.3

0.35

0.4

0.45

0.5

PAMELA
AMS-02 (preliminary)
Galprop
CREAM
TRACER
ATIC-2
HEAO
AMS-01

Figure 5. Absolute boron and carbon fluxes multiplied by E2.7 (upper panel) and B/C flux ratio (lower panel) as measured by PAMELA, together with results from
other experiments (AMS02 (Oliva et al. 2013), CREAM (Ahn et al. 2008), TRACER (Obermeier et al. 2011), ATIC-2 (Panov et al. 2008), HEAO (Engelmann et al.
1990), AMS01 (Aguilar et al. 2010), CRN (Swordy et al. 1990)) and a theoretical calculation based on GALPROP (see Section 5), as functions of kinetic energy per
nucleon. For PAMELA data the error bars represent the statistical error and the shaded area is the overall systematic uncertainty summarized in Appendix A.
(A color version of this figure is available in the online journal.)

types, thus the PAMELA data cannot distinguish between these
two types.
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APPENDIX A

SYSTEMATIC UNCERTAINTIES

The following contributions to the systematic uncertainty
have been considered.

1. Selection efficiencies. The measurement of the tracking and
charge selection efficiencies from flight data is performed

using samples of finite size. The associated statistical error
has been propagated to the flux as a systematic uncertainty.

2. Fiducial containment. The finite tracking resolution of the
calorimeter can lead to a contamination of the tracking
efficiency sample by events coming from outside the
fiducial acceptance, and possibly also crossing the magnet
walls. These can in principle be eliminated by further
restricting the fiducial volume for both event selection and
efficiency measurement, but this would significantly reduce
the sample sizes. The chosen approach is to use protons
from both flight and simulated data to measure the tracking
efficiency for both the fiducial volume defined in Section 3.2
and a more restrictive one. Their relative difference is taken
as an estimate of the systematic uncertainty, which is about
2%. Monte Carlo simulations give results for boron and
carbon which are consistent with the one obtained with
protons. The uncertainty is propagated to the final flux.
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Table 1
Observed Number of Events, Absolute Fluxes, and the B/C Flux Ratio as Function of Kinetic Energy per Nucleon

Kinetic Energy ⟨E⟩ C Events C Flux 10B Events 11B Events B Flux B/C
at Top of Payload Value ± Stat. ± Syst. Value ± Stat. ± Syst. Value ± Stat. ± Syst.
(GeV/n) (GeV/n) (GeV/n m2 s sr)− 1 (GeV/n m2 s sr)− 1

0.44–0.58 0.49 5146 (5.26 ± 0.08 ± 0.26) 1566 1795 (1.73 ± 0.04+0.09
− 0.08) (3.28 ± 0.09+0.23

− 0.22) × 10− 1

0.58–0.76 0.65 6651 (4.27 ± 0.05 ± 0.21) 1955 2092 (1.38 ± 0.03+0.07
− 0.06) (3.24 ± 0.07+0.23

− 0.21) × 10− 1

0.76–1.00 0.85 7359 (3.30 ± 0.04 ± 0.16) 2300 2320 (1.102 ± 0.020+0.059
− 0.050) (3.34 ± 0.07+0.24

− 0.22) × 10− 1

1.00–1.30 1.13 7578 (2.45 ± 0.03 ± 0.12) 2351 2248 (7.85 ± 0.14+0.42
− 0.36) × 10− 1 (3.21 ± 0.07+0.23

− 0.21) × 10− 1

1.30–1.71 1.50 7033 (1.612 ± 0.019 ± 0.078) 2281 2166 (5.18 ± 0.10+0.29
− 0.24) × 10− 1 (3.22 ± 0.07+0.24

− 0.22) × 10− 1

1.71–2.24 1.94 6369 (1.057 ± 0.013 ± 0.051) 1960 1737 (3.06 ± 0.06+0.17
− 0.15) × 10− 1 (2.89 ± 0.07+0.22

− 0.20) × 10− 1

2.24–2.93 2.53 5673 (6.70 ± 0.09 ± 0.32) × 10− 1 1691 1553 (1.88 ± 0.04+0.11
− 0.09) × 10− 1 (2.80 ± 0.07+0.21

− 0.20) × 10− 1

2.93–3.84 3.34 4795 (3.99 ± 0.06 ± 0.20) × 10− 1 1350 1202 (1.03 ± 0.03 ± 0.07) × 10− 1 (2.59 ± 0.09+0.23
− 0.21) × 10− 1

3.84–5.03 4.36 3990 (2.32 ± 0.04 ± 0.12) × 10− 1 1078 945 (5.8 ± 0.2 ± 0.4) × 10− 2 (2.49 ± 0.10+0.22
− 0.21) × 10− 1

5.03–6.60 5.73 3270 (1.31 ± 0.02 ± 0.07) × 10− 1 811 704 (3.05 ± 0.12+0.23
− 0.22) × 10− 2 (2.32 ± 0.10+0.21

− 0.20) × 10− 1

6.60–8.65 7.49 2717 (7.32 ± 0.14 ± 0.38) × 10− 2 612 540 (1.56 ± 0.07 ± 0.12) × 10− 2 (2.134 ± 0.10+0.20
− 0.19) × 10− 1

8.65–11.3 9.81 2048 (3.65 ± 0.08 ± 0.19) × 10− 2 454 369 (7.8 ± 0.4 ± 0.6) × 10− 3 (2.128 ± 0.12 ± 0.20) × 10− 1

11.3–14.9 12.9 1337 (1.81 ± 0.05 ± 0.10) × 10− 2 253 217 (3.6 ± 0.2 ± 0.3) × 10− 3 (1.99 ± 0.13+0.20
− 0.19) × 10− 1

14.9–19.5 16.9 851 (9.0 ± 0.3 ± 0.5) × 10− 3 149 121 (1.56 ± 0.12+0.13
− 0.12) × 10− 3 (1.73 ± 0.15 ± 0.17) × 10− 1

19.5–25.5 22.1 571 (4.6 ± 0.2 ± 0.3) × 10− 3 85 69 (6.7 ± 0.7 ± 0.6) × 10− 4 (1.45 ± 0.16 ± 0.14) × 10− 1

25.5–43.8 32.6 590 (1.67 ± 0.07 ± 0.07) × 10− 3 79 65 (2.1 ± 0.2 ± 0.1) × 10− 4 (1.22 ± 0.13 ± 0.09) × 10− 1

43.8–75.3 55.7 225 (3.8 ± 0.3 ± 0.2) × 10− 4 31 24 (4.2 ± 0.6 ± 0.3) × 10− 5 (1.11 ± 0.18 ± 0.08) × 10− 1

75.3–129 95.6 86 (8.5 ± 0.8 ± 0.4) × 10− 5 9 7 (8.4 ± 1.5 ± 0.5) × 10− 6 (10 ± 2 ± 0.7) × 10− 2

Note. Both the event counts for pure 10B and pure 11B hypotheses are reported.

Table 2
Observed Number of Events, Absolute Fluxes, and the B/C Flux Ratio as Function of Rigidity

Rigidity ⟨ρ⟩ C Events C Flux B Events B Flux B/C
at Top of Payload Value ± Stat. ± Syst. Value ± Stat. ± Syst. Value ± Stat. ± Syst.
(GV) (GV) (GV m2 s sr)− 1 (GV m2 s sr)− 1

2.02–2.38 2.19 5146 (2.01 ± 0.03 ± 0.10) 1566 (6.26 ± 0.16 ± 0.29) × 10− 1 (3.12 ± 0.09 ± 0.21) × 10− 1

2.38–2.82 2.57 6651 (1.73 ± 0.02 ± 0.08) 1955 (5.49 ± 0.13 ± 0.25) × 10− 1 (3.17 ± 0.08 ± 0.21) × 10− 1

2.82–3.37 3.06 7359 (1.413 ± 0.017 ± 0.068) 2300 (4.72 ± 0.10 ± 0.21) × 10− 1 (3.34 ± 0.08 ± 0.22) × 10− 1

3.37–4.06 3.67 7578 (1.093 ± 0.013 ± 0.053) 2351 (3.67 ± 0.08 ± 0.17) × 10− 1 (3.35 ± 0.08 ± 0.22) × 10− 1

4.06–4.93 4.45 7033 (7.44 ± 0.09 ± 0.36) × 10− 1 2281 (2.52 ± 0.05 ± 0.11) × 10− 1 (3.39 ± 0.08 ± 0.22) × 10− 1

4.93–6.06 5.44 6369 (5.00 ± 0.06 ± 0.24) × 10− 1 1960 (1.56 ± 0.04 ± 0.07) × 10− 1 (3.12 ± 0.08 ± 0.21) × 10− 1

6.06–7.50 6.70 5673 (3.23 ± 0.04 ± 0.16) × 10− 1 1691 (9.9 ± 0.2 ± 0.5) × 10− 2 (3.06 ± 0.08 ± 0.21) × 10− 1

7.50–9.36 8.34 4795 (1.95 ± 0.03 ± 0.10) × 10− 1 1350 (5.52 ± 0.15 ± 0.34) × 10− 2 (2.83 ± 0.09 ± 0.23) × 10− 1

9.36–11.8 10.4 3990 (1.143 ± 0.018 ± 0.058) × 10− 1 1078 (3.19 ± 0.10 ± 0.20) × 10− 2 (2.79 ± 0.10 ± 0.23) × 10− 1

11.8–15.0 13.2 3270 (6.49 ± 0.11 ± 0.33) × 10− 2 811 (1.70 ± 0.06 ± 0.11) × 10− 2 (2.61 ± 0.10 ± 0.22) × 10− 1

15.0–19.1 16.8 2717 (3.64 ± 0.07 ± 0.19) × 10− 2 612 (8.8 ± 0.4 ± 0.6) × 10− 3 (2.43 ± 0.11 ± 0.21) × 10− 1

19.1–24.5 21.4 2048 (1.82 ± 0.04 ± 0.10) × 10− 2 454 (4.4 ± 0.2 ± 0.3) × 10− 3 (2.42 ± 0.13 ± 0.21) × 10− 1

24.5–31.5 27.6 1337 (9.1 ± 0.3 ± 0.5) × 10− 3 253 (2.02 ± 0.13 ± 0.15) × 10− 3 (2.24 ± 0.15 ± 0.20) × 10− 1

31.5–40.8 35.6 851 (4.51 ± 0.16 ± 0.24) × 10− 3 149 (8.9 ± 0.7 ± 0.7) × 10− 4 (1.96 ± 0.18 ± 0.18) × 10− 1

40.8–52.9 46.1 571 (2.32 ± 0.10 ± 0.13) × 10− 3 85 (3.9 ± 0.4 ± 0.3) × 10− 4 (1.7 ± 0.2 ± 0.16) × 10− 1

52.9–89.5 67.1 590 (8.4 ± 0.4 ± 0.3) × 10− 4 79 (1.18 ± 0.14 ± 0.07) × 10− 4 (1.41 ± 0.18 ± 0.10) × 10− 1

89.5–152 113 225 (1.92 ± 0.14 ± 0.08) × 10− 4 31 (2.5 ± 0.5 ± 0.1) × 10− 5 (1.3 ± 0.3 ± 0.09) × 10− 1

152–260 193 86 (4.3 ± 0.4 ± 0.2) × 10− 5 9 (4.7 ± 1.1 ± 0.3) × 10− 6 (1.1 ± 0.3 ± 0.08) × 10− 1

discussion is intentionally limited to a single propagation model
in order to compute an estimate of the most significant propa-
gation parameters from the PAMELA boron and carbon data.
Results may vary when considering different models or propa-
gation software packages.

The data presented in the previous section as a function of
kinetic energy per nucleon has been fitted with a diffusive cosmic
ray propagation model using the GALPROP code interfaced
with the MIGRAD minimizer in the MINUIT2 minimization
package distributed within the ROOT framework (Brun &
Rademakers 1997). Only a few parameters have been left free
because of the high computation time required for multiple

GALPROP runs. The values for the other parameters have
been taken from (Vladimirov 2012). The diffusion coefficient
is found to have a fitted slope value of δ = 0.397 ± 0.007 and
a normalization factor D0 = (4.12 ± 0.04) × 1028 cm2 s− 1.
Other fitted parameters are the solar modulation parameter
in the force-field approximation Φ = (0.40 ± 0.01) GV and
the overall normalization of the fluxes N = 1.04 ± 0.03.
The result of the fit is shown in Figures 5 and 6. A contour
plot of the confidence intervals for δ and D0 is shown in
Figure 7.

The fitted value for δ falls between the predicted values for
Kolmogorov (δ = 1/3) and Kraichnan (δ = 1/2) diffusion

7



2 Sources of (Galactic) cosmic rays
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Hillas Diagram: what are the sources of cosmic rays?

 19

IGM
Shocks

Neutron
Stars

White
Dwarfs

AGNRadio jets

Sun 
spots

Magnetic
stars

stellar
winds

SNRs

GRBs?

•Hillas diagram generalizes notion that in order to accelerate particles you 
need to confine them to source: 
•Gyroradius needs to be ≈0.1x size of object 
•Either large scale objects (IGM shocks) with low magnetic field 
•Or small objects with large fields (neutron stars) 

•Hillas diagram does not tell whether acceleration occurs



Some potential sources of cosmic rays
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Galactic extragalactic



Origin of Galactic cosmic rays
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•Assume there is a dominant source 
•This source needs to fullfill two criteria: 

1.Able to accelerate particles up to 3x1015eV or beyond 
2.Able provide enough energy to sustain cosmic-ray energy Galaxy

•Criterion 2:  
•assume steady state  
•energy density in cosmic rays Ucr≈ 1 eV cm-3 

•Volume of Milky Way V=πR2(2H)≈6x1011pc3, R≈10 kpc, H≈1000 pc 
•Energy E≈3x1055 erg 
•Power needed: P=dE/dt≈3x1055erg/1.5x107 yr≈6x1040 erg/s

8CHAPTER 1. SUPERNOVA REMNANTS AND COSMIC RAYS: INTRODUCTION AND THEORY

2H

R

Figure 1.3: Illustration of the leaky box model for cosmic-ray transport. The cosmic-
ray particles occupy a cylindrical volume (“the box”) with height 2H and radius R�H,
and diffuse within this volume for an average time tesc before escaping.

The magnetic-field irregularities themselves are caused by turbulence in the inter-
stellar medium (ISM), which itself is generated by energy input from, among others,
supernovae and stellar winds. The magnetic-field irregularities are associated with
Alfvén waves, or its close relative, magnetosonic waves, which are similar to sound
waves, except that the restoring force is the magnetic pressure, or a combination of
magnetic pressure and gas pressure. Alfvén waves travel with velocity

vA =
Bp
4pr

⇡ 9
⇣

nH

1 cm�3

⌘�1/2
✓

B

5 µG

◆
km s�1, (1.5)

with B = 5 µG the typical magnetic field strength in the Galaxy [e.g. 25]. Note that
this corresponds to a pressure of PB = B

2/(8p)⇡ 1⇥10�12 erg cm�3 = 0.6 eV cm�3,
which is approximately equal to the local cosmic-ray energy density in the Galaxy
(§ 1.1.1). The gas pressure is also close to the magnetic pressure. The similarities
between these different pressure components suggests a symbiotic relation between
cosmic rays, gas and magnetic fields, resulting in near equipartition.

The overall distribution of cosmic rays in the galaxy is governed by the cosmic-ray
transport equation, which can be written as

(i) (ii) (iii) (iv)

∂ni(E)
∂ t

= —(D—ni(E)) �—vNi(E) + ∂
∂E

[bi(E)ni(E)] � ni(E)
gti

+Â j>i�
n j(E)
gt ji

� r
mp

bcÂ j<i si,jni + r
mp

bcÂk>i sk,ink +Qi(E),

(v) (vi) (vii) (viii)
(1.6)

with ni(E) the density per unit energy of cosmic-ay species i. The different terms on
the right hand side indicate respectively (i) transport through diffusion, (ii) transport



Origin of Galactic cosmic rays
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http://apod.nasa.gov/apod/ap051107.html

•Two constraints for Galactic sources: 
•Is total power provided enough? 
•Are they capable of accelerating up 

to 3x1015eV?

SN1572SN1987A Crab Nebula

NGC 7635



4 Supernovae (remnants) as sources of 
Galactic cosmic rays
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Frits ZwickyWalther Baade

ASTRONOMY: BAADE AND ZWICKY

advanced in this article must be postponed because of lack of space. We
wish to say only

(1) So far we cannot offer any satisfactory explanation of the east-
west effect.

(2) It remains to be explained why the dust and gas clouds which lie
along the principal plane of our own galaxy do not appreciably absorb the
cosmic rays.5 This point, however, needs further observational testing.

In addition, the new problem of developing a more detailed picture of the
happenings in a super-nova now confronts us. With all reserve we ad-
vance the view that a super-nova represents the transition of an ordinary
star into a neutron star, consisting mainly of neutrons. Such a star may
possess a very small radius and an extremely high density. As neutrons
can be packed much more closely than ordinary nuclei and electrons, the
"gravitational packing" energy in a cold neutron star may become very
large, and, under certain circumstances, may far exceed the ordinary
nuclear packing fractions. A neutron star would therefore represent the
most stable configuration of matter as such. The consequences of this
hypothesis will be developed in another place, where also will be mentioned
some observations that tend to support the idea of stellar bodies made up
mainly of neutrons.

D. Conclusions.-From the data available on super-novae we conclude
(1) Mass may be annihilated in bulk. By this we mean that an assembly

of atoms whose total mass is M may lose in the form of electromagnetic
radiation and kinetic energy an amount of energy ET which probably
cannot be accounted for by the liberation of known nuclear packing frac-
tions. Several interpretations of this result are possible and will be pub-
lished in another place.

(2) The hypothesis that super-novae emit cosmic rays leads to a very
satisfactory agreement with some of the major observations on cosmic
rays.
Our two conclusions are essentially independent of each other and should

perhaps be judged separately, each on its respective merits.
F. Zwicky, Phys. Rev., 43, 147 (1933).

2 E. Regener, Zeit. f. Phys., 80, 666 (1933).
3 R. A. Millikan, I. S. Bowen and H. V. Neher, Phys. Rev., 44, 246 (1933).
4E. Regener, Nature, 132, 696 (1933).
6 F. Zwicky, Helvetica Physica Acta, 6, 110 (1933).
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Unfortunately, at the present time only a few underexposed spectra
of super-novae are available, and it has not thus far been possible to inter-
pret them.

1 S. I. Bailey, Pop. Astr., 29, 554 (1921).
2 K. Lundmark, Kungi. Svenska Vetensk. Handlingar, 60, No. 8 (1919).
3 Handbuch d. Astrophysik, Vol. VI (Novae).

COSMIC RA YS FROM SUPER-NOVAE
By W. BAADE AND F. ZWICKY

MOUNT WILSON OBSERVATORY, CARNEGIE INSTITUTION OF WASHINGTON AND CALI-
FORNIA INSTITUTE OF TECHNOLOGY, PASADENA

Communicated March 19, 1934

A. Introduction.-Two important facts support the view that cosmic
rays are of extragalactic origin, if, for the moment, we disregard the
possibility that the earth may possess a very high and self-renewing
electrostatic potential with respect to interstellar space.

(1) The intensity of cosmic rays is practically independent of time.
This fact indicates that the origin of these rays can be sought neither in
the sun nor in any of the objects of our own Milky Way.

(2) The decrease in intensity of cosmic rays in equatorial regions has
successfully been explained by assuming that at least a part of the rays
consists of very energetic, positively or negatively charged particles.
These particles must be of extra-terrestrial origin, as otherwise the dis-
tance traversed by them would not be long enough for the earth's magnetic
field to produce the observed dip in intensity at the equator.

From the fact that in the cloud-chamber experiments no protons or
charged particles heavier than electrons have been observed in any con-
siderable number, one might conclude that the corpuscular component of
cosmic rays consists of positive or negative electrons, or both. The
characteristics of the east-west effect indicate that the positively charged'
particles far outnumber the negatives. However, whether or not these
particles are electrons cannot as yet be said with certainty, since the
electrons which are observed in cloud chambers may all be secondary
particles formed in the earth's atmosphere by different primaries.
With the facts mentioned as a beginning it has become customary to

reason approximately as follows. Since none of the objects of our Milky
Way seem to produce any cosmic rays, these rays probably are not emitted
from any of the extragalactic nebulae either, as the spirals among these
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Are Galactic cosmic rays powered by 
supernovae?

 24 24

•Energetic requirements are good: 
•supernovae surveys: ～ 2 SNe per century for Milky Way-like galaxies 
•supernova energy ≈ 1051 erg 
•total power dE/dt=1051/(50 yr)≈6x1041 erg = 10% (dE/dt)cr 

•efficiency <100% but high

•When and how is this energy used? 
•Baade & Zwicky: supernova directly accelerates 
•Radio observations: synchrotron radiations from supernova remnants 

- synchtrotron → need accelerated electrons 
- perhaps cosmic ray acceleration occurs in supernova remnant stage



Other potential sources?

 25

•NB: pusars are thought to accelerate electron/positrons pairs

1.1.
IN

TRO
D

U
C

TIO
N

:G
A

LA
C

TIC
C

O
SM

IC
R

AY
S

13

Table 1.1: Energy sources in the Galaxy and the total mechanical power they may provide.

Source type Primary energy source Frequency Total Galactic Power Remarks
(erg) (yr�1) (erg s�1)

supernova remnants 1051 ⇡ 1/30 ⇡ 1042

pulsars Erot = 5⇥1048(P/100 ms)�2 erg < 1/30 . 2⇥1040 Eq. (??). e
+/e

� source.
stellar winds ⇡ 2⇥1049 < 1/30 . 5⇥1040 See § ??
superbubbles 1051 < 1/30 . 1042 [235].
Novae ⇡ 1046 ⇡ 50 ⇡ 2⇥1040 [264]
X-ray binaries/micro-quasars < 1049 50�200 sources . 2⇥1040 [133]
Central Black Hole ? 1036 �1040? [187, 156, 185]



6 CHAPTER 2. SUPERNOVAE

Figure 2.3:
fig:sn_classification

Supernova classification scheme.

Figure 2.4:
fig:sn_spectra

Examples of optical spectra of supernovae of different classes.

programs like the Palomar Transient Factor [PTF 822], Pann-Stars, and in the future
(& 2022) the Large Synoptic Survey Telescope [519].

To illustrate the expansion of supernova survey one should consider that the nam-
ing convention for supernovae was always the indication SN followed by the year,
followed by a letter indicating the order of discovery. The famous SN1987A was the
first supernova discovered in 1987, and was discovered on February 23. After the rise
in supernova surveys one letter is no longer enough, and up to three letters are needed
(now the convention is to use lower case). For example, the last supernova discovered
in 2017 was SN2017jmj, which was the 7108th supernova of that year. This means
that on average 19.5 supernovae were discovered per day! Note that some supernovae
are named after the survey in which they were discovered. For example, the SN Ia
supernova SN2011fe in the nearby galaxy M101, is also referred to as PTF11kly.

The proliferation in supernova discovery has also led to many supernovae that are
in peculiar in some way or another, like extremely bright, or exactly the opposite. This
book is not the place to discuss all the observed variations, so we limit ourselves to the
broad classes that cover the majority of the observed supernovae.

2.1 The optical classification of supernovae
2.1.1 Spectroscopic classification
As stated above their are two broad classes in which supernovae are divided: core col-
lapse supernovae and thermonuclear supernovae. However, the commonly used clas-
sification scheme is based on the optical spectra and light curves. Supernovae have

A brief intro on supernova remnants
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•Optical classification: based on SN spectrum and light curve 
•Physical classification: 

•Massive star: Core implodes → NS forms →  neutrino emission →explosion  
- Hydrogen layer  → Type II (L/P) or Type IIb 
- Hydrogen layer stripped →Type Ib/c 

•White dwarf in binary: CO WD accretes → pressure in core high →C&O fuses 
→runaway process → thermonuclear explosion → Type Ia 



Supernova remnants
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•Supernova explosion sets off a shock wave in ambient medium 
•Can be (initially) through stellar wind of progenitor star 
•ISM: relatively low density 
•Former stellar wind: high density, but dropping as 1/r2 

•Shock wave heats and sets in motion the ambient 
•energy of explosion spread out over more mass 

•swept up mass: �  

•energy conserved so shock velocity decelerates 

•Once : T<106 K and line cooling drains energy 

•This happens around t=10,000-20,000 yr

Msw = ∫
Rs

0
4πr2ρ(r)dr

Vs =
dRs

dt
< 200 km s−1



The reverse shock
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•An SNR in its early phases has two shocks: 
•Forward shock or blast wave → shocks ambient medium 
•Reverse shock: 

- supernova ejecta have cooled since explosion 
- ejecta have low pressure 
- shell heated by forward shock has high pressure 
- a shock forms heating again the supernova material 
- the shocked ejecta insert energy to the shell 

•Reverse shock initially moves outward (but slower than outer unshocked ejecta) 
•Later reverse shock moves backward 
•Finally: reverse shock reaches center

5.6. SELF-SIMILAR MODELS FOR THE EJECTA-DOMINATED PHASE 73

Figure 5.3:
fig:chevalier

The normalised density, pressure and velocity of a supernova remnant in
the ejecta-dominated phase as predicted by the self-similar models of [227] for ambient
medium density power-law slope s = 2 and ejecta power-law slope n = 7. The radius
is normalised to the radius of the contact discontinuity.

model is self-similar the forward-shock and reverse-shock radius have the same time
dependence. The expansion parameter for the Chevalier model is therefore m = (n�
3)/(n�s), which for s = 0 and n = 7�12, gives m = 0.57�0.75 and for s = 2 we find
m= 0.8�0.9. Note that for n= 5 we obtain the same radius evolution as for the Sedov-
Taylor model (§ 5.4). The reason is that for n ! 5 all kinetic energy is concentrated
in the outermost ejecta. So the total kinetic energy is immediately pumped into the
ambient medium, i.e. we are dealing then with a ”a point explosion”. Note that from
the very early stages of interaction with ambient medium supernova remnants are not
expected to expand with m = 1. Hence, calling the ejecta-dominated phase the free-
expansion phase can be misleading.

Like in the case of the Sedov-Taylor solution one can rewrite expressions for the
physical quantities, v,r,P in terms of dimensionless equations, with dimensionless
scaling parameter x = t�1r1/m, and inserting them in Eq. 5.23–5.25. There is no an-
alytical solution to these equations, but [227] lists numerical solutions, which are de-
picted in Fig. 5.3. Some of the key properties of the self-similar solutions are listed in
Table 5.1.

5.6.2 The transition from ejecta-dominated to adiabatic phase
{sec:truelove}

For many young supernova remnants the self-similar models of Chevalier [227] are
not really valid as the reverse shock has already progressed into the inner ejecta layers
(vcore < Rrsh/t), whereas the supernova remnants are still too young to be fully de-
scribed by the Sedov-Taylor solutions. For example, SN 1006 supernova remnants has
an expansion parameter of m = 0.54 [553], whereas in the Sedov-Taylor phase m = 0.4
is expected. A special class of self-similar analytical models aims to describe the over-
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Figure 5.1:
fig:rev_shock

Schematic view of the forward shock/reverse shock system [after 702].

5.3 The reverse shock
{sec:rev_shock}

As already indicated the fast expanding ejecta will rapidly cool adiabatically. As a
result the pressure P of the ejecta gas drops fast. For an ideal gas we have:fr

PV g =constant (5.4) {eq:adiabatic_losses}
)

Pej = P⇤
✓

Rej

R⇤

◆�3g
= P⇤

✓
Rej

R⇤

◆�5
, kTej = kT⇤

✓
Rej

R⇤

◆�2
.

with V the volume, and P⇤ and T⇤ the initial pressure and temperature at a radius R⇤.
The fastest moving, outer-most, ejecta will create a shock wave in the CSM/ISM,

and as a result a hot shell is created, which has a velocity lower than the ejecta that
caused the formation of the shock wave. As a result the freely expanding ejecta inside
the shell will collide with the shell. If this collision occurs at supersonic speed then a
shock wave will form, which (re)heats the adiabatically cooled ejecta [702]. This shock
wave is called the reverse shock (subscript rsh) and to distinguish from the forward
moving blast wave, the latter is often referred to as the forward shock (fsh).

The reverse shock (re)heats the ejecta, and makes that in young supernova remnants
we detect many X-ray lines from hot metal enriched ejecta (chapter ??). A schematic
drawing of a young supernova remnant is shown in Fig. 5.1. It shows that the hot shell
consists of two parts, roughly in pressure equilibrium: the outer most shell region con-
sists of ISM/CSM heated by the forward shock, more toward the center is the reverse
shock heated ejecta, and inside the reverse shock radius is cold freely expanding ejecta.
The boundary between the shock-heated ejecta and CSM/ISM is called the contact dis-
continuity. As the hot ejecta and shock-heated CSM/ISM are likely to have different
densities, Rayleigh-Taylor instabilities are likely to wrinkle this boundary. In addition,
clumpiness of the ejecta and/or CSM/ISM are also likely to blur the distinction between
hot ejecta and CSM/ISM.



5 Shock waves
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•Shocks are encountered in nature whenever flows are supersonic 
•i.e. the flow is faster than the local sound speed 
•more general super-magnetosonic waves  

•takes also into account Alfven waves vA2=2PB/ρ=(B2/4𝛑)ρ 
•In shocks bulk motion is convert into thermal motion (pressure) 
•Behind a shock the plasma is subsonic (in most cases) 



Astrophysical shocks
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•Shocks are found in/around many high energy astrophysical sources: 
•the sun and solar system: 

•interplanetary shocks induced by coronal mass ejections 
•the Earth bow shock 
•the solar wind termination shock 

•Compact objects: accretion shocks 
•Interstellar medium 

•supernova remnants 
•nova remnants 
•stellar winds 

•Extra-galactic shocks 
•AGN (relativistic) 
•GRBs (relativistic) 
•Clusters of galaxies 

•Many of these astrophysical shocks are also sources of high energy 
particles!!



Collisionless shocks
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•Atmospheric shocks: heating in shock due to particle-particle collisions 
•In astrophysical plasmas: density (n) is very low 
•Mean free path= 1/nσ can be very long for particles

•Estimate of cross sections, two particle m1 and m2, charge Z1,Z2 

•Impact parameter = b 
•Relevant b: kinetic energy=potential energy

8 2. DIFFUSIVE SHOCK ACCELERATION

Note that in the above equations we silently assumed that � is constant accross the shock, and that the
pressure on both sides of the shock are isotropic. For very strong shocks we do not really care much
about whether � is constant, as only the downstream value then matters. Non-isotropic pressure may be
important if magnetic fields are important. Note that the shock relations are then also different, as the
magnetic fields maty incur a pressure. See McKee & Hollenbach (1980) for the full set of jump condi-
tions including magnetic fields. Even more varied solutions exists. For example, neutral particles may
iniitially not interact with the main shock, and the full set of conserved quantities should really be eval-
uated over a large range in distance. We can also not always be sure that the enthalpy-flux is conserved.
In astrophyiscal shocks radiation from the post-shock region may cause violation of enthalphy-flux con-
servation. For the topic of these notes it is may be even more interesting to note that also accelerated
particles may escape the system and carry enthalpy away from the shock region.

2.2 COLLISIONLESS SHOCKS

Shocks are induced in supersonic flow due to some disturbence. The shock solution with � = 1 is allways
a valid solution, but is not stable. The transition in the shock itself occurs due to non-adiabatic heating
of the particles, i.e. the bulk motion of the particles is partially randomized and leads to thermalization
of the particles (random motions).

In atmospheric shock this randomization and thermalization occurs due to particle-particle collisions,
caused by the Coulomb forces of the particles. In astrophysical settings the cross-sections for Coulomb
forces often turn out to be too small, or the densities too low, for Coulomb interactions to be relevant for
shock formation.

This can be illustrated as follows (e.g. Zel’dovich & Raizer, 1966). For charged particles the energy
exchange is governed by Coulomb interactions. A particle is deflected by 90� in the center of mass
frame, if the following condition for the impact parameter b is met:
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with m1, m2 the masses of the two particles, Z1e, Z2e their charges, and v their relative velocity. The
cross section for such a deflection by a single scattering is (�Coulomb = ⇡b2):
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The corresponding collision time scale is ⌧Coulomb = 1/(n�v) / v�3 / E�3/2. Inserting for the
m1 and m2 the proton mass and a typical velocity of v = 1000 km s�1, one finds for proton-proton
collisions ⌧pp ⇡ 1012n�1

p s (about 32,000 n�1
p yr), and a mean free path �p ⇡ 1020n�1

p cm (32 pc).
These are much larger than the ages and radii of young SNRs. As these young SNRs clearly do have
shocks and hot, X-ray emitting, plasma, the formation of the shock and the plasma heating cannot be the
result of Coulomb interactions. Instead “collective interactions”, occurring through fluctuating electric
and magnetic fields, must be responsible for the plasma heating.

Simulations (e.g. ?) show that the heating in such shocks takes place over a distance of typically
10-100 times c/!pe, with !pe = (4⇡e2ne/me)1/2 the plasma frequency. This corresponds to a shock
thickness of roughly �x = 107n�1/2

e cm, thirteen orders of magnitude smaller than the range over which
Coulomb collisions operate! For this reason SNR shocks and shocks in other low density media, such
as the interplanetary medium, are called collisionless shocks. A nice example of the narrowness of an
collisionless shock in the interplanetary medium is shown in Fig. 2.2.
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•For v≈1000 km/s, n=1cm-3 one finds for proton-proton
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•This is larger than the size of most supernova remnants!! 
•Hence: shocks must be collisionless 
•Heating due to electric/magnetic (Alfvén) waves!!



Direct observation of collisionless shocks
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Bale et al. 2003: 
Shock transition scale a few proton gyro radii



Particle in Cell (PIC) Simulations
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•Theory of collisionless shocks difficult 
•Insights from PIC simulations 

•two types of charged particles 
•calculate resulting E and B-field on grid 
•complicated phase space behaviour near shock

Amono&Hoshino 2008



Shock notation
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•Standard shock equations take into account conservation of mass-, 
momentum- (pressure), and energy-flux 

•Consider in a system in which shock is at rest 
•Notation:  

•region 1=upstream=undisturbed flow 
•region 2=downstream=shocked plasma 

V1 

ρ1 

P1

V2 

ρ2 

P2

Shock frame

Shock

region 1 
upstream

region 2 
downstream

Observer frame

Shock

region 1 
upstream

region 2 
downstream



Shock equations (Rankine-Hugoniot relations)

 35

•Take frame comoving with shock 
•Mass-flux conservation: �  
•Momentum conservation (pressure equilibrium): �  

•Enthalpy/Energy-flux: �  

ρ1v1 = ρ2v2
P1 + ρ1v2

1 = P2 + ρ2v2
2

(U1 + P1 +
1
2

ρ1v2
1) v1 = (U2 + P2 +

1
2

ρ2v2
2) v2

•Two dimensionless quantities 

•Compression ratio: �  

•Mach number: �  

�

χ ≡
ρ2

ρ1
=

v1

v2
M ≡ v/cs

cs = γ
P
ρ

,
P1

ρ1v2
1

=
1

γM2

•Note: dQ=PdV+ dU,  

•Hence both pressure and internal energy density U occur: �U =
1

γ − 1
P



Shock solutions
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•Convenient to use

6 2. DIFFUSIVE SHOCK ACCELERATION

Fig. 2.1 The shock compression factor as a function of Mach number for shocks going through a plasma with
adiabatic index � = 5/3 (a non-relativistic monatomic plasma) and for � = 7/3 (a relativistic plasma).

the shock. The jump conditions are

⇢1v1 =⇢2v2, (2.3)

P1 + ⇢1v
2
1 =P2 + ⇢2v

2
2, (2.4)
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2
⇢2v

2
2

◆
v2. (2.5)

The subscripts 1 and 2 indicate the values on either side of shock. We take a system in which the shock
is at rest, and the plasma is moving from region 1, through the shock into region 2. Region 1 is called
upstream and region 2 is called downstream. The quantity U + P is called the enthalpy. Note that the
shock velocity is in absolute value equal to the upstream velocity Vs = v1.

Now we can make these equations dimensionless by introducing some new quantities. First of all the
density accross the shock increases by a factor �, and the velocity decreases by its inverse:

� ⌘ ⇢2

⇢1
=

v1

v2
. (2.6)

With this definition we can rewrite Eq. (2.4) as

P2 = P1 + ⇢1V
2
s


1� 1

�

�
. (2.7)

For the equation of enthalpy-flux conservation we can use the adiabatic relations for an ideal gas

P =
1

� � 1
U. (2.8)

•Enthalpy-flux conservation

•In dimensionless quantities:
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Together with using Eq. ??, and dividing by the upstream kinetic energy flux (1
2⇢1v2

1) we then find
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It is now convenient to introduce the Mach number, which is the flow velocity divided by the speed of
sound M ⌘ v/cs. Recall that the speed of sound in an ideal fluid is

cs =

s

�
P

⇢
. (2.9)

This means that we can insert the following relation

P1

⇢1
=

1
�M2

,

so that, after multiplying by �2, we find following quadratic expression for the compression factor of
shock � as a fuction of Mach number M :
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It can be easily verified that there is a trivial solution � = 1, which means that there is no shock at all.
The other root can then be found with some algebra to be

� =
(� + 1)M2

(� � 1)M2 + 2
. (2.11)

This result is presented graphically in Fig. 2.1. One can easily that for M ! 1 the compression factor
becomes asymptotically � ! �+1

��1 . For a plasma consisting of a monatomic gas (no other internal
degrees of freedom than velocities of the particles) one has � = 5/3 and the asymptotic value is � = 4.

For distant shocks, like in supernova remnants, the compression ratio is difficult to measure. But a
quantity that is often more easily measured is the plasma temperature. The plasma temperature kT2 can
be obtained by combining Eq. 2.7 with Eq. 2.11:

P2 = n2kT2 =
⇢2

µmp
kT2 = P1 + ⇢1V

2
s


1� 1
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�
.

kT2 =
1
�

✓
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�M2
+


1� 1

�

�◆
µmpV

2
s .

Here n is the number density, and µmp is the average mass of the particles. Note that because electrons
are much lighter than protons the average mass is lower than a proton mass. For solar abundances we
have µ ⇡ 0.6. One can see that the final temperature for low Mach number shocks depends on the initial
temperature, whereas for strong shocks one obtains for M !1

kT2 ⇡
3
16

µmpV
2
s . (2.12)

•Quadratic equation 
•One solution X=1 (trivial) 
•Other (shock) solution:
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Here n is the number density, and µmp is the average mass of the particles. Note that because electrons
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Here n is the number density, and µmp is the average mass of the particles. Note that because electrons
are much lighter than protons the average mass is lower than a proton mass. For solar abundances we
have µ ⇡ 0.6. One can see that the final temperature for low Mach number shocks depends on the initial
temperature, whereas for strong shocks one obtains for M !1

kT2 ⇡
3

16
µmpV

2
s . (2.12)



Strong shocks
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•Strong shocks (M→∞): neglect P1 in pressure equilibrium

6 2. DIFFUSIVE SHOCK ACCELERATION

Fig. 2.1 The shock compression factor as a function of Mach number for shocks going through a plasma with
adiabatic index � = 5/3 (a non-relativistic monatomic plasma) and for � = 7/3 (a relativistic plasma).
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The subscripts 1 and 2 indicate the values on either side of shock. We take a system in which the shock
is at rest, and the plasma is moving from region 1, through the shock into region 2. Region 1 is called
upstream and region 2 is called downstream. The quantity U + P is called the enthalpy. Note that the
shock velocity is in absolute value equal to the upstream velocity Vs = v1.
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density accross the shock increases by a factor �, and the velocity decreases by its inverse:
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For the equation of enthalpy-flux conservation we can use the adiabatic relations for an ideal gas

P =
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•Effect:  
•compression independent of Mach number
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It can be easily verified that there is a trivial solution � = 1, which means that there is no shock at all.
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Here n is the number density, and µmp is the average mass of the particles. Note that because electrons
are much lighter than protons the average mass is lower than a proton mass. For solar abundances we
have µ ⇡ 0.6. One can see that the final temperature for low Mach number shocks depends on the initial
temperature, whereas for strong shocks one obtains for M !1
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It can be easily verified that there is a trivial solution � = 1, which means that there is no shock at all.
The other root can then be found with some algebra to be

� =
(� + 1)M2

(� � 1)M2 + 2
. (2.11)

This result is presented graphically in Fig. 2.1. One can easily that for M ! 1 the compression factor
becomes asymptotically � ! �+1

��1 . For a plasma consisting of a monatomic gas (no other internal
degrees of freedom than velocities of the particles) one has � = 5/3 and the asymptotic value is � = 4.

For distant shocks, like in supernova remnants, the compression ratio is difficult to measure. But a
quantity that is often more easily measured is the plasma temperature. The plasma temperature kT2 can
be obtained by combining Eq. 2.7 with Eq. 2.11:
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Here n is the number density, and µmp is the average mass of the particles. Note that because electrons
are much lighter than protons the average mass is lower than a proton mass. For solar abundances we
have µ ⇡ 0.6. One can see that the final temperature for low Mach number shocks depends on the initial
temperature, whereas for strong shocks one obtains for M !1

kT2 ⇡
3
16

µmpV
2
s . (2.12)

•For monatomic gas γ=5/3 → X=4 
•For relativistic gas γ=4/3 → X=7
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6 2. DIFFUSIVE SHOCK ACCELERATION

Fig. 2.1 The shock compression factor as a function of Mach number for shocks going through a plasma with
adiabatic index � = 5/3 (a non-relativistic monatomic plasma) and for � = 7/3 (a relativistic plasma).

the shock. The jump conditions are
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The subscripts 1 and 2 indicate the values on either side of shock. We take a system in which the shock
is at rest, and the plasma is moving from region 1, through the shock into region 2. Region 1 is called
upstream and region 2 is called downstream. The quantity U + P is called the enthalpy. Note that the
shock velocity is in absolute value equal to the upstream velocity Vs = v1.

Now we can make these equations dimensionless by introducing some new quantities. First of all the
density accross the shock increases by a factor �, and the velocity decreases by its inverse:

� ⌘ ⇢2

⇢1
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v2
. (2.6)

With this definition we can rewrite Eq. (2.4) as

P2 = P1 + ⇢1V
2
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. (2.7)

For the equation of enthalpy-flux conservation we can use the adiabatic relations for an ideal gas

P =
1

� � 1
U. (2.8)
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•Note P=nkT 
•We can rewrite in 
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Here n is the number density, and µmp is the average mass of the particles. Note that because electrons
are much lighter than protons the average mass is lower than a proton mass. For solar abundances we
have µ ⇡ 0.6. One can see that the final temperature for low Mach number shocks depends on the initial
temperature, whereas for strong shocks one obtains for M !1

kT2 ⇡
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•For strong shock and γ=5/3: 

•This is smaller than if all kinetic energy is transferred to thermal energy 
•There is still bulk flow downstream of the shock! 
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Diffusive shock acceleration (DSA)
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•Discovered independently by four groups (1977-78): 
•Krimsky 1977, Axford+ 1977, Blandford & Ostriker 1978, Bell 1978 

•Idea: 
•In shock two plasmas continuously collide: converging flows 
•Only energy gains, no collisional losses (elastic scattering) 
•Particles isotropic momentum distribution both sides of shock 
•Gives a gain that is linear in Vs/vpart: first order Fermi acceleration 
•Other name: diffusive shock acceleration



First order Fermi acceleration
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•Particles elastically scatter on either side of the shock 
•scattering centers: turbulent magnetic fields 

•Particles going from upstream to downstream appear to have some excess 
momentum, but also the other way around:
�   

•Lorentz transformation (with � ): �  

•Non-relativistic shock/rel. particle: � , �  
  (note flux scales with cos Θ) 

•Full cycle (back and forth): 

•After n full shock crossings (exponential growth):

�

Δv = v1 − v2 = (1 − 1/χ)v1 = (3/4)Vs
Δv = (3/4)Vs E = ΓΔv(E′� + p′�Δv cos θ)

Γ ≈ 1 p = E/c

EN = E0 [1 +
4
3

Vs

c (1 −
1
χ )]

N
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downstream respectively, Vsh the absolute value of the shock velocity and c the shock
compression ratio (see §. ??). As the particle elastically scatters a few times due to
interactions with plasma waves, it will lose memory of its initial velocity direction, i.e.
its momentum distribution is assumed to be isotropic. The gain in energy by crossing
the shock is given by a Lorentz transformation:

E
0 = G

✓
E � Dv

c
pccosq

◆
, (3.14)

G the Lorentz factor associated with Dv. Since we are considering non-relativistic
shocks G ⇡ 1. If we for now make also the assumption that the particles being acceler-
ated have already been accelerated to relativistic energies, we can use E = pc [see 102,
for a treatment using momentum]. It should be remarked that in (3.14) that a particle
crossing the shock front will have a direction opposite to the flow of the plasma, i.e. Dv

is negative: going from the shocked to the unshocked medium a particle suddenly feels
the drag of the plasma moving toward the shock. Vice versa, a relativistic particle in
the unshocked medium will be suddenly overrun by the shocked medium, and dragged
by in the shock direction by the shocked plasma. Taking note of the sign of Dv we find
that for relativistic particles accelerated by non-relativistic shocks the energy gain by
each shock crossing is

DE

E
⇡
����
Dv

c
cosq

���� . (3.15)

The flux of particles crossing the shock from one side to the other from a region within
approximately a mean free path (§ 3.1.3) away from the shock is

Fcross(p)d p = n(p)bccosqd p, (3.16)

with bc the particle speed (we use b = 1) and bccosq the velocity projected to the
direction of the shock direction. Since only half the particles move into the direction of
the shock and will cross it, we need to consider 0  q  90�. This flux shows that the
angle distribution of particles crossing the shock is modulated with cosq , and hence
the average energy gain is given by

⌧
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�Dv
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A full acceleration cycle, crossing from downstream to upstream and then recrossing
back downstream, is to first order twice as large, so we have

⌧
DE

E

�

fullcycle
⇡ 4

3
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✓
1� 1

c

◆
. (3.17)

Although the fractional energy increase per cycle is small, DE/E ⇡ 1% for a shock
velocity of 3000 km s�1, the growth of energy is exponential. Starting with a particle
energy E0, after N full cycles the energy will have increased to

EN = E0
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4
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Vsh
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✓
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c

◆�
N

. (3.18)

It takes about 1600 cycles to increase the energy of particle from 100 keV to 1 TeV, for
DE/E ⇡ 1%.
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Although the fractional energy increase per cycle is small, DE/E ⇡ 1% for a shock
velocity of 3000 km s�1, the growth of energy is exponential. Starting with a particle
energy E0, after N full cycles the energy will have increased to
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It takes about 1600 cycles to increase the energy of particle from 100 keV to 1 TeV, for
DE/E ⇡ 1%.



Expected particle spectrum
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•There are two competing processes: 
1.recrossing shock: gaining energy 
2.particles are swept downstream → taken out of acceleration process 

•Number rate of particles crossing shock: ¼ncrc 
•Number rate of particles escaping downstream: 1/XncrVs=1/4ncrVs 

•Escape chance:  

•Survival chance after N cycles 

•Obtain N from  
•Chance for >N cycles 
 (using ln(1+x)≈x) 

•This gives integrated spectrum (all N larger than E) 

•Differential spectrum gives 
•For X=4, q=2 

3.2. THE THEORY OF DIFFUSIVE SHOCK ACCELERATION 57

During each cycle there is a finite chance for the particle to never recross again,
because in the shocked medium the plasma is moving away from the shock, advecting
relativistic particles with it. (We ignore here escape of particles from the unshocked
medium. For very high energy particles this is possible, but we treat here the shock
as a plane parallel shock (no curvatures) and assuming a constant shock velocity. Es-
cape of particles from the unshocked medium only becomes possible if one of these
assumptions is no longer valid. In § ?? we will come back to this issue.)

The chance of of particles being advected away from the shock and never recrossing
the shock is given by

P(escape) =
n(p)v2

1
4 bcn(p)

, (3.19)

where the factor 1/4 arises from averaging (3.16) from 0  q  90�, which gives 1/2.
The chance for a particle to remain in the shock acceleration process for at least N

cycles is given by

P(n � N) = P(E � EN)⇡


1� 4Vsh

cc

�
N

, (3.20)

where we have used v2 = Vsh/c and b ⇡ 1. Taking the logarithm of both (3.18) and
(3.20) we find that

lnP(E � EN) =N ln
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where we have used ln(1+ x) ⇡ x for small x. The integrated probability function is,
therefore, a power-law function with index �3/(c � 1). The energy distribution of
the particles corresponds to the differential energy distribution N(E) µ P(E = EN) =
dP(E � EN)/dE. So we find that

N(E) µ E
�q, (3.22)

with
q =

3
c �1

+1 =
c +2
c �1

. (3.23)

For a high Mach number shock we expect c = 4 (??), which gives q = 2.
As we have seen in § 3.1.3 the Galactic cosmic-ray spectral index is q = 2.7, but

due energy dependent diffusion the source spectrum is expected to be q ⇡ 2.2± 0.2
(3.10). The fact that the predicted power-law index of q = 2 is close to the inferred
cosmic-ray power-law at the source was very encouraging for the DSA theory.

3.2.2 Diffusion equation
The above description is the most common treatment of DSA, and shows why a power-
law momentum distribution is expected given the kinematics of the particles. It is the
treatment developed in [27]. A different approach, taken by [96, 21, 35] is to use the
convection-diffusion equation, which in one dimension (plane-parallel shock) is
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, (3.24)
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downstream respectively, Vsh the absolute value of the shock velocity and c the shock
compression ratio (see §. ??). As the particle elastically scatters a few times due to
interactions with plasma waves, it will lose memory of its initial velocity direction, i.e.
its momentum distribution is assumed to be isotropic. The gain in energy by crossing
the shock is given by a Lorentz transformation:
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G the Lorentz factor associated with Dv. Since we are considering non-relativistic
shocks G ⇡ 1. If we for now make also the assumption that the particles being acceler-
ated have already been accelerated to relativistic energies, we can use E = pc [see 102,
for a treatment using momentum]. It should be remarked that in (3.14) that a particle
crossing the shock front will have a direction opposite to the flow of the plasma, i.e. Dv

is negative: going from the shocked to the unshocked medium a particle suddenly feels
the drag of the plasma moving toward the shock. Vice versa, a relativistic particle in
the unshocked medium will be suddenly overrun by the shocked medium, and dragged
by in the shock direction by the shocked plasma. Taking note of the sign of Dv we find
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each shock crossing is
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The flux of particles crossing the shock from one side to the other from a region within
approximately a mean free path (§ 3.1.3) away from the shock is

Fcross(p)d p = n(p)bccosqd p, (3.16)

with bc the particle speed (we use b = 1) and bccosq the velocity projected to the
direction of the shock direction. Since only half the particles move into the direction of
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A full acceleration cycle, crossing from downstream to upstream and then recrossing
back downstream, is to first order twice as large, so we have
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Although the fractional energy increase per cycle is small, DE/E ⇡ 1% for a shock
velocity of 3000 km s�1, the growth of energy is exponential. Starting with a particle
energy E0, after N full cycles the energy will have increased to
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It takes about 1600 cycles to increase the energy of particle from 100 keV to 1 TeV, for
DE/E ⇡ 1%.
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During each cycle there is a finite chance for the particle to never recross again,
because in the shocked medium the plasma is moving away from the shock, advecting
relativistic particles with it. (We ignore here escape of particles from the unshocked
medium. For very high energy particles this is possible, but we treat here the shock
as a plane parallel shock (no curvatures) and assuming a constant shock velocity. Es-
cape of particles from the unshocked medium only becomes possible if one of these
assumptions is no longer valid. In § ?? we will come back to this issue.)

The chance of of particles being advected away from the shock and never recrossing
the shock is given by

P(escape) =
n(p)v2

1
4 bcn(p)

, (3.19)

where the factor 1/4 arises from averaging (3.16) from 0  q  90�, which gives 1/2.
The chance for a particle to remain in the shock acceleration process for at least N

cycles is given by

P(n � N) = P(E � EN)⇡
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where we have used v2 = Vsh/c and b ⇡ 1. Taking the logarithm of both (3.18) and
(3.20) we find that
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where we have used ln(1+ x) ⇡ x for small x. The integrated probability function is,
therefore, a power-law function with index �3/(c � 1). The energy distribution of
the particles corresponds to the differential energy distribution N(E) µ P(E = EN) =
dP(E � EN)/dE. So we find that

N(E) µ E
�q, (3.22)

with
q =

3
c �1

+1 =
c +2
c �1

. (3.23)

For a high Mach number shock we expect c = 4 (??), which gives q = 2.
As we have seen in § 3.1.3 the Galactic cosmic-ray spectral index is q = 2.7, but

due energy dependent diffusion the source spectrum is expected to be q ⇡ 2.2± 0.2
(3.10). The fact that the predicted power-law index of q = 2 is close to the inferred
cosmic-ray power-law at the source was very encouraging for the DSA theory.

3.2.2 Diffusion equation
The above description is the most common treatment of DSA, and shows why a power-
law momentum distribution is expected given the kinematics of the particles. It is the
treatment developed in [27]. A different approach, taken by [96, 21, 35] is to use the
convection-diffusion equation, which in one dimension (plane-parallel shock) is
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•The behaviour of collisionless particles in phase-space (x,p) is determined by 
the convection-diffusion equation
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For a high Mach number shock we expect c = 4 (??), which gives q = 2.
As we have seen in § 3.1.3 the Galactic cosmic-ray spectral index is q = 2.7, but
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(3.10). The fact that the predicted power-law index of q = 2 is close to the inferred
cosmic-ray power-law at the source was very encouraging for the DSA theory.
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•It is similar to cosmic-ray transport equation 
•Here everything is done using momentum (more correct) 
•Note that p is a vector, so here one-dimensional changes are 

considered 
•The term on the right-hand side: work done due to volume change 

•A change in v leads to increase in momentum (Liouville’s 
theorem) 

•We assume that dn/dt=0 (steady state): 
•at each moment the particle phase-space in the comoving frame 

looks the same
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where we have used ln(1+ x) ⇡ x for small x. The integrated probability function is,
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For a high Mach number shock we expect c = 4 (??), which gives q = 2.
As we have seen in § 3.1.3 the Galactic cosmic-ray spectral index is q = 2.7, but

due energy dependent diffusion the source spectrum is expected to be q ⇡ 2.2± 0.2
(3.10). The fact that the predicted power-law index of q = 2 is close to the inferred
cosmic-ray power-law at the source was very encouraging for the DSA theory.

3.2.2 Diffusion equation
The above description is the most common treatment of DSA, and shows why a power-
law momentum distribution is expected given the kinematics of the particles. It is the
treatment developed in [27]. A different approach, taken by [96, 21, 35] is to use the
convection-diffusion equation, which in one dimension (plane-parallel shock) is
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•Consider the distribution upstream of the shock 
•There v=v1=Vsh = constant →  
•Steady state in shock frame:dn/dt=0 

•Solution:

∂v/∂x = 0
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with n= n(x, p) the phase-space density of accelerated particles, and x the position with
respect to the shock front. The second and third term on the left-hand side describe the
spatial changes due to respectively convection and diffusion, whereas the term on the
right-hand side describes how changes in flow properties lead to changes in momentum
space, as work is done on the particles due to compression (or decompression).

Consider first only the upstream (unshocked) plasma, which we label 1.In the test-
particle approach the plasma has no velocity gradients (∂v/∂x= 0), and the accelerated
particles diffuse ahead of the shock. If we take the direction of the shock to be negative
(i.e. upstream corresponds to x < 0), and have the shock located at x = 0, then in the
frame of the shock the plasma moves in the positive direction toward the shock with
velocity v1 = Vsh. For a steady state situation, ∂n/∂ t = 0 and dVsh/dt = 0, (3.24)
reduces to
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v
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The solution to this equation shows that upstream of the shock the particle density falls
off exponentially with a length scale ldiff ⌘ D1/Vsh, the so-called diffusion length scale:

n1(p,x) = [n1(p,0)�ncr(p)]exp
✓
� |x|

ldiff

◆
+ncr(p). (3.26)

The last term is the trivial solution (no gradients), corresponding to pre-existing cosmic-
ray particles. This region ahead of the shock containing accelerated particles (so ex-
tending a few diffusion length scales ahead of the shock) is referred to as the cosmic-
ray shock precursor. The length scale depends on D and, therefore, also on momentum,
with, generally, a larger diffusion length scale for particles with larger momentum. The
diffusion coefficient is not necessarily constant throughout the precursor, so a more pre-
cise definition is ldiff(p)⌘

R 0
�• D1(p,x)/v(x)dx.

If we assume that the diffusion coefficient is given by (3.3) the diffusion length
scale for particles accelerated to very high energies (E = pc) scales as

ldiff(E)⌘
D
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with B1 the upstream magnetic field strength and h the parametrisation defined in (3.3).
Note that h is likely to be itself energy dependent. For high energies the length scale is
measurable, as we will discuss later in this chapter.

Note that in § 3.1.3 we encountered a different diffusion length scale, H =
p

2Dt.
This is the diffusion length scale in the absence of advection. One can think of (3.27)
as the length scale for which diffusion balances advection (

p
2Dt ⇡Vsht); solving this

equality gives (3.26) but with an additional factor 2.
Downstream of the shock the solution to the convection-diffusion equation is sim-

ilar to (3.26), but with v = v2 = Vsh/c , the downstream velocity (§ 1.1), and with
D = D2. However, here we have x > 0 and v2 > 0. The trivial solution is again the
solution with a constant particle density n2(x, p) = n2(p), the non-trivial solution now
corresponds to an exponentially growing density, which is unphysical. Continuity of
particle density at the shock requires n2(p) = n1(p,0). Hence, under the assumption
of a steady state, plane parallel shock, with no losses, the particle density downstream
of the shock is constant. In practice, however, supernova remnants shocks are neither
plane parallel, nor is the shock velocity constant. So the solutions for both the upstream
and downstream particle distribution breaks down if the acceleration time becomes a

•Hence: �n1(p, x) = [n1(p,0) − ncr(p)]exp (−
|x |
ldiff ) + ncr(p)

•Diffusion length scale: �ldiff =
D1

v1

•Downstream: same applies, but either pick a constant n(p) or 
exponentially growing.
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CME induced shock (ACE, Giaccalone ’12)

•Space craft overrun by shock (time coordinate=space coordinate) 
•An accelerated shock has less sudden changes 
•Gas density/velocity/B-field has steep jump (lower panels) 
•But: accelerated particles are found on both sides of the shock 

•In front of shock: exponential fall-off of particles
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•The acceleration time scale (how fast is a certain energy reached) 
•How many particles go from upstream to downstream (and vice versa)? 

•Particle flux: �  
•Averaging: �

Fcross(p)dp = ncr(p)βc cos θdp
Fcross = ncrβc/4

•What is the volume from which particles are crossing? 
•Corresponds to length 
•So volume is �  

•Average time: �  
•Hence:

Aldiff
Δt = ncr(p)Aldiff /(AFcross)
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as we will show here the acceleration time scale does strongly depend on the shock
velocity.

To estimate the acceleration time scale, we first estimate how long, on average, a
particle that is in the process of being accelerated resides on either side of the shock.
For particles to be accelerated they have to be close enough to the shock front, namely
within a length scale (3.26)

l =
Z •

0
exp

✓
�xD

v

◆
dx ⇡

Z •

0
exp

✓
� x

ldiff

◆
dx = ldiff.

Consider now a volume spanned by this length scale and corresponding to a shock
surface area A, the number of particles that are in the process of being accelerated is
N = n(p)Aldiff. The number of particles crossing the shock front is given by AFcross(p),
with Fcross given by (3.16). Note that the diffusive flux near the shock, 1

4 nbc, is gener-
ally much larger than the advected flux nVsh (c.f. 3.19). So the average time spend by a
particle on either side of the shock front is Dt = N/(AFcross) = 4ldiff/bc. The average
time for a particle to complete one cycle is the sum of the time spend on both sides of
the shock:

Dt =
4
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. (3.34)

The average energy gain is given by (3.17), so the rate at which particles gain energy is
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The time needed to accelerate to a certain energy E is, therefore,

tacc =
3

v1 � v2
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This is essentially the same result as derived more rigorously in [102].
We can use the parametrisation (3.3) to gain some insight in the acceleration time.

We assume that there are no energy losses and that an energy Emax can be reached in a
time tacc. Furthermore, we assume that the downstream magnetic field is enhanced with
respect to the upstream strength with a factor 1  cB  c , with cB = 1 corresponding
to a parallel magnetic field (i.e. parallel to the shock normal) and cB = c would be the
other extreme, corresponding to a perpendicular magnetic field, which will be com-
pressed with the same value as the shocked gas. In this case we have D2 = D1/cB. We
make the energy dependence of the parameterisation more explicit by rewriting

D1 =
1
3

hmax

✓
E

Emax

◆d�1
cE

eZB
, (3.37)

with eZ the charge of the particle, and d being a similar parameter as used in § 3.1.3.
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This is essentially the same result as derived more rigorously in [102].
We can use the parametrisation (3.3) to gain some insight in the acceleration time.

We assume that there are no energy losses and that an energy Emax can be reached in a
time tacc. Furthermore, we assume that the downstream magnetic field is enhanced with
respect to the upstream strength with a factor 1  cB  c , with cB = 1 corresponding
to a parallel magnetic field (i.e. parallel to the shock normal) and cB = c would be the
other extreme, corresponding to a perpendicular magnetic field, which will be com-
pressed with the same value as the shocked gas. In this case we have D2 = D1/cB. We
make the energy dependence of the parameterisation more explicit by rewriting
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with eZ the charge of the particle, and d being a similar parameter as used in § 3.1.3.

•Acceleration time

60CHAPTER 3. COSMIC-RAY ACCELERATION BY SUPERNOVA REMNANTS

as we will show here the acceleration time scale does strongly depend on the shock
velocity.

To estimate the acceleration time scale, we first estimate how long, on average, a
particle that is in the process of being accelerated resides on either side of the shock.
For particles to be accelerated they have to be close enough to the shock front, namely
within a length scale (3.26)

l =
Z •

0
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Z •
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� x

ldiff
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dx = ldiff.

Consider now a volume spanned by this length scale and corresponding to a shock
surface area A, the number of particles that are in the process of being accelerated is
N = n(p)Aldiff. The number of particles crossing the shock front is given by AFcross(p),
with Fcross given by (3.16). Note that the diffusive flux near the shock, 1

4 nbc, is gener-
ally much larger than the advected flux nVsh (c.f. 3.19). So the average time spend by a
particle on either side of the shock front is Dt = N/(AFcross) = 4ldiff/bc. The average
time for a particle to complete one cycle is the sum of the time spend on both sides of
the shock:

Dt =
4

bc
(ldiff,1 + ldiff,2) =

4
bc
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. (3.34)

The average energy gain is given by (3.17), so the rate at which particles gain energy is
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The time needed to accelerate to a certain energy E is, therefore,

tacc =
3

v1 � v2
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This is essentially the same result as derived more rigorously in [102].
We can use the parametrisation (3.3) to gain some insight in the acceleration time.

We assume that there are no energy losses and that an energy Emax can be reached in a
time tacc. Furthermore, we assume that the downstream magnetic field is enhanced with
respect to the upstream strength with a factor 1  cB  c , with cB = 1 corresponding
to a parallel magnetic field (i.e. parallel to the shock normal) and cB = c would be the
other extreme, corresponding to a perpendicular magnetic field, which will be com-
pressed with the same value as the shocked gas. In this case we have D2 = D1/cB. We
make the energy dependence of the parameterisation more explicit by rewriting

D1 =
1
3

hmax

✓
E

Emax

◆d�1
cE

eZB
, (3.37)

with eZ the charge of the particle, and d being a similar parameter as used in § 3.1.3.
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The acceleration time is now given by
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with d 6= 1 (probably d < 1) and for the last approximation Emax � E0. The numer-
ical factor 8/3 is valid for cB = c = 4. Rewriting this equation shows that Emax µ
h�1

ZB1V
2
shtacc. The dependence on Z is the likely explanation for why the ”knee” in

the cosmic-ray spectrum appears to scale with the charge of the element (see § 3.1.1).
We see that an energy of 1014 eV can be reached by shocks of a young supernova

remnant, provided that the shock velocity remains high for at least 1000 yr and hmax ⇡
1, i.e. close to the Bohm limit. The time scale to reach 1014 eV is the time scale for
young supernova remnants; for example SN 1006 has the required age. However, as
we will explain below, particle acceleration needs to take place on a shorter time scale
than the age of the supernova remnant, in order to avoid adiabatic energy losses. To
reach even higher energies than 1014 eV, which is required if supernova remnants are
responsible for protons accelerated to the cosmic-ray ”knee” (see § 3.1.1), magnetic
field strengths larger than 10 µG and/or faster shock velocities are required.

The acceleration time scale makes it, therefore, difficult to unequivocally associated
the origin of Galactic cosmic-ray all the way up to the knee with supernova remnants.
This conclusion was reached by Lagage and Cesarsky in the 1980ies [98], who even
pointed out that acceleration up to 1014 eV required optimistic conditions (i.e. h ⇡ 1).
However, as will described later, over the last decades the measured supernova remnant
conditions appear to be close to the optimistic case.

3.2.4 The maximum size of the cosmic-ray shock precursor
In § 3.2.2 it was shown that the cosmic-ray precursor falls off exponentially, with a
characteristic scale ldiff = D1/Vsh (3.27). For a plane parallel shock the diffusion length
scale can be arbitrary large, but in reality a supernova remnant shock does not have a
constant velocity and for length scales approaching the shock radius of the supernova
remnant the assumption of a plane parallel shock breaks down.

However, we can obtain a more precise estimate of the maximum precursor length
scale using our knowledge about supernova remnant evolution (Chapter 2). First of all
the acceleration time can never exceed the age of the supernova remnant (tsnr). Using
(3.38) with c = cB = 4 and d = 1 we find that

tsnr > tacc > 8
D1

V
2
sh

= 8
ldiff

Vsh
, (3.39)

where the factor 8 is for the rather optimistic case of a perpendicular magnetic field (a
plane parallel shock results in a factor 20). We furthermore neglected the factor d�1,
which likely also increases the acceleration time. The shock velocity of a supernova
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as we will show here the acceleration time scale does strongly depend on the shock
velocity.

To estimate the acceleration time scale, we first estimate how long, on average, a
particle that is in the process of being accelerated resides on either side of the shock.
For particles to be accelerated they have to be close enough to the shock front, namely
within a length scale (3.26)
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Consider now a volume spanned by this length scale and corresponding to a shock
surface area A, the number of particles that are in the process of being accelerated is
N = n(p)Aldiff. The number of particles crossing the shock front is given by AFcross(p),
with Fcross given by (3.16). Note that the diffusive flux near the shock, 1

4 nbc, is gener-
ally much larger than the advected flux nVsh (c.f. 3.19). So the average time spend by a
particle on either side of the shock front is Dt = N/(AFcross) = 4ldiff/bc. The average
time for a particle to complete one cycle is the sum of the time spend on both sides of
the shock:

Dt =
4
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(ldiff,1 + ldiff,2) =

4
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The average energy gain is given by (3.17), so the rate at which particles gain energy is
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The time needed to accelerate to a certain energy E is, therefore,

tacc =
3

v1 � v2
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This is essentially the same result as derived more rigorously in [102].
We can use the parametrisation (3.3) to gain some insight in the acceleration time.

We assume that there are no energy losses and that an energy Emax can be reached in a
time tacc. Furthermore, we assume that the downstream magnetic field is enhanced with
respect to the upstream strength with a factor 1  cB  c , with cB = 1 corresponding
to a parallel magnetic field (i.e. parallel to the shock normal) and cB = c would be the
other extreme, corresponding to a perpendicular magnetic field, which will be com-
pressed with the same value as the shocked gas. In this case we have D2 = D1/cB. We
make the energy dependence of the parameterisation more explicit by rewriting

D1 =
1
3

hmax

✓
E

Emax

◆d�1
cE

eZB
, (3.37)

with eZ the charge of the particle, and d being a similar parameter as used in § 3.1.3.

•Describe the diffusion coefficient as

•Assume η constant upstream/downstream 
•Assume a magnetic compression 1<XB<4 

•We see �  

•In order to reach “knee” we need:  
•high shock velocity (>5000 km/s) 
•long time scales (>1000 yr)  
•and/or: high magnetic field (B>10 μG) 
•turbulent magnetic field �  

•Bottom line: difficult to reach 1015eV in 1000 yr

Emax ∝ η−1tBV2
s

η ≈ 1



The problem with reaching the “knee”
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Summary: shocks and diffusive shock acceleration

 49

•Astrophysical shocks common in/around high energy sources 
•Astrophysical shocks are often collisionless 
•Shocks are governed by flux conservation laws 
•Important parameter: Mach number 
•For high Mach numbers: compression ratio NR shocks X=4

•Fermi shock acceleration (=DSA) occurs due to particles bouncing 
between two shock regions (upstream-downstream) + elastic scattering 

•Each shock crossing leads to energy/momentum gain dp/p∝Vs/c 
•Downstream: small chance in each cycle particle will move too far from 

shock → loss  of particles 
•Upstream exponentially falling off population of particles: 

•cosmic-ray shock precursor 
•Combination of exponential momentum gain/exponential rising 

likelihood of having escaped gives power law spectrum 
•Spectral power law slope depends on shock compression ratio 
•X=4 → q=2 (close to what is needed to explain cosmic rays) 
•Maximum energy scales with η-1,B,t, Vsh2



7 X-ray synchrotron emission and magnetic fields
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Importance of magnetic field

 51

•The speed of acceleration depends on B and magnetic field turbulence 
(contained in η): 

2

It is a bit confusing to completely solve this. Best insert � = 5/3, one then finds

� =
5±

p
52 � 4(1� ✏)4

2(1� ✏)
.

One sees that for ✏ = 0 we recover � = 4, but for ✏ > 0, we divide by (1 � ✏) whereas this factor
underneath the squareroot there is a lesser effect, due to the squareroot. Hence, the compression factor
goes up.

c) What does a steeper compression ratio imply for the accelerated particle spectrum?

2: Maximum synchrotron frequency

For Bohm-type diffusion we have

⌧acc ⇡
D

V 2
s

, (6)

with
D =

1

3
⌘
cE

eB
, (7)

with B the magnetic field strength, and E the electron energy.
On the other hand, the synchrotron radiation losses have an associated time scale

⌧loss =
637

B2E
sec. (8)

The relation between the electron energy and typical frequency at which the electron radiates synchrotron
radiation is

⌫ch = 1.8⇥ 10
18B?

⇣ E

1 erg

⌘
2

Hz,

h⌫ch = 13.9
⇣ B?

100 µG

⌘⇣ E

100 TeV

⌘
2

keV. (9)

a) For ⌘ = 1, B = 100µG and Vs = 5000 km/s, what is the typical energy an electron can be accelerated
to?

b) Show that the associated synchrotron frequency/photon energy, corresponding to Emax is independent
of the magnetic field strength.

c) What happens with Emax for the electrons if B goes up?

d) What happens with Emax for the protons if B goes up, and why?

2.3. DIFFUSIVE SHOCK ACCELERATION 9

Fig. 2.2 Illustration of the narrowness of collisionless shocks. The left figure shows a shock transition measured
by one of the ESA Cluster satellites. The figure on the right shows shock thickness distribution, in terms of c/!pi,
with !pi the ion plasma frequency. (?).

2.3 DIFFUSIVE SHOCK ACCELERATION

E = ��v
�
E0

+ p0
�v cos ✓

�
(2.15)

Non-relativistic shock � ⇡ 1, p = E/c.

�E
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c
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3
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c
cos ✓ ⌘ ↵ (2.16)

Diffusion precursor length scale

lshock = Vs�t1 =

p
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Hence, typical time for being in precursor:
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Hence:
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Downstream we find:
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tacc =
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◆
dp

p
(2.22)

•Maximum energy of electrons/protons/particles, either: 
•escape (mean free path ≳ 0.1 Rs) 
•energy losses (electrons) 
•adiabatic losses 
•time available!

•In 1980ies: assume B=BISM≈5μG and η>100 
→ not possible for V≈5000 km/s to accelerate to 3x1015eV



Synchrotron radiation
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Synchrotron emission

 53

10 2. DIFFUSIVE SHOCK ACCELERATION

Blabla The spectrum is:

n(E)dE = n0

✓
E

E0

◆�q

dE (2.23)

q = 1 +
3

�� 1
=

� + 2

�� 1
. (2.24)

For � = 4 we have q = 2. Lower Mach number (smaller compression factors) give steeper q.
Size of shock precursor:

ldi↵ ⇡
D
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E
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Expansion parameter:

Rs / tm

Vs =
dRs

dt
= m

Rs

t

Synchrotron radiation:
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•Electron pl index q, α=(q-1)/2, Γ=α+1 
•For power-law index with exponential cut-off or broken power: 

•Peak SED where power steepens beyond: α=1 (Γ=2): 

•Total synchrotron power 

4.2. SYNCHROTRON RADIATION 45

Figure 4.1:
fig:syn_fx

The functions F(x) (black) and G(x) (red) describing the spectral flux
density of synchrotron emission for a single, relativistically moving electron, as a func-
tion of x = w/wc. F(x) describes the total emissivity, whereas G(x) is the difference
in emissivity between the two perpendicular polarisation directions. Hence the ratio
F(x)/G(x) indicates the polarisation fraction. The peak is at 0.29wc (dotted line).

Since the charged particle is accelerated by the Lorentz force it will radiate accord-
ing to the Larmor formula (4.6). Replacing the (d p/dt)? term by the Lorentz force
gives for the total power radiated by a single electron/positron

Psyn =
2
3

e2

m2
ec3 g2 (ebB?)

2 . (4.9) {eq:power_syn_1}

For an isotropic velocity distribution of electrons the expected projected value for B2
? is

< B2
? >= B2 1

4p
R

sin2 qdW = 2
3 B2. Inserting this into (4.9) and reordering the various

factors and introducing the the definition of the Thomson cross section (4.5), we can
rewrite (4.6) as

Psyn =
4
3

sTcb 2g2UB, (4.10) {eq:power_syn}

with UB = B2/(8p) the energy density of the magnetic field. This equation is almost
identical to the power emitted by a relativistic electron due to inverse Compton scatter-
ing (??), but here UB replaces the radiation energy density Urad.

Naively one might think that the typical frequency of the radiation corresponds to
the gyro-frequency (4.8). But the particle is moving relativistically, which, as we shall
see, boosts the typical emission frequencies to much higher frequencies. First of all,
this results in a strong beaming of the radiation in the direction of the motion of the
particle, so instead of during the whole gyro-cycle, only during a portion ⇠ 1/g will
there be a pulse of emission in a given direction. Secondly, while the radiation is being
emitted the electron has a speed very close to the radiation pulse itself. So during a
pulse of duration Dt = 2p/(2gwg) the electron will itself have moved by le = bcDt,
during which the radiation has traveled lrad = cDt. So an observer will detect a much
narrower pulse: Dt 0 = (lrad � le)/c = (1�b )Dt = Dt/(2g2). Here the approximation
is used that for b ! 1: (1� b ) = (1� b )(1+ b )/(1+ b ) ⇡ (1� b 2)/2 = 1/(2g2).
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Figure 4.1:
fig:syn_fx

The functions F(x) (black) and G(x) (red) describing the spectral flux
density of synchrotron emission for a single, relativistically moving electron, as a func-
tion of x = w/wc. F(x) describes the total emissivity, whereas G(x) is the difference
in emissivity between the two perpendicular polarisation directions. Hence the ratio
F(x)/G(x) indicates the polarisation fraction. The peak is at 0.29wc (dotted line).

Since the charged particle is accelerated by the Lorentz force it will radiate accord-
ing to the Larmor formula (4.6). Replacing the (d p/dt)? term by the Lorentz force
gives for the total power radiated by a single electron/positron

Psyn =
2
3

e2

m2
ec3 g2 (ebB?)

2 . (4.9) {eq:power_syn_1}

For an isotropic velocity distribution of electrons the expected projected value for B2
? is

< B2
? >= B2 1

4p
R

sin2 qdW = 2
3 B2. Inserting this into (4.9) and reordering the various

factors and introducing the the definition of the Thomson cross section (4.5), we can
rewrite (4.6) as

Psyn =
4
3

sTcb 2g2UB, (4.10) {eq:power_syn}

with UB = B2/(8p) the energy density of the magnetic field. This equation is almost
identical to the power emitted by a relativistic electron due to inverse Compton scatter-
ing (??), but here UB replaces the radiation energy density Urad.

Naively one might think that the typical frequency of the radiation corresponds to
the gyro-frequency (4.8). But the particle is moving relativistically, which, as we shall
see, boosts the typical emission frequencies to much higher frequencies. First of all,
this results in a strong beaming of the radiation in the direction of the motion of the
particle, so instead of during the whole gyro-cycle, only during a portion ⇠ 1/g will
there be a pulse of emission in a given direction. Secondly, while the radiation is being
emitted the electron has a speed very close to the radiation pulse itself. So during a
pulse of duration Dt = 2p/(2gwg) the electron will itself have moved by le = bcDt,
during which the radiation has traveled lrad = cDt. So an observer will detect a much
narrower pulse: Dt 0 = (lrad � le)/c = (1�b )Dt = Dt/(2g2). Here the approximation
is used that for b ! 1: (1� b ) = (1� b )(1+ b )/(1+ b ) ⇡ (1� b 2)/2 = 1/(2g2).

UB =
B2

8⇡

1.2. RADIATION FROM MOVING CHARGED PARTICLES AND THOMSON SCATTERING3

Figure 1.2: The radiation pattern for Thomson scattering, at any angle to radius gives
the intensity. The solid line gives the total scattered radiation intensity, whereas the
dotted line shows the polarisation fraction.

electrons this cross section is referred to as the Thomson cross section:

sT ⌘ 8p
3

✓
e

2

mec2

◆2

=
8p
3

r
2
e = 6.6524⇥10�25 cm2. (1.6)

The quantity re (= 2.818⇥ 10�13 cm) introduced here is called the classical electron
radius.

Thomson scattering of an unpolarised electromagnetic wave can give rise to po-
larised radiation. One can intuitively from Fig. 1.1: in a direction perpendicular to z,
i.e. q = 0, the scattered waves with polarisation in the x direction will still be present,
with an polarisation vector still in the x direction. But no scattered waves will ex-
ist from the wave polarised in the y direction. So for q = 0 the scattered light will
be completely polarised. Along the positive and negative z direction the light will be
completely unpolarised. As a function of the angle a the polarisation fraction is given
by

P =
Px �Py

Px +Py

=
1� cos2 a
1+ cos2 a

. (1.7)

The angular pattern of the polarisation fraction is shown in Fig. 1.2 as a dotted line.
The equations derived above are valid for non-relativistic particles. It can be shown

that for relativistic particles (1.2) has to be replaced by

P =
2
3

Z
2
e

2

m2c3 G2

"✓
d p

dt

◆2

?
+G2

✓
d p

dt

◆2

k

#
, (1.8)

with G the Lorentz factor of the particle and p = Gmv, so we see that there is a G4

dependency if the acceleration is perpendicular to the direction of motion and G6 de-
pendency if the acceleration is parallel to the direction of motion.



Radio spectral index

 54

•1st order fermi acceleration predicts �  
•Today: radio spectral index �  
•Agrees with radio observations, but large variance 
•Radio observations: first evidence for accelerated particles (electrons) in 

SNRs

q ≈ 2
α = (q − 1)/2 ≈ 0.5

2.1. RADIO OBSERVATIONS 39

Figure 2.2: A histogram of the radio spectral index (a) distribution of shell-type
supernova remnants, based on the catalogue maintained by D. Green [165].

[74]. The youngest known supernova remnant, G1.9-0.3 has a = 0.71±0.26, a steep,
but rather uncertain spectrum.

More mature supernova remnants like CTB109, and Puppis A, on the other hand,
both have a ⇡ 0.5�0.55 [204, 251]. And finally, there is the class of mixed-morphology
supernova remnants, mature supernova remnants with shell-type morphology in the
radio, and centrally dominated emission in the X-rays, among which we find many
objects with spectral indices around 0.3� 0.4 (see § ??). The rather flat spectra are
not well understood, but two mechanisms may be involved. One is that the diffusive
shock acceleration is not very efficient in mixed-morphology supernova remnants, and
the relativistic electron spectrum may be the result of the compression of pre-existing
interstellar medium electrons, and, perhaps in addition, turbulent reacceleration in the
post shock region [289]. An other reason for the rather flat spectra may the high post-
shock compression ratios expected behind radiative shocks (§ ??). As indicated by
(1.23), higher compression ratios result in flatter spectra.

The steeper spectra for younger supernova remnants is also not well understood, but
again there are two possible explanations identified. One involves the theory of non-
linear shock acceleration discussed in § 1.2.9. According to this theory the subshock
has a compression ratio c < 4, whereas the overall shock compression ratio is c > 4.
As a result, the low energy cosmic-ray spectrum, for which the particles experience
only the gradient in velocity across the subshock, should be steeper than q = 2 (a =
0.5), whereas at higher energies the spectrum should flatten asymptotically to q = 1.5
(a ⇡ 0.25). If we apply this to Cas A, we see that a = 0.77 corresponds to q = 2.54,
which, according to (1.23), implies c ⇡ 2.9 for the subshock. This is a not unreasonable
value, and it would mean that non-linear acceleration effects are only strong in young
supernova remnants, which have a & 0.6. Non-linear shock acceleration theory also
predicts a gradual flattening of the synchrotron spectrum. Indeed, the radio spectra
of Kepler’s SNR and Tycho’s SNR appear to be slightly curved [249], whereas for
SN 1006 and RCW 86 curved underlying electron spectra have been inferred from the
radio to X-ray synchrotron modeling [53, 296].

An alternative theory for the steeper spectra in young supernova remnants is that

Cas A (VLA)



X-ray synchrotron emission
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•X-ray synchrotron emission first proven in 1995 for SN1006 by Koyama et al. 
•For SNRs. For PWNe much longer known (e.g. Crab nebula) 

•X-ray synchrotron emission implies presence of 10-100 TeV electrons!! 
•10-100 TeV can cool very fast → information on where electrons are accelerated

SN1006
X-ray

Crab nebula
X-ray



X-ray images of young supernova remnants
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Cas A SN1604/Kepler SN1572/Tycho

SN185/RCW86SN1006 RX J1713

•Since 1995 many identifications of X-ray synchrotron emission from young SNRs 
•Some SNRs: no X-ray line emission → X-ray synchrotron dominated (e.g RXJ1713) 

•Why do we not detect hot, line emitting plasma?



X-ray spectrum from two regions Cas A
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X-ray continuum emission 
(mostly X-ray synchrotron)

X-ray emission lines 
(thermal plasma)



Loss limited versus age limited electron spectra
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●The maximum photon energy (or exponential break) is determined either by 
1) how much time was there to accelerate electrons?: age limited 
2) at what energy: acceleration gains=radiation losses?: loss limited 

●Most young SNRs seem to have loss limited spectra (but discussion ongoing) 
●For loss limited case, characteristic cut-off frequency independent of B: 

h⇥max = 1.4��1
⇣⇤4 � 1

4

⇤2
4

⌘⇣ Vs

5000 km s�1

⌘2
keV

●Taking account of all constants etc.:

•Comparing loss- and acceleration time scales: 

�τsyn =
E

Psyn
≈

634
B2E

, τacc ∝
D
V2

s
∝

E
BV2

s

•Emax: τsyn ≈ τacc ⇒
1

B2Emax
≈

CEmax

BV2
s

⇒ E2
max ∝

V2
s

B

•Dependence photon energy on E and B: �hν ∝ E2B → hνmax ∝ V2
s



Implications X-ray synchrotron emission
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●Synchrotron emissivity profile broad: gradual steepening beyond break 
●Fact that young SNRs are synchrotron emitters: acceleration must proceed 
close to Bohm-diffusion limit! 

●The higher the B-field -> faster acceleration, but for electrons: Emax lower! 
●For B=10-100 μG: presence of 1013-1014 eV electrons 
●Loss times are: 

X-ray synchrotron emission tells us that 
- electrons can be accelerated fast (≈10-100 yr) 
- that acceleration is still ongoing (loss times ≈10-100 yr) 
- that particles can be accelerated at least up to 1014 eV 

�syn =
E

dE/dt
= 12.5

⇣ E

100 TeV

⌘�1⇣ Be�

100µG

⌘�2
yr.

⌘ . 10



Narrow X-ray synchrotron filaments
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SN1572

Chandra

●In some cases X-ray synchrotron filaments 
appear very narrow (1-4”) 
●Correcting projection effects: l≈1017cm

Chandra

Cas A



Why are the synchrotron filaments narrow?
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●Two possible ways of reasoning: 
- length scale associated with synchrotron loss time & advections: 

- length scale corresponds to diffusion length scale of 10-100 TeV electrons: 

�     

  
•Turns out the two are more or less equivalent 

•So near break frequency: 

ldiff =
D2

v2
=

χ
3

λmfpc

Vs
=

χ
3

η
E
eB

ladv = �syn�v = �syn
Vs

⇥

�acc =
2D

�v2
=

ldi�

�v

�syn =
ladv

�v

⌧syn ⇡ ⌧acc $ ladv ⇡ ldi↵

•Combining advection/diffsion: B2 ⇡ 26
⇣ ladv

1.0⇥ 1018cm

⌘�2/3
⌘1/3

⇣
�4 �

1
4

⌘�1/3
µG



Diagram: using width/photon energy to 
decouple electron energy and magnetic field
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•Narrowness filaments: magnetic field near shock front is rather high 100-500 μG

Vink&Laming 2003



X-ray synchrotron profiles
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Helder, JV, et al. 2012

•Model: sudden increase at shock + exponential fall off (projected) 
•Models do generally not fit very well (exception Vela jr) 
•Some filaments (e.g. Cas A & SN1572) very narrow: <1” or 1017cm



Evidence for magnetic field amplification
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Tycho’s SNR/SN1572

Chandra

•X-ray synchrotron confined to shock region:  
synchrotron energy losses large ⇒ B-fields must be large (100-500 μG) 

•X-ray synchrotron radiation only possible with fast acceleration 
•Cosmic rays likely amplify magnetic fields and make them turbulent! 

•Evidence that B2 ∝ ρVs3 (or ρVs2):  

at higher densities faster shocks: faster acceleration

Vink 2008



Toy model for past acceleration Cas A

 65

Maximum energy 
for Fe

•Using relation B2∝ρVs3 

•Using current age, velocity for Cas A 
•Suggests that maximum energy was reached in the past!!



8 Magnetic field amplification
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•X-ray synchrotron: evidence for high B-fields & turbulent B-fields 
•Ingredients for acceleration: high B-field & turbulent B-fields 
•How come B-fields higher than (compressed) Galactic fields? 
•Several ways of enhancing/creating magnetic fields: 

1.Collisionless shocks → streaming of electrons/ions → 
current generate fluctuating B-field → B-field bunches particles together 
in filaments with enhances B-field further (operates near shock) 

2.Interaction B-field with single particles: Alfven wave generation with 
�  (is called resonant Alfvén wave excitations) → important for 
turbelence with right wavelengths 

3.Non-resonant magnetic field amplification (Bell instability)

λA ≈ rg

LETTERS NATURE PHYSICS DOI: 10.1038/NPHYS3178

8 lasers
∼4 kJ, 1 ns

8 lasers
∼4 kJ, 1 ns CH2

CH2

Flow 1

Flow 2

Proton
radiography

Protons

D−3He capsule
18 beams

(∼9 kJ, 1 ns, not shown)

Figure 1 | Experimental configuration to generate opposing plasma flows
probed by D–3He protons. The experiment consists of a pair of (CH2)
plastic foils of diameter 2 mm and thickness 500 µm, oriented face-on and
separated by 8 mm. Each was irradiated with eight overlapped laser beams,
delivering ⇠4 kJ of 351 nm laser energy in a 1 ns square pulse. Distributed
phase plates were used to produce super-Gaussian laser spots with focal
spot diameters of 250 µm on the target surface. After a delay, the proton
probe was created by laser-compressing a thin-walled SiO2 capsule. The
capsule was filled with a 1:1 mixture of deuterium (D) and 3helium (3He) at
a total pressure of 18 atm. At peak compression (1023 cm�3) protons are
produced quasi-isotropically at energies of 3.0 and 14.7 MeV. The protons
were detected using a CR39 nuclear track detector positioned on the
midplane of the CH2 target foils, such that the protons traverse the central
interaction region as shown.

reactions; see Supplementary Information for additional details
on proton imaging). The protons that pass through the plasma
interaction region are deflected by the electric and magnetic fields
in the system, and are recorded using a CR39 nuclear track detector
at a magnification of approximately 30. There are several important
features in the proton radiography data, which was taken at three
di�erent times during the interaction of the flows, and are shown
on the top two rows of Fig. 2. First, oriented along the flow direction
is a pattern of filamentary structures, consistent with Weibel
filamentation in the counter-propagating flows. These features
develop strongly between 3 and 4 ns after the start of the drive laser
pulse and grow to lengths >1mm along the direction of the flow.
The filamentary structure is clear in both 3.0 and 14.7MeV proton
images, and extends relatively uniformly for several mm across the
plasma flow, occupying a total volumeof severalmm3. The similarity
in the observed features and relative contrast between the 3MeV
and 14.7MeV radiographs indicate that proton deflections were
produced by magnetic fields (see Supplementary Information for
further discussion).

In addition to the filaments, horizontal ‘plate’ features are seen
near the midplane of the drive plasmas. These large-scale magnetic
features have been observed in previous experiments with similar
geometries14,19, and are understood to be the result of Biermann-
battery-generated magnetic fields23. These fields are created at the
target surface during the laser ablation and form a loop around
the expanding plasma flow24,25. The Biermann fields are frozen in
the flow, following the e�ective electron trajectory to the midplane,
where the longitudinal electron velocity from the two flows is
cancelled. The magnetic fields cannot readily cross the midplane,
and expand transversely, leading to the formation of characteristic
plates23. Asymmetry between the top and bottom plates in the
data is related to slight non-uniformities in the flows, including
di�erences in laser energy deposition on the two foils and tilts in
their orientation relative to the proton probe.

To better understand both the Weibel and Biermann-battery-
generated magnetic fields in the experiment we have conducted
detailed 3-dimensional particle-in-cell (3D PIC) simulations with

Experimental proton radiographs from 14.7 MeV (D−3He) protons

3.2 ns 4.2 ns 5.2 ns

Synthetic proton radiographs from 14.7 MeV protons

3.4 ns 4.4 ns 5.4 ns

Experimental proton radiographs from 3.0 MeV (D−D) protons

1 mm

1 mm

1 mm

Figure 2 | Experimental images and synthetic radiographs of magnetic
field structures. Experimental proton images are shown from 3.0 MeV D–D
protons (top row), 14.7 MeV D–3He protons (middle row), and synthetic
14.7 MeV proton tracing from 3D particle-in-cell (PIC) simulations (bottom
row). In each case the plasma flows enter the frame from the top and
bottom. The small timing di�erence between D–D and D–3He images is due
to the proton time of flight from the capsule to the plasma interaction
region. At early time (approximately 3 ns after the drive begins), only initial
traces of filamentation are observed. At later times the filaments become
more coherent and increase in extent along the flow direction. In each case
extended magnetic ‘plates’ are formed above and below the midplane
as a result of the large-scale Biermann-battery fields generated in the
laser-ablation process23. All images are 3 mm in diameter in the
target plane.

the code OSIRIS (refs 26,27) to model, from first principles,
the counter-streaming plasma flows and the generation of
electromagnetic fields (Fig. 3a,b). The flows are initialized
with the properties measured experimentally in the midplane
region—namely, each flow has ne =5⇥1018 cm�3, v=1,900 km s�1

and Te =Ti =1 keV. To include the e�ect of the Biermann battery,
the flows were encircled by a large-scale magnetic field consistent
with the misaligned density and temperature gradients of the
flow, with an initial peak amplitude of 50 kG (see ref. 19). Further
simulation details are found in the Supplementary Information.

Within 1 ns of the opposing flows beginning to interact at
the midpoint of the simulation volume, magnetic filaments are
generated via the Weibel instability (Fig. 3b). Also, the magnitude
of the toroidal Biermann-battery magnetic fields that are initially
imposed doubles, owing to the conservation ofmagnetic flux. These
fields lead to a long-range order in the system, and generate a pair
of magnetic plates similar to those seen in the experiment (Fig. 2).
The presence of the toroidal fields does not significantly alter the
formation of the ion Weibel instability because the ions remain
unmagnetized. This is supported by simulations where, when the

174 NATURE PHYSICS | VOL 11 | FEBRUARY 2015 | www.nature.com/naturephysics

Huntington+ 2015 
experimental verification Weibel 
instability



B-fields and cosmic rays
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Non-resonant Bell instability
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•Start with MHD equation of motion, but add a large scale current: 

�  

•Effect of perturbation in B and v:     
�  

•Applying gives: 

�  

•Combining: �  

•Without Jcr we get Alfvén wave equation 
•With Jcr: we get an imaginary(=exponentially growing) mode: Bell’s instability 

�

ρ
∂v
∂t

=
(∇ × B) × B

4π
+

Jcr × B
c

v⊥ = (δv + iδv)exp [i(kz − ωt)], B⊥ = (δB + iδB)exp [(kz − ωt)]

−iωρ(1 + i)δv = +
ikδ(1 + i)δBBz,0

4π
+ (1 − i)

1
c

JcrδB, iωδB(1 + i) = (1 + i)δvikBz,0

ω2(1 + i) = k2v2
A(1 + i) +

kJcr

ρc
(1 − i)

γmax = iω =
1
2 ( 4π

ρ )
1/2 Jcr

c
.



Non-resonant Bell instability
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1.2. THE THEORY OF DIFFUSIVE SHOCK ACCELERATION 35

Figure 1.9: The magnititude of the magnetic field strength and density perturbed by
the Bell instability for different e-folding times [86].

these harmonic perturbations in (1.74) and (1.73) and keeping track of the directions
of the cross-products and curls gives

�iwr(1+ i)dv =+
ikd (1+ i)dBBz,0

4p
+(1� i)

1
c

JcrdB,

iwdB(1+ i) =(1+ i)dvikBz,0.

Inserting the second equation in the first equation results in a dispersion relation:

w2(1+ i) = k
2
v

2
A(1+ i)+

kJcr

rc
(1� i), (1.75)

where we have used v
2
A = B

2/4pr . In the absence of a cosmic-ray current, Jcr = 0
the dispersion relation is simply that of an Alfvén wave. Note that k can be negative
if the perturbation propagates in opposite direction. Depending on the polarisation
mode x̂ or ŷ and the sign of k we find that there are negative roots of the dispersion
equation, g ⌘ iw , which correspond to exponential growth of the magnetic field dis-
turbance (dBexp(gt)). The condition for growth is that k

2
v

2
A < |kBz,0Jcr/rc|. It can

be shown [85] that (1.75) needs to be modified for currents from cosmic-ray particles
with gyroradii rg . 2p/k, preventing growth for these large wavelentghts.

The maximum growth rate can be found by solving ∂w2/∂k= ∂ (k2
v

2
a �kBz,0Jcr/rc)/∂k=

0, which has the solution kmax = 2pJcr/cBz,0 and

gmax =
1
2

✓
4p
r

◆1/2
Jcr

c
. (1.76)

We can estimate the growth rate quantitatively by estimating the current Jcr = e <
Z > ncrVsh and noting that ncr = Pcr/ < p? > c. The average momentum for a cosmic-
ray spectral index of q ⇡ 2 and p2 � p1 is

< p? >=
1
3
< p >=

1
3

R
p2
p1

pp
�q

d p
R

p2
p1

p�qd p
⇡ 1

3
p1 ln(p2/p1). (1.77)

•Numerical simulations show B-field growth ring-like filaments 
•Theoretical growth time scale: 

�τBell ≈ 12 ( w
0.1 )

−1

( ln(p2/p1)
11.6 ) ( nH

1 cm−3 )
−1/2

( Emax

1014 eV ) ( Vsh

5000 km s−1 )
−3

yr .



9 Non-linear diffusive shock acceleration
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•The particles scatter off the plasma waves and gain energy from it 
•This means plasma must somehow loose energy (there is a drag) 
•Tueday’s lecture: supernova remnants put 5-10% of energy in cosmic 

rays! 
⇒ the test particle approach needs modification

•Modern theories: non-linear diffusive shock acceleration 
•People involved (since 1980ies): D. Eichler, L. Drury, M. Malkov, D. 

Ellison, P. Blasi, etc 
•Review: http://adsabs.harvard.edu/cgi-bin/nph-data_query?

bibcode=2001RPPh...64..429M&link_type=ABSTRACT 
•Challenge: self-consistently calculate effect of accelerated particles on 

shock structure/plasma flow

http://adsabs.harvard.edu/cgi-bin/nph-data_query?bibcode=2001RPPh...64..429M&link_type=ABSTRACT
http://adsabs.harvard.edu/cgi-bin/nph-data_query?bibcode=2001RPPh...64..429M&link_type=ABSTRACT
http://adsabs.harvard.edu/cgi-bin/nph-data_query?bibcode=2001RPPh...64..429M&link_type=ABSTRACT


Enhanced pressure/higher density 
caused by accelerated particles

Mix of thermal and non-thermal pressure

Non-linear diffusive shock acceleration II

 71

•Non-linear shock acceleration: 
•Shock-structure larger: accelerated particles upstream (=cosmic-ray precursor) 

push against plasma 
•Particles set plasma in motion, compress it, and pre-heat it 
⇒Mach number at shock will be lower! 

•Equation of state changes: mix of non-relativistic and relativistic particles 
•Escape of cosmic rays drain energy (escape upstream not downstream!!) 
•Terminology: actual shock is now called the sub-shock 
•Idea of shock vs sub-shock challenge idea of a shock as a sudden jump

=sub-shock



Non-linear diffusive shock acceleration III
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Vladimirov, Bykov, & Ellison 08

•Size of shock precursor:

10 2. DIFFUSIVE SHOCK ACCELERATION

Blabla The spectrum is:

n(p)dp = n0

✓
p

p0

◆�q

dp (2.23)

q = 1 +
3

�� 1
=

� + 2
�� 1

. (2.24)

For � = 4 we have q = 2. Lower Mach number (smaller compression factors) give steeper q.
Size of shock precursor:

ldi↵ ⇡
D

Vs
⇡ ⌘cE

3eBVs
⇡ 7⇥ 1017⌘

✓
E

1015 eV

◆ ✓
B

100 muG

◆�1 ✓
Vs

5000 km/s

◆
cm. (2.25)

LITERATURE

Bale, S. D., Mozer, F. S., & Horbury, T. S. 2003, Physical Review Letters, 91, 265004

McKee, C. F. & Hollenbach, D. J. 1980, ARA&A, 18, 219

Zel’dovich, Y. & Raizer, Y. P. 1966, Elements of Gasdynamics and the Classical Theory of Shock
Waves (New York: Academic Press, 1966, edited by Hayes, W.D.; Probstein, Ronald F.)

•Can be 1/3 of a parsec!! 
•Depends on where most cosmic ray energy is: 

• q<2: highest energy particles (the knee?) 
•q>2: around E=mpc2 ≈1 GeV 

•According to early theories of non-linear 
acceleration: �q = 1.5



Non-linear shock acceleration model
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No. 1, 2000 NONLINEAR SHOCK ACCELERATION IN SNRs 295

FIG. 1.ÈDownstream phase space distribution functions, f, vs. momen-
tum, p. We have multiplied f (p) by to Ñatten the spectra, and by[p/(m

p
c)]4

to make them dimensionless. The solid histogram is a Monte[(m
p
c)3/n

p0]
Carlo model result, while the dashed, dot-dashed, and dotted curves are
from the simple model. The three simple model results are obtained with
identical input parameters except for which is varied as shown. Theginj,p ,

case is chosen to match the Monte Carlo result and aginj,p \ 5 ] 10~3
good correspondence between the two models is obtained above the injec-
tion momentum, The injection momentum,pinj ^ 7 ] 10~3m

p
c. pinj,varies with input parameters : for ginj,p \ 3 ] 10~4 , pinj ^ 1.0 ] 10~2 m

p
c,

and for As explained in Berezhko &ginj,p \ 5 ] 10~5 , pinj ^ 0.11m
p
c.

Ellison (1999), the model spectra are considerably steeper than the test-
particle prediction for f P p~3.06 (solid line), at the highestrtot \ 46,
momenta.

developed without a detailed knowledge of the complex
plasma processes, and these models have been shown to
match spacecraft observations of ion acceleration at helio-
spheric shocks (e.g., Ellison et al. 1990 ; Baring et al. 1997)
and hybrid simulations (e.g., Giacalone et al. 1997). Elec-
trons, on the other hand, carry little momentum and do not
inÑuence the shock structure substantially so they act basi-
cally as test particles. Because of this, their injection and
acceleration efficiencies (at nonrelativistic energies at least)
are sensitive to the details of the complex wave-particle
plasma interactions, which are not well understood. Fur-
thermore, since protons determine the overall shock
dynamics, plasma simulations wishing to describe electrons
self-consistently must include protons self-consistently as
well, forcing prohibitively large ranges in time and length
scales. Compounding the problem, spacecraft observations
of heliospheric shocks have not until very recently (i.e.,
Terasawa et al. 1999) detected the di†usive injection and
acceleration of thermal electrons. This, in contrast to the
many observations of thermal proton injection and acceler-
ation, has made it impossible to infer the properties of elec-
tron injection and acceleration from in situ observations, or
even, until recently, conÐrm that di†usive shock acceler-
ation of electrons from the thermal background takes place.

In order to include electrons in the simple model we note
that particles with the same upstream di†usion length, i/u 0

FIG. 2.ÈTop panel : Phase space distribution functions, f (p), Ñattened
and made dimensionless as in Fig. 1. The solid curve shows protons, the
dashed curve shows electrons with and the dotted curve(e/p)rel \ 0.05,
shows electrons with No synchrotron or inverse-Compton(e/p)rel \ 0.01.
losses are included so the electron and proton spectra cut o† at the same
momentum. Bottom panel : Di†erential energy Ñux distributions for the
same particles. These spectra are normalized with a far upstream number
density, such that cm~2 s~1 . The dot-dashed curves are test-n0@ , n0@ u 0 \ 1
particle electron results with included for comparison. All(e/p)rel \ 0.01
input parameters are the same as for the dotted curves except ginj,p \
5 ] 10~6 , which gives rtot \ 4.1.

(i is the di†usion coefficient and is the far upstreamu 0shock speed),3 have the same acceleration rate. That is, elec-
trons and protons will obtain the same spectral shape if they
have the same di†usion coefficient in a con-i

e
(p) \ i

p
(p)

sidered momentum range. Since the di†usion coefficient
i \ j(R)v/3 depends not only on the particle rigidity, R, but
also on their speed, v, which is di†erent for electrons and
protons at p \ 1 GeV/c, one might conclude that, in
general, the shapes of the accelerated electron and proton
spectra are di†erent. However, it is easy to show that the
electron and proton spectral shapes should, in fact, be very
similar at superthermal energies. At relativistic energies,

the interaction with the magnetic Ðeld of elec-E ? m
p
c2 ,

trons and protons of the same gyroradius (or rigidity) is
indistinguishable if we assume any e†ects from helicity are

3 Everywhere, the subscript ““ 0 ÏÏ implies far upstream values and the
subscript ““ 2 ÏÏ implies far downstream values.

Ellison, Berezhko, Baring, 2000

•Effect of non-linear acceleration: 
•low M at sub-shock= lower compression 
•overall compression (incl. precursor) can 

be (much) larger) 
•Non-linear shock model with escape: extreme 

compression ratios (Figure: X=42!, Xsub=3.5) 
•Curved spectrum 

•Low energy particles only scatter across 
sub-shock (lower velocity gradient) 

•Highest energy particles sample complete 
velocity field



Extending Rankine-Hugoniot relation with 
accelerated particles I
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•Assume two “fluids”:  
1. plasma with γg=5/3,  
2. cosmic rays with 4/3<γcr<5/3 

•Allow for energy to escape (cosmic rays leaving system): ϵ≣Fcr,esc/(½ρ0v03) 
•Close equations by evaluating conditions in three regions: 

1. undisturbed medium 
2. in cosmic-ray precursor, just ahead of shock  
3. shocked medium 

•Closing relation: cosmic-ray pressure continuous across shock (boundary 1 & 2)
 74

66CHAPTER 3. COSMIC-RAY ACCELERATION BY SUPERNOVA REMNANTS

The overall result is in a variable spectral index, which at low energies a steep index
(reflecting the small compression factor of the subshock), and which is flatter at high
energies. So the spectrum is no longer a power law distribution, but is concave. An im-
portant aspect of non-linear shock acceleration is that the highest energy particles may
diffuse too far ahead of the shock and escape, draining energy from the shock system.

subshock

Upstream (unshocked) Downstream (shocked)

CR precursor

CR pressure

gas pressure

density

plasma velocity (shock frame)

precompression

region 1 
(precursor)

region 2 
(shocked)

region 0 
(undisturbed)

Lo
ga

rit
hm

ic
 s
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le

Figure 3.6: Schematic illustration of the structure of a cosmic-ray modified shock.

A detailed description of non-linear shock structure goes beyond the scope of this
book, but some salient aspects of cosmic-ray modified shocks can be described using
the so-called two-fluid model [58, 151, 150]. In this model the accelerated particles
are treated as an additional fluid component alongside the normal plasma component.
The Rankine-Hugoniot conditions can then be applied, but with some modifications:
instead of an upstream and downstream region (1,2, see § 1.1) three regions are distin-
guished, upstream (0), precursor (1) and downstream (2), see Fig. 3.6. The continuity
of mass- (1.2) and momentum-flux (1.3)(essentially pressure equilibrium) can be fol-
lowed throughout all regions, but the equation of energy-flux needs to be modified.
First of all, because in the precursor energy-flux is originating from the downstream
region (the cosmic-ray precursor), secondly, because we have to allow for cosmic-ray
escape, draining energy from the shock system. Equation (1.4) needs, therefore, to be
modified to


P0 +U0 +(1� e)1

2
r0v

2
0

�
v0 =


P2 +U2 +

1
2

r2v
2
2

�
v2, (3.51)

with e 2 [0,1] the energy-flux escape fraction. The pressure is a combination of gas
pressure Pg and cosmic-ray pressure Pcr. As a measure of the cosmic-ray accelera-
tion efficiency we use the ratio of the downstream cosmic-ray pressure over the total



Extending Rankine-Hugoniot relation with 
accelerated particles II
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•One running parameter: precursor compression Xprec 
•Assume value of γcr ϵ [4/3 - 5/3] 
•In region adiabatic compression of gas due to cosmic rays:  

•�  

•  

•Hence, the Mach number at shock changes: �  

•(Sub)shock compression ratio still given by �  

•So total compression ratio 

P1 = P0 χγ

ρ1 = χρ0

Mg,1 = Mg,0 χ−(γg+1)/2
prec

χ =
(γg + 1)M2

1

(γg − 1)M2
1 + 2

�tot = �prec�sub =
(�g + 1)M2

g,0�
��g
prec

(�g � 1)M2
g,0�

�(�g+1)
prec + 2

(Vink+ 2010, Vink & Yamazaki 14)

•Define a measure for cosmic-ray efficiency 
(downstream CR pressure/total pressure)

3.2. THE THEORY OF DIFFUSIVE SHOCK ACCELERATION 67

pressure:

w ⌘ Pcr,2

Ptot,2
. (3.52)

Furthermore, the cosmic-ray pressure is continuous accros the subshock (Pcr,1 = Pcr,2).
Just ahead of the subshock we assume that the cosmic-ray pressure has compressed
the gas with a factor cprec, which leads to an adiabatic pressure increase of the gas of
Pgas,1 = Pgas,0cg

prec. This results in a sonic Mach number just ahead of the subshock of

M
2
prec ⌘

r1v
2
2

gPgas,1
= M

2
totc

�g+1
sub , (3.53)

with Mtot the total Mach number (the Mach number in absence of cosmic rays). Using
(??) we obtain the following expression for the subshock compression ratio:

csub =
(g +1)M2

totc
�g+1
sub

(g �1)M2
totc

�g+1
sub +2

, (3.54)

and a total compression ratio ctot = cpreccsub. The downstream plasma pressure and
temperature (kT2 = µmpPgas,2/r2) can be either obtained from (3.54) and the expres-
sion for Pgas,1:

Pgas,2 = P0cg
prec +

✓
1� 1

csub

◆
r1v

2
1, (3.55)

or directly from the continuity of momentum-flux equation (1.3), corrected for the
cosmic-ray pressure:

Pgas,2 = (1�w)


P0 +

✓
1� 1

ctot

◆�
r0v

2
0, (3.56)

which shows that downstream thermal pressures are reduced by a factor (1�w).
Both equations can be made dimensionless by dividing them by r0v

2
0 and inserting

M
2
tot = P0/gr0v

2
0 and cprec = r1/r0 = v0/v1. Equating these two equations now gives

the cosmic-ray acceleration efficiency as a function of total Mach number and precursor
and total compression ratios:

w =
(1�cg

prec)+ gM
2
tot

⇣
1� 1

cprec

⌘

1+ gM
2
tot

⇣
1� 1

ctot

⌘ ⇡ ctot �csub

ctot �1
. (3.57)

The approximation holds for very strong shocks and modest precursor compression
ratios. We see that for cprec = 1 (i.e. csub = ctot) we obtain an efficiency of w = 0.
Finally, we can derive an expression for the required energy escape fraction from (3.51)
for a fixed adiabatic index for the cosmic-ray “fluid” gcr 2 [4/3,5/3],
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For an assumed gcr and Mtot equations (3.57) and (3.58) provide a continuous set of
solutions (Fig. 3.7), with cprec as the controlling variable. It shows that, in general, for
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The overall result is in a variable spectral index, which at low energies a steep index
(reflecting the small compression factor of the subshock), and which is flatter at high
energies. So the spectrum is no longer a power law distribution, but is concave. An im-
portant aspect of non-linear shock acceleration is that the highest energy particles may
diffuse too far ahead of the shock and escape, draining energy from the shock system.
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Figure 3.6: Schematic illustration of the structure of a cosmic-ray modified shock.

A detailed description of non-linear shock structure goes beyond the scope of this
book, but some salient aspects of cosmic-ray modified shocks can be described using
the so-called two-fluid model [58, 151, 150]. In this model the accelerated particles
are treated as an additional fluid component alongside the normal plasma component.
The Rankine-Hugoniot conditions can then be applied, but with some modifications:
instead of an upstream and downstream region (1,2, see § 1.1) three regions are distin-
guished, upstream (0), precursor (1) and downstream (2), see Fig. 3.6. The continuity
of mass- (1.2) and momentum-flux (1.3)(essentially pressure equilibrium) can be fol-
lowed throughout all regions, but the equation of energy-flux needs to be modified.
First of all, because in the precursor energy-flux is originating from the downstream
region (the cosmic-ray precursor), secondly, because we have to allow for cosmic-ray
escape, draining energy from the shock system. Equation (1.4) needs, therefore, to be
modified to


P0 +U0 +(1� e)1
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�
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with e 2 [0,1] the energy-flux escape fraction. The pressure is a combination of gas
pressure Pg and cosmic-ray pressure Pcr. As a measure of the cosmic-ray accelera-
tion efficiency we use the ratio of the downstream cosmic-ray pressure over the total



Extending Rankine-Hugoniot relation with 
accelerated particles III 
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•Assume momentum conservation eq. holds:   P0+ρ0v02= P1+ρ1v12= P2+ρ2v22 

•From region 1 to 2 (CR pressure on both sides drop out, Pcr,2=Pcr,1):
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pressure:

w ⌘ Pcr,2

Ptot,2
. (3.52)

Furthermore, the cosmic-ray pressure is continuous accros the subshock (Pcr,1 = Pcr,2).
Just ahead of the subshock we assume that the cosmic-ray pressure has compressed
the gas with a factor cprec, which leads to an adiabatic pressure increase of the gas of
Pgas,1 = Pgas,0cg

prec. This results in a sonic Mach number just ahead of the subshock of
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with Mtot the total Mach number (the Mach number in absence of cosmic rays). Using
(??) we obtain the following expression for the subshock compression ratio:
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and a total compression ratio ctot = cpreccsub. The downstream plasma pressure and
temperature (kT2 = µmpPgas,2/r2) can be either obtained from (3.54) and the expres-
sion for Pgas,1:
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or directly from the continuity of momentum-flux equation (1.3), corrected for the
cosmic-ray pressure:

Pgas,2 = (1�w)
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which shows that downstream thermal pressures are reduced by a factor (1�w).
Both equations can be made dimensionless by dividing them by r0v

2
0 and inserting

M
2
tot = P0/gr0v

2
0 and cprec = r1/r0 = v0/v1. Equating these two equations now gives

the cosmic-ray acceleration efficiency as a function of total Mach number and precursor
and total compression ratios:
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The approximation holds for very strong shocks and modest precursor compression
ratios. We see that for cprec = 1 (i.e. csub = ctot) we obtain an efficiency of w = 0.
Finally, we can derive an expression for the required energy escape fraction from (3.51)
for a fixed adiabatic index for the cosmic-ray “fluid” gcr 2 [4/3,5/3],
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with
G0 ⌘

g
g �1

, G2 ⌘ w
gcr

gcr �1
+(1�w)

g
g �1

. (3.59)

For an assumed gcr and Mtot equations (3.57) and (3.58) provide a continuous set of
solutions (Fig. 3.7), with cprec as the controlling variable. It shows that, in general, for
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•But should equal (region  0 to 2): 

•Can be use to derive
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Furthermore, the cosmic-ray pressure is continuous accros the subshock (Pcr,1 = Pcr,2).
Just ahead of the subshock we assume that the cosmic-ray pressure has compressed
the gas with a factor cprec, which leads to an adiabatic pressure increase of the gas of
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and a total compression ratio ctot = cpreccsub. The downstream plasma pressure and
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Pgas,2 = P0cg
prec +

✓
1� 1

csub

◆
r1v

2
1, (3.55)

or directly from the continuity of momentum-flux equation (1.3), corrected for the
cosmic-ray pressure:

Pgas,2 = (1�w)


P0 +

✓
1� 1

ctot

◆�
r0v

2
0, (3.56)
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The approximation holds for very strong shocks and modest precursor compression
ratios. We see that for cprec = 1 (i.e. csub = ctot) we obtain an efficiency of w = 0.
Finally, we can derive an expression for the required energy escape fraction from (3.51)
for a fixed adiabatic index for the cosmic-ray “fluid” gcr 2 [4/3,5/3],
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For an assumed gcr and Mtot equations (3.57) and (3.58) provide a continuous set of
solutions (Fig. 3.7), with cprec as the controlling variable. It shows that, in general, for
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•Finally, look at energy equation (only compare region 0 and 2) 
•Allow particles to escape upstream 
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The overall result is in a variable spectral index, which at low energies a steep index
(reflecting the small compression factor of the subshock), and which is flatter at high
energies. So the spectrum is no longer a power law distribution, but is concave. An im-
portant aspect of non-linear shock acceleration is that the highest energy particles may
diffuse too far ahead of the shock and escape, draining energy from the shock system.
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Figure 3.6: Schematic illustration of the structure of a cosmic-ray modified shock.

A detailed description of non-linear shock structure goes beyond the scope of this
book, but some salient aspects of cosmic-ray modified shocks can be described using
the so-called two-fluid model [58, 151, 150]. In this model the accelerated particles
are treated as an additional fluid component alongside the normal plasma component.
The Rankine-Hugoniot conditions can then be applied, but with some modifications:
instead of an upstream and downstream region (1,2, see § 1.1) three regions are distin-
guished, upstream (0), precursor (1) and downstream (2), see Fig. 3.6. The continuity
of mass- (1.2) and momentum-flux (1.3)(essentially pressure equilibrium) can be fol-
lowed throughout all regions, but the equation of energy-flux needs to be modified.
First of all, because in the precursor energy-flux is originating from the downstream
region (the cosmic-ray precursor), secondly, because we have to allow for cosmic-ray
escape, draining energy from the shock system. Equation (1.4) needs, therefore, to be
modified to
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with e 2 [0,1] the energy-flux escape fraction. The pressure is a combination of gas
pressure Pg and cosmic-ray pressure Pcr. As a measure of the cosmic-ray accelera-
tion efficiency we use the ratio of the downstream cosmic-ray pressure over the total
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energies. So the spectrum is no longer a power law distribution, but is concave. An im-
portant aspect of non-linear shock acceleration is that the highest energy particles may
diffuse too far ahead of the shock and escape, draining energy from the shock system.
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Figure 3.6: Schematic illustration of the structure of a cosmic-ray modified shock.

A detailed description of non-linear shock structure goes beyond the scope of this
book, but some salient aspects of cosmic-ray modified shocks can be described using
the so-called two-fluid model [58, 151, 150]. In this model the accelerated particles
are treated as an additional fluid component alongside the normal plasma component.
The Rankine-Hugoniot conditions can then be applied, but with some modifications:
instead of an upstream and downstream region (1,2, see § 1.1) three regions are distin-
guished, upstream (0), precursor (1) and downstream (2), see Fig. 3.6. The continuity
of mass- (1.2) and momentum-flux (1.3)(essentially pressure equilibrium) can be fol-
lowed throughout all regions, but the equation of energy-flux needs to be modified.
First of all, because in the precursor energy-flux is originating from the downstream
region (the cosmic-ray precursor), secondly, because we have to allow for cosmic-ray
escape, draining energy from the shock system. Equation (1.4) needs, therefore, to be
modified to
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with e 2 [0,1] the energy-flux escape fraction. The pressure is a combination of gas
pressure Pg and cosmic-ray pressure Pcr. As a measure of the cosmic-ray accelera-
tion efficiency we use the ratio of the downstream cosmic-ray pressure over the total



Predicted compression ratios and escape flux  
as a function of cosmic-ray pressure

 77

Total and shock compression ratio Energy flux escape

w2=Pcr/Ptot

Vink et al. 2010, Vink &Yamazaki, 2014



The models agrees with the kinetic non-linear 
acceleration model of Blasi et al. (2005)

 78

•Crosses: Blasi model for different Emax 

•Blasi model: one solution (depends on acceleration details) 
•Extended Rankine-Hugoniot: allowed possibilities 



By measuring the post-shock temperature the 
cosmic-ray efficiency can be measured

 79

correction w.r.t. standard 
Hugoniot result 

kT =
3
16

mV 2
s



Dramatic decline in potential cosmic-ray pressures 
near critical Mach numbers
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•For non-relativistic cosmic rays: M >  √5≈2.236 
•For relativistic dominated particles (γcr=4/3): Mach nr M > 5.88 
•Different behavior for γcr=4/3 and γcr=5/3 

Non-relativistic particle population Relativistic particle population
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Variable spectral index
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FIG. 1.ÈDownstream phase space distribution functions, f, vs. momen-
tum, p. We have multiplied f (p) by to Ñatten the spectra, and by[p/(m

p
c)]4

to make them dimensionless. The solid histogram is a Monte[(m
p
c)3/n

p0]
Carlo model result, while the dashed, dot-dashed, and dotted curves are
from the simple model. The three simple model results are obtained with
identical input parameters except for which is varied as shown. Theginj,p ,

case is chosen to match the Monte Carlo result and aginj,p \ 5 ] 10~3
good correspondence between the two models is obtained above the injec-
tion momentum, The injection momentum,pinj ^ 7 ] 10~3m

p
c. pinj,varies with input parameters : for ginj,p \ 3 ] 10~4 , pinj ^ 1.0 ] 10~2 m

p
c,

and for As explained in Berezhko &ginj,p \ 5 ] 10~5 , pinj ^ 0.11m
p
c.

Ellison (1999), the model spectra are considerably steeper than the test-
particle prediction for f P p~3.06 (solid line), at the highestrtot \ 46,
momenta.

developed without a detailed knowledge of the complex
plasma processes, and these models have been shown to
match spacecraft observations of ion acceleration at helio-
spheric shocks (e.g., Ellison et al. 1990 ; Baring et al. 1997)
and hybrid simulations (e.g., Giacalone et al. 1997). Elec-
trons, on the other hand, carry little momentum and do not
inÑuence the shock structure substantially so they act basi-
cally as test particles. Because of this, their injection and
acceleration efficiencies (at nonrelativistic energies at least)
are sensitive to the details of the complex wave-particle
plasma interactions, which are not well understood. Fur-
thermore, since protons determine the overall shock
dynamics, plasma simulations wishing to describe electrons
self-consistently must include protons self-consistently as
well, forcing prohibitively large ranges in time and length
scales. Compounding the problem, spacecraft observations
of heliospheric shocks have not until very recently (i.e.,
Terasawa et al. 1999) detected the di†usive injection and
acceleration of thermal electrons. This, in contrast to the
many observations of thermal proton injection and acceler-
ation, has made it impossible to infer the properties of elec-
tron injection and acceleration from in situ observations, or
even, until recently, conÐrm that di†usive shock acceler-
ation of electrons from the thermal background takes place.

In order to include electrons in the simple model we note
that particles with the same upstream di†usion length, i/u 0

FIG. 2.ÈTop panel : Phase space distribution functions, f (p), Ñattened
and made dimensionless as in Fig. 1. The solid curve shows protons, the
dashed curve shows electrons with and the dotted curve(e/p)rel \ 0.05,
shows electrons with No synchrotron or inverse-Compton(e/p)rel \ 0.01.
losses are included so the electron and proton spectra cut o† at the same
momentum. Bottom panel : Di†erential energy Ñux distributions for the
same particles. These spectra are normalized with a far upstream number
density, such that cm~2 s~1 . The dot-dashed curves are test-n0@ , n0@ u 0 \ 1
particle electron results with included for comparison. All(e/p)rel \ 0.01
input parameters are the same as for the dotted curves except ginj,p \
5 ] 10~6 , which gives rtot \ 4.1.

(i is the di†usion coefficient and is the far upstreamu 0shock speed),3 have the same acceleration rate. That is, elec-
trons and protons will obtain the same spectral shape if they
have the same di†usion coefficient in a con-i

e
(p) \ i

p
(p)

sidered momentum range. Since the di†usion coefficient
i \ j(R)v/3 depends not only on the particle rigidity, R, but
also on their speed, v, which is di†erent for electrons and
protons at p \ 1 GeV/c, one might conclude that, in
general, the shapes of the accelerated electron and proton
spectra are di†erent. However, it is easy to show that the
electron and proton spectral shapes should, in fact, be very
similar at superthermal energies. At relativistic energies,

the interaction with the magnetic Ðeld of elec-E ? m
p
c2 ,

trons and protons of the same gyroradius (or rigidity) is
indistinguishable if we assume any e†ects from helicity are

3 Everywhere, the subscript ““ 0 ÏÏ implies far upstream values and the
subscript ““ 2 ÏÏ implies far downstream values.

Ellison, Berezhko, Baring, 2000

•Non-linear shock acceleration:  
•no longer a fixed power-law slope 
•slope is steep at low energies (smaller compression ratio) 
•slope is flat at high energies 

•However: effect not seen as strongly as predicted

19
92
Ap
J.
..
39
9L
..
75
R

Reynolds & Ellison 1992



Further evidence for non-linear shock 
acceleration?
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Fig. 1.—As a function of remnant age for different values of , we showhinj, p
(top) the fraction of pressure in relativistic particles and (bottom) the com-
pression ratio in the forward shock (dashed curves) and in the reverse shock
(solid curves).

Fig. 2.—Density and temperature vs. radius for different values of the in-
jection efficiency.

pressure on SNR dynamics were first considered by Chevalier
(1983) using a two-fluid, self-similar solution with a thermal
gas (adiabatic index ) and a relativistic gas (g p 5/3 g p
) having an arbitrary constant fraction of the total energy.4/3

Here we use Chevalier’s (1983) solutions for driven waves but
with boundary conditions calculated from the shock acceler-
ation model from Berezhko & Ellison (1999).
As a function of shock velocity , ambient density , un-V rs 0

shocked magnetic field , and ambient temperature , as wellB T0 0
as the maximum particle energy 3 and injection efficiencyEmax
hinj, p (i.e., the fraction of protons with superthermal energies),
the nonlinear model yields downstream values for the density
and pressures in the thermal and relativistic gases at the forward
and reverse shocks. Alfvén wave heating in the precursor is
used, reducing the efficiency compared to adiabatic heating.
Starting with test particle solutions at a given age, we iterate
until the modified solutions and nonlinear boundary conditions
are satisfied.
Our solutions neglect cosmic-ray diffusion (assuming they

are spatially coupled to the gas—an excellent approximation
for all but the highest energy particles) and assume that both
the compression ratio and the relativistic to total pressure ratio
are independent of time at either shock, which is required for
self-similarity to be valid.
Unless explicitly stated, we take K and4T p 10 B p0 0

3 is determined from the shock radius, age, and diffusive mean freeEmax
path (e.g., Ellison et al. 2000).

5 mG at both shocks. For the SNR parameters, we take g p
cgs, corresponding to9 2/33.4# 10 E (M /M ) p 0.53#SN , ej

ergs, and amu cm!3.5110 q p r p 0.420

3.2. Validity of the Self-similar Approach

We can a posteriori determine the validity of the self-similar
assumption by examining the variation versus time of the com-
pression ratio and relativistic to total pressure ratio at the re-
verse shock and at the forward shock. As seen in Figure 1,
these ratios are nearly constant for injection parameters

and negligible for , so that the!4 !5h ! 2# 10 h " 10inj, p inj, p
self-similar solutions are well justified in these cases.
For values of , unmodified solutions can!4h " 2# 10inj, p

occur at very high sonic Mach numbers (i.e., early ages),Ms

which show a rapid transition to nonlinear solutions as dropsMs

(see Berezhko & Ellison 1999). The self-similar approach is
valid if this rapid transition occurs early or late compared to
the age of the SNR.

3.3. Results on the Dynamics

Figure 2 shows the density and temperature as a function of
radius for various values of hinj, p. As hinj, p increases, the com-
pression ratio becomes higher (up to 15 here instead of 4),
while the shocked temperature drops (nearly a factor of 10
between the test particle result and ). Such trends!4h p 10inj, p
were expected from Chevalier (1983), but the actual nonlinear
effects lead to larger modifications because of the influence of
particle escape: the maximum compression ratio is no longer
limited to 7, but can rise, in principle, to infinite values.
Notably, these modifications occur for ,!5h ! 5# 10inj, p

considerably lower than that deduced for the Earth’s bow shock
and from plasma simulations (i.e., ; Ellison et al.!3h ∼ 10inj, p

Decourchelle+ 2000 
Warren+ 2005

•Recall: non-linear acceleration→ higher compressions, lower temperatures 
•Ejecta from supernova in Tycho’s SNR (SN1572) very close to shock front 
•Evidence for high compression ratios? 
•Or due to hydrodynamic instabilities (turbulence)?



Measuring temperatures
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SNR 0509-675 (LMC)

•Other effect: lower temperatures 
•In X-rays: measure electron temperatures 

•Is it equal to the proton/plasma-temperature? 
•Remedie: measure proton/ion temperatures 
•Best: in optical 

•neutral atoms entering shock either 
-excite and ionization → gives narrow emission line 
-charge exchange with hot proton + ionisation → gives broad emission line 

•Disadvantage: not all SNRs in environment with neutral hydrogen 



A measurement of the cosmic-ray efficiency in 
a fast supernova remnant shock  0509-675

 84 84

•Distance known (LMC, 50 kpc) 
•Shock velocity: X-ray line broadening + Chandra expansion: Vs> 5000 km/s 

•One of the fastest shocks  in a known SNR! 
•Hα broad line  widths: 2680 ± 70 km/s (SW), 3900 ± 800 km/s 
•Discrepancy in kT: kTmeasured/kTexp≤0.7    
•Hence: cosmic-ray efficiency w≥25% 
•Since 2010 claim disputed (shock velocity lower than claimed?)

Helder, Kosenko, Vink ‘10



Why non-linear shock theory is now less 
popular
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78CHAPTER 2. SUPERNOVA REMNANTS AND COSMIC RAYS: OBSERVATIONS

Figure 2.24: The spectral index in TeV g-rays versus the spectral index in GeV g-rays,
the latter as measured using the Fermi-LAT instrument. The black data points corre-
spond to shell-type supernova remnants, whereas red crosses are supernova remnants
designated in the TeVcat catalog as SNR/Molecular Cloud associations. See Table 2.4.

2.3.5 The population of g-ray emitting supernova remnants

In the preceding subsections we have high-lighted specific observations which illus-
trate important aspects of g-ray observations of supernova remnants: is the emission
hadronic or leptonic, and how and when do cosmic rays escape? Clearly for young
supernova remnants, which are also X-ray synchrotron emitters, the g-ray spectrum
extends into the VHE g-ray regime, whereas for older supernova remnants, often in-
teracting with molecular clouds and showing clear indications of hadronic emission,
the g-ray spectrum seems to break in the GeV g-ray regime, although the supernova
remnant may still be bright enough to be detected in the VHE g-ray regime.

To put these aspects into the context of the population of VHE g-ray emitting su-
pernova remnants, we list in Table 2.4 all VHE g-ray detected supernova remnants,
with the measured fluxes and spectral slopes [see 180, for an extensive population
study]. The table was compiled making use of the Chicago TeV catalogue (http:
//tevcat.uchicago.edu), which subdivides the TeV detected supernova rem-
nants into shell-type supernova remnants, composite supernova remnants, and super-
nova remnants with molecular cloud association (like W28 discussed above). It should
be noted that the difference between a shell-type SNR, and an SNR/Molecular Cloud
is not always clear cut. In one case the supernova remnant was relabelled ”shell”,
N132D, as the g-ray spatial resolution was not sufficient to reliably determine an in-
teraction with a nearby molecular cloud. Another caveat of Table 2.4 is that the fluxes
and spectral parameters were not obtained in an homogeneous prodecure, but instead
compiled from the available literature. For example, some TeV spectral slopes were
measured assuming a pure power-law spectrum, and in other cases the spectrum was
assumed to be a power-law with an exponential cut-off.

Nevertheless, some striking features appear if one displays the measured g-ray in-
dices obtained by IACTs, with those measured by the Fermi-LAT experiment (Fig. 2.24).
The supernova remnants labeled as SNR/Molecular Cloud (red data points) appear to

•Early non-linear shock theories: spectral index 1.5 
•Observed in gamma-rays: 1.4-2.8 
•But: 1.5 likely due to inverse Compton scattering; recall: �  
•For hadronic emission index seems consistent with q=2 
•Furthermore: cosmic ray content ≈5% of SN energy: non-linear effects not as 

extrem as predicted

Γ = (q + 1)/2 ≈ 1.5



Why you should still care about non-linear 
acceleration
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•Radio spectral index of young SNR Cas A and of radio supernovae: >0.7 
•Example: Cas A has �  corresponds with q=2.5 
•Implies much steep index, and low Mach number shocks 

(prediction of non-linear acceleration) 
•X-ray measured temperatures of SNRs too low: 

•Non-linear effect? Or: electron and ion temperature diffferent? 
•Magnetic field amplification seems solid:  

•is also non-linear effect 
•requires substantial cosmic-ray streaming ahead of shock

α = 0.77
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Figure 2.3: The radio spectrum of Cas A corrected to the epoch 1965.0 [74].

Substituting this into the expressions for the cosmic-ray energy density and magnetic
field energy density we find that

Ucr = 6�3/7(p)�3/7
✓

Lsyn(x +1)
AV

◆4/7

, (2.10)

UB =
B

2

8p
=

64/7

8
(p)�3/7

✓
Lsyn(x +1)

AV

◆4/7

. (2.11)

So we see that Ucr =
4
3UB under this assumption. In other words, the minimum energy

requirement leads to a magnetic field energy density that is close to equipartition with
the relativistic particle energy.

Cassiopeia A, being the brightest supernova remnant in the radio band, played a
central role in the debate about whether the relativistic electrons originate from the
supernova remnant or supernova itself, or whether they are simply interstellar relativis-
tic electrons compressed by the supernova remnant shock. Its radio flux at 1 GHz for
the 1965.0 epoch is 3186 Jy [74] or 3.2⇥ 10�20 erg s�1 cm�2 Hz�1, and its radio in-
dex a = 0.77. As can be seen in Fig. 2.3, the radio synchrotron radiation has been
measured from 10 MHz to about 100 GHz. At around 50 MHz interstellar free-free
absorption becomes important, whereas above 100 GHz thermal dust emission (§ ??)
becomes the dominant radiation mechanism. In X-rays synchrotron emission is iden-
tified, see § 2.2, but for now we ignore this and assumes that we can reliably measure
the total synchrotron luminosity, Lsyn = 4pd

2 R
S(n)dn , between 50 MHz and 100 GH.

The distance of Cas A has been determined to be 3.4 kpc [243]. Performing the integral
we get Lsyn = 4.6⇥1035 erg s�1. For the chosen frequency limits the numerical value
for A is 5.1⇥ 10�8. The volume of Cas A, which is has a radius of about 2.55 pc, is
V ⇡ 5⇥1056 cm3 for an assumed volume filling fraction of 25%.

Inserting these values in (2.9) gives Bmin,energy ⇡ (x +1)2/70.3 mG, which only very
weakly depends on the minimum and maximum frequencies used. The associated total
energy in cosmic rays is UcrV = 4

3 B
2/(8p)V = (x + 1)4/72⇥ 1048 erg. The energy

density in cosmic rays Ucr ⇡ (x +1)4/72.7⇥103 eV cm�3 , which is greatly in excess
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•Detection of X-ray synchrotron emission: 
•Requires fast acceleration: need high B-field turbulence �  
•Narrow filaments: suggest rapid post-shock cooling → high B (∼100µG) 
•B-fields amplification depends on density and shock velocity 

•Magnetic field amplification 
•Immediately near shocks:Weibel instability/filamentation 
•Alfvén wave mode excitation: resonant with gyro-radius cosmic rays 
•Bell’s instability: induced by large scale electric current

(η ≈ 1)



Summary II
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•Non-linear diffusive shock acceleration: 
•Accelerated particles form a shock-precursor 
•Plasma set in motion, pre-compresses, adiabatic heating 
•Shock structure changes: 

-lower Mach number at sub-shock 
-lower compression ratio at sub-shock 
-overall compresion (subshock x precursor) larger 
-requires in most cases energy losses 

•No longer pure power law spectrum: spectrum curved 
•Theory popular before 2008: lack of unambiguous evidence



Friday
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10 Non-thermal radiation processes
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•Subdivision: leptonic versus hadronic 
•Leptonic caused by electrons and positrons (and muons) 

-synchrotron radiation (radio to X-rays) 
-inverse Compton scattering (X-rays to gamma-rays) 
-non-thermal bremsstrahlung (X-rays to gamma-rays) 

•Hadronic: caused by protons/ions 
-only pion decay (gamma-rays and neutrinos) 
-only direct radiative signature of accelerated ion cosmic rays!!



The spectral energy distribution (SED)
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•Important concept: at what frequency is radiation maximized? 
•Calculate bolometric flux (or luminosity)

Fbol =

Z
f⌫(⌫)d⌫

!
power law

/ ⌫�↵+1

�↵+ 1
/ ⌫f⌫

Fbol =

Z
EN(E)dE

!
power law

/ E��+2

��+ 2
/ E2N(E)

•By plotting spectra as νfν or E2N(E) we see what part of the spectrum 
contributes most to bolometric flux/luminosity 

•Such a plot is called a spectral energy distribution (SED)



Gamma-ray radiation processes
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Bremsstrahlung

Leptonic processes:

pp

p

p

n

π+

π-
π0

Neutral pion production/decay

Hadronic process:

Inverse compton scattering



Thomson scattering/Inverse Compton 
scattering
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•Thomson scattering: radiation induced electron oscillation 
•Electron oscillation: radiation (hence scattering) 
•No change in frequency (photon energy) 
•Only change in direction 
•Gives strong polarisation for certain directions 
•Cross section 
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Figure 1.1: Illustration of Thomson scattering. An electromagnetic wave moves in the
z direction, and we assess the radiation coming out as a function of the scattering angle
q , having aligned the polarisation directions to be in the x� z and y� z plane and the
scattering in the y� z plane.

of < d p/dt >= 1p
2
ZeE0 and from (1.1) we obtain for the emitted power, in response

to an incident polarised beam of radiation,
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The angle q is the angle between the electric field vector and the outgoing radiation.
The outgoing radiation is therefore maximal when the outgoing radiation is perpendic-
ular to the electric field vector. As is clear from Fig. 1.1 in the y� z plane all radiation
is perpendicular to the electric field vector from the electromagnetic waves polarised
in the x direction, whereas for the y polarised waves there is the sinq dependence.

This process by which incoming radiation results in outgoing radiation in all direc-
tions is called Thomson scattering. In classical physics it amounts to a certain radiation
pattern in all directions, whereas in quantum physics it means a photon changes its di-
rection. The charge particle reponsible for Thomson scattering is usually an electron
or positron, as these are the lightest charged particles in a gas; see the 1/m dependence
in (1.2). The cross section s for electromagnetic waves polarised in the y� z direction
is ✓

ds
dW

◆

y�polarised
=

Emitted power
Received power

=
dP/dW

c

8p E 2
0

=

✓
Z

2
e
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mc2

◆2

sin2 q , (1.4)

Here c

8p E 2
0 is the Poynting flux of the incident electro-magnetic wave. For the polarised

waves in the x-direction one can set q = 0. It is more common to measure the angle
with respect to the direction of the incoming wave, so defining a = p/2�q . We find
that for an unpolarised source the total emitted power is

ds
dW

=

✓
Z

2
e

2

mc2

◆2 �
1+ cos2 sin

�
=

✓
Z

2
e

2

mc2

◆2 �
1+ cos2 a

�
. (1.5)

The angle dependence of the scattered radiation is shown in Fig. 1.2.
The total cross section for Thomson scattering for all polarisation directions, sT,

can be obtained by integration over the total solid angle (
R
(1+sin2 q)dW = 8p/3). For
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can be obtained by integration over the total solid angle (
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(1+sin2 q)dW = 8p/3). For
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Figure 1.2: The radiation pattern for Thomson scattering, at any angle to radius gives
the intensity. The solid line gives the total scattered radiation intensity, whereas the
dotted line shows the polarisation fraction.

electrons this cross section is referred to as the Thomson cross section:

sT ⌘ 8p
3

✓
e

2

mec2

◆2

=
8p
3

r
2
e = 6.6524⇥10�25 cm2. (1.6)

The quantity re (= 2.818⇥ 10�13 cm) introduced here is called the classical electron
radius.

Thomson scattering of an unpolarised electromagnetic wave can give rise to po-
larised radiation. One can intuitively from Fig. 1.1: in a direction perpendicular to z,
i.e. q = 0, the scattered waves with polarisation in the x direction will still be present,
with an polarisation vector still in the x direction. But no scattered waves will ex-
ist from the wave polarised in the y direction. So for q = 0 the scattered light will
be completely polarised. Along the positive and negative z direction the light will be
completely unpolarised. As a function of the angle a the polarisation fraction is given
by

P =
Px �Py

Px +Py

=
1� cos2 a
1+ cos2 a

. (1.7)

The angular pattern of the polarisation fraction is shown in Fig. 1.2 as a dotted line.
The equations derived above are valid for non-relativistic particles. It can be shown

that for relativistic particles (1.2) has to be replaced by

P =
2
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with G the Lorentz factor of the particle and p = Gmv, so we see that there is a G4

dependency if the acceleration is perpendicular to the direction of motion and G6 de-
pendency if the acceleration is parallel to the direction of motion.
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with G the Lorentz factor of the particle and p = Gmv, so we see that there is a G4

dependency if the acceleration is perpendicular to the direction of motion and G6 de-
pendency if the acceleration is parallel to the direction of motion.
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•For sufficiently energetic photons: electron will pick up momentum (recoil) 
•If electron is moving (β>0): photon may gain or lose energy

ν′�
ν

=
1 − β cos θ

1 − β cos(θ − α) + hν
γmec2 (1 − cos α)

•Maximum for head on collision: cos θ = − 1, cos(α − θ) = 1

hν′�max =
1 + β
1 − β

hν = γ2(1 + β)2hν ≈ 4γ2hν

•Mean energy gain: hν′� =
4
3

γ2hν



Inverse Compton scattering
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•Qualitative understanding IC 
•scattering in frame of electron: photon is mostly blue shifted 

electron scatters electron of energy ∼γhν0 
•scattered photon: back to observer frame: another Lorentz boost ∼γ 
•so photon energy in obersever fram: ∼γ2hν0

1.2. RADIATION FROM MOVING CHARGED PARTICLES 7

Figure 1.4: The distribution of photons produced through inverse Compton scattering.
The peak distribution is normalized to 1. Shown are both the number distribution n(n 0)
(red) as the energy distribution µ nn(n 0) (black).

transformed and the transformations cancel each other). So to calculate the total en-
ergy loss rate of the electron, we can consider the energy loss rate in the frame of the
electron. In that frame, indicated with a prime, the radiation field is anisotropic, with
most photons coming from the direction to which the electron is moving. In fact the
Lorentz transformation enters twice, one time because toward the forward direction the
photons are encountered at an increased rate G(1+b cosq), secondly, the photons are
blue or redshifted, dependent on where they are coming from, resulting in an additional
factor G(1+b cosq). Averaging the energy density of photons over all directions the
contribution will be skewed toward the forward direction:

dU
0
rad =UradG2(1+b cosq)2

dW. (1.17)

Using (1.7), we see that in the frame of the electron the average emitted energy rate
will be
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The emitted power in the observers frame must be the same since dE/dt is Lorentz
invariant, but we have to correct for the fact that energy was also absorbed by the
photon. So the net energy rate for inverse Compton scattering is

✓
dE

dt

◆

emitted
�
✓
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dt
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=

4
3

Urad

✓
G2 � 1

4

◆
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4
3

sTcUradb 2G2,

(1.20)
for which we used that (G2 � 1) = b 2G2. By implication (1.20) means also that the
average gain in energy for a scattered photon is

hn 0 =
4
3

G2b 2
hn . (1.21)

intensity ν’n(ν’)

n(ν’)
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Figure 1.5: Left: The scattering angle dependence (a) of the Klein-Nishina cross-
section as a function of e ⌘ hn/(mec

2). For e ⌧ 1 the scattering angle dependence
approaches that of Thomson scattering (Fig. 1.2). Right: The total Klein-Nishina cross-
section (1.25) as expressed as a ratio with respect to the Thomson cross-section.

The inverse Compton spectral emissivity of the scattered photons is given by [3]

d
2
n(x)

dxdt
= csTn(n)

✓
1

4G2n

◆⇥
2x ln(x)+ x+1�2x

2⇤ , (1.22)

with x ⌘ hn 0/(4G2
hn)  1, n(n) the number density of background photons, and the

factor in round brackets being dn 0/dx. This equation gives the spectral number dis-
tribution of photons as a function of energy. However, often the energy emissivity is
given, which can be obtained through I(n 0) = hn 0

n(n 0) . In Fig. 1.4 we show both n(n 0)
and I(n 0), which reveals that most scattered photons have an energy less than G2

hn , but
that the photons with n 0 > G2n dominate the energy budget.

The relativistic electron distributions in supernova remnants will in most cases be
well approximated by a power-law distribution n(Ee)dE µ E

�q , as given by diffusive
shock acceleration (see Chapter 1.3). If we assume that the initial photon energies span
a narrow range in energies, which would be the case for example for cosmic microwave
background photons, we can approximate the initial photon energy with a single value
hn0. We can now infer the photon spectral distribution:

n(Ee)dEe µ G�q
dG µ (

p
n 0)�q

d

p
n 0 µ (n 0)�(q+1)/2

dn 0. (1.23)

We therefore expect a photon index (q+ 1)/2, which in terms of a spectral energy

density index corresponds to a = (q�1)/2. As we shall see in § 1.3, this is the same
spectral index that is expected from synchrotron emission from the same population of
electrons.

•For electrons at rest: cross section reduces for 
•Cross section changes from Thomson to Klein-Nishina cross section  

•For inverse Compton, KN effect important if                  in electron frame 
•Hence, IC scattering strongly reduced for γhν ≳ mec2

hν ≳ mec2

hν ≳ mec2

•Scattering increasingly forward dominated 
•KN cross section:
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ϵ =
hν

mec2
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Figure 1.6: The distribution of photons produced through inverse Compton scattering.
It is similar to Fig. 1.4, but here the effects of Klein-Nishina corrections are taking into
account, controlled by the parameter x ⌘ 4Ghn/(mec

2). x = 0 corresponds to Fig. 1.4.

Inverse Compton scattering in the Klein-Nishina regime

For hn approaching the electron rest mass, the cross-section will be suppressed accord-
ing to the Klein-Nishina equation, which, in the frame of the electron, is

ds
dW

=
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e
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with n 0/n as given by (1.15) (but with a change of coordinate system, using q = a).
Oscar Klein and Yoshio Nishina published their derivation in 1929 [13] using the then
very recently developed quantum-electrodynamics theory by Dirac. As can be seen in
Fig. 1.5 forward scattering is strongly favoured, for e ⌘ hn/(mec

2)& 1.
Integration over all scattering angles gives the total cross section:

sKN = sT
1
e

⇢
1� 2(e +1)

e2

�
ln(2e +1)+

1
2
+

4
e
� 1

2(2e +1)2

�
. (1.25)

The Klein-Nishina total cross-section and its angular dependence is shown in Fig. 1.5.
The reduction of the cross-section and the change in scattering properties is often

referred to as Klein-Nishina effects.
Our derivation of the inverse Compton scattering (1.22) did not take into account

the reduced cross sections for e & 1. For inverse Compton scattering it matters whether
e in the frame of the electron is large, i.e. e = Ghn/(mec

2)& 1. Using that hn 0 ⇡ G2
hn

(1.21) and that Klein-Nishina effects are important for e & 1, we see that Klein-Nishina
effects have to be taken into consideration for scattered photon energies

hn 0 & (mec
2)2

hn
. (1.26)

We see that for a typical cosmic microwave background photon with hn = 7⇥10�4 eV,
Klein-Nishina effects will become relevant for hn 0 & 4⇥1014 eV.
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the reduced cross sections for e & 1. For inverse Compton scattering it matters whether
e in the frame of the electron is large, i.e. e = Ghn/(mec

2)& 1. Using that hn 0 ⇡ G2
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(1.21) and that Klein-Nishina effects are important for e & 1, we see that Klein-Nishina
effects have to be taken into consideration for scattered photon energies
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2)2

hn
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We see that for a typical cosmic microwave background photon with hn = 7⇥10�4 eV,
Klein-Nishina effects will become relevant for hn 0 & 4⇥1014 eV.

•Forward scattering in electron frame leads to peaking of n(ν’) to ν’max 

•Maximimum energy of scattered photon reduced:

hν′�max =
4γ2hν

1 + 4γ hν
mec2

≤ γmec2 .
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•Photons are everywhere:  
•CMB photons: 410 cm-3, hν≈6.6x10-3 eV 
•Infrared dust emission in galaxy 
•Star light 

•Note:  
•for a given gamma-ray energy, lower energy electrons needed for 

starlight as compared to CMB 
•there are more low energy electrons than high energy electrons 
•compensates somewhat for the lower photon densities 
•Result: CMB, IR, optical/UV have nearly equal contributions 

•NB: CMB redshift dependent, IR/starlight vary through galaxy
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Figure 2.20: Galactic radiation fields as compiled in [291]. By number density of pho-
tons, the cosmic microwave background (CMBR) is dominant component, followed by
Galactic dust emission, the extra-galactic background light (EBL) and starlight. The
CMBR and EBL components are uniform, but the other components will vary through-
out the Galaxy.

2.3.3 A few words on modelling inverse Compton scattering from
supernova remnants

Modelling inverse Compton scattering from supernova remnants requires some care.
First of all, most models employed are so-called ”one-zone models”, in which one
assumes a simple power-law population of electrons with an high-energy exponential
cut-off. However, as we have seen in § ?? and § 2.2, electrons are much more subject to
radiative losses than protons and atomic nuclei, so the high-energy cut-off is expected
to vary throughout the shell, with the highest energy electrons confined to narrow re-
gions near the shocks. An additional spectral break is expected near the cooling (age)
break (§ ??). So nature demands more complex models than one-zone models, but
multi-zone models cannot always be meaningfully constrained.

Secondly, the seed photons for inverse Compton scattering can come from multi-
ple components. The simplest approach is to only consider Cosmic Microwave Back-
ground (CMB) photons, whose photon density is accurately known to be 410 photons/cm3,
and whose average photon energy is ⇠ 6.6⇥10�4 eV. However, in the Galaxy other im-
portant radiation fields are those caused by far infrared emission from dust and stellar
radiation fields, which will vary throughout the Galaxy [? ]. In addition, the supernova
remnant or pulsar wind nebula may contribute itself significant to the radiation field.
For example, Cas A and N132D are bright in the far infrared (Chapter ??), and the Crab
Nebula’s radiation field has a large contribution from the synchrotron emission from
the nebula itself. Fig. 2.20 shows a compilation of Galactic radiation fields tuned to the

Venetto & Lipari 2016



Connection inverse Compton & synchrotron 
radiation
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•Total power radiated in inverse Compton scattering: 

  emission per electron �  

•Compare synchrotron radiation: �

≈
4
3

cσTγ2hνnν =
4
3

cσTUrad

Psyn =
4
3

σTcβ2γ2UB

•Power per electron similar but does depend on Urad or UB 

•Frequencies for synchrotron (radio-X-ray) and IC different (gamma-rays) 

•SED: shows power → peak differences synchrotron/IC: depends on Urad/UB



Example 2: blazar SED’s
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Figure 1. Blazar SED sequence. The data points are the average SED of the
blazars studied by Fossati et al. (1998) and D01. The solid curves are the
empirical SED sequence models constructed and used in this paper. The model
curves correspond to the bolometric luminosities of log10(P/erg s−1) = 49.50,
48.64, 47.67, 46.37, and 45.99 (from top to bottom).

3. THE MODEL OF GAMMA-RAY LUMINOSITY
FUNCTION OF BLAZARS

3.1. Relating Jet Power and X-ray Luminosity of AGNs

The cosmological evolution of X-ray luminosity function
of AGNs has been investigated intensively (Ueda et al. 2003,
hereafter U03; Hasinger et al. 2005, hereafter H05; Sazonov
et al. 2007; Gilli et al. 2007). These studies revealed that AGN
XLF is well described by the LDDE model, in which peak
redshift of density evolution increases with AGN luminosity.
Here we construct two models of blazar GLF based on the two
XLFs derived by U03 (in hard X-ray band) and H05 (in soft
X-ray band), both of which are based on the LDDE scheme.
The use of LDDE in blazar GLF has been supported by the
EGRET blazar data, because NT06 found that the EGRET data
agree with the LDDE model better than that of PLE models.
However, the validity of this assumption from a theoretical
viewpoint should also be examined.

It is known that radio jet emission is linked to the dissipation
process in the accretion disk (Falcke & Biermann 1995; Falcke
et al. 1995, 2004; Merloni et al. 2003; Körding et al. 2006).
Therefore, it is natural to expect that power of blazar jet is
correlated with mass accretion rate onto supermassive black
holes, which is also correlated with the X-ray luminosity from
accretion disk. Therefore, we simply assume that the bolometric
luminosity, P, of radiation from jet is proportional to disk X-ray
luminosity, LX . It should be noted that LX is not the observed
X-ray luminosity of a blazar having a jet luminosity P; when an
AGN is observed as a blazar (i.e., the jet directed to an observer),
its X-ray flux is dominated by the radiation from the jet that is
much brighter than that from the accretion disk. Rather, LX is
the luminosity that would be observed from a direction different
from the jet.

A constant P/LX ratio is realized when, e.g., the jet kinetic
luminosity (Pk) is efficiently dissipated into blazar bolometric
luminosity (P), and both Pk and LX are proportional to the mass
accretion rate (ṁ). One should, however, be careful about the
latter condition. Recent observations of X-ray binaries indicate
that Pk is generally proportional to ṁ, but LX is not, when the
accretion rate is much lower than the Eddington limit (i.e., low
Eddington ratio; Gallo et al. 2003; Gallo et al. 2005). Such

accretion disks are described by radiatively inefficient accretion
flows (RIAF) rather than the standard accretion disk, and LX is
roughly proportional to ṁ2 in the RIAF regime (Kato et al. 1998;
Narayan & Quataert 2005). The RIAF picture is well consistent
also with the accretion flow onto the supermassive black hole of
the Galaxy (i.e., Sgr A∗; see, e.g., Totani 2006 and references
therein).

Accretion rates of X-ray bright AGNs used to derive the AGN
XLF are generally close to the Eddington limit, otherwise they
are hardly detected by X-ray observations because of the rapid
decrease of X-ray luminosity with decreasing Eddington ratio.
Therefore, our blazar GLF should be considered as that for
high Eddington ratio AGNs, and low Eddington ratio AGNs in
the RIAF regime could be missed in our analysis. Such a low
Eddington ratio population might have a significant contribution
to blazar GLF, because we expect Pk ∝ ṁ in contrast to
LX ∝ ṁ2 in the RIAF mode. However, the black hole mass
function predicted by time integration of X-ray AGN LF is
consistent with the local black hole mass function inferred from
the black hole mass versus bulge–mass relation, indicating that
black hole mass grows mainly in the high Eddington ratio phase
(e.g., Marconi et al. 2004). If this is correct, cosmic background
radiation from jet activities should also be dominated by AGNs
in high Eddington ratio phase. Hence, it is reasonable to expect
that a significant part of EGRB flux can be accounted for by
blazars with high Eddington ratio phase, whose GLF evolution
is described by LDDE.

3.2. Model Formulations

In this paper we describe the blazar GLF in terms of νLν

luminosity at a reference rest-frame photon energy ϵref,res ≡
100 MeV, i.e., Lγ ≡ (ϵref,res/hp) Lν(ϵref,res/hp, P ), where h p
is the Planck constant. According to the assumption justified in
Section 3.1, we simply relate the bolometric blazar luminosity
P and disk X-ray luminosity by the parameter q, as

P = 10qLX. (1)

Here, we define the disk luminosity LX to be that in the rest
frame 2–10 and 0.5–2 keV bands for the hard XLF (U03) and
the soft XLF (H05), respectively. Thus, Lγ and LX have been
related through P.

The blazar GLF ργ is then obtained from the AGN XLF ρX

as

ργ (Lγ , z) = κ
dLX

dLγ

ρX(LX, z), (2)

where ργ and ρX are the comoving number densities per unit
gamma ray and X-ray luminosity, respectively. The parameter
κ is a normalization factor, representing the fraction of AGNs
observed as blazars. In our GLF model, we adopt the same form
in U03 and H05 for ρX, as

ρX(LX, z) = ρX(LX, 0)f (LX, z), (3)

where ρX(LX, 0) is the AGN XLF at present. This is character-
ized by the faint-end slope index γ1, the bright-end slope index
γ2, and the break luminosity L∗

X as

ρX(LX, 0) = AX

LX ln(10)

[(
LX

L∗
X

)γ1

+
(

LX

L∗
X

)γ2
]−1

, (4)

where AX is the normalization parameter5 having a dimension
of volume−1. The function f (LX, z) describes the density
5 The factor of (LX ln 10)−1 appears because AX is defined as the pre-factor
of the number density per unit log10 LX .

•Blazars discussed in future lecture 
•Powerful AGN jets directed toward us 
•X-ray emission: sometimes synchrotron sometimes inverse Compton



Pion decay
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●Pions are particles consisting of two quarks, and come in three flavors: π0,π-,π+ 

●Are produced in proton-proton/proton-neutron/neutron-neutron/ion-ion collisions 
●Mass: 

m(π0)=135 MeV/c2 
m(π+/-)=139.6 MeV/c2 

●When E>> Ethr  multiple pions,  
protons, neutrons, etc. can be made (charge conserved) 

●Number of particles created: multiplicity 
●π0 decay immediately into two photons → gamma-ray radiation 
●NB 1 π+/- are the source of high energy neutrinos (IceCube & KM3NeT)

4 1. PRODUCTION OF PIONS AND DECAY OF PIONS

Tabel 1.1. Properties of mesons.Q is the charge and S strangeness

Particle Composition Q S Mass Mean life
(MeV/c2) (s)

⇡0
(uū� dd̄)/

p
2 134.9766± 0.0006 (8.52± 0.18)⇥ 10

�17

⇡+ ud̄ 139.57018± 0.00035 (2.6033± 0.0005)⇥ 10
�8

⇡� dū 139.57018± 0.00035 (2.6033± 0.0005)⇥ 10
�8

Fig. 1.1 Cross-sections for p-p collisions. The black points are the total cross-sections (1 mb=10
�29cm2), whereas

the blue points are the inelastic cross-sections (p + p! p + p, i.e. pure exchange of energy). Data obtained from
http://pdg.lbl.gov/2012/hadronic-xsections/.

where the subscript a, b labels the particles, and subscript 1 indicates the situation before the collision.
In order to create a pion the minimal situation is that the two protons and the newly created pion have no



Pion production
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Table 1.1: Properties of mesons (pions, kaons and h mesons).

Particle Composition Charge Strangeness Mass Mean life
(MeV/c2) (s)

p0 (uu�dd)/
p

2 134.9766±0.0006 (8.52±0.18)⇥10�17

p+
ud 139.57018±0.00035 (2.6033±0.0005)⇥10�8

p�
du 139.57018±0.00035 (2.6033±0.0005)⇥10�8

K
+

K
�

K
0/K

0

1.4 Pion production and decay

So far all radiation mechanisms discussed involved the change of energy of electrons
(and positrons). However, the shock accelerated non-thermal particle populations in
supernova remnants are expected to be energetically dominated by protons and other
atomic nuclei,collectively addressed as “hadronic cosmic rays” (Chapter 1.3).

As will be detailed in this section, the interaction of hadronic cosmic rays with
atomic nuclei in the hot supernova remnant shell, or in the surroundings of the super-
nova remnants gives rise to the production of mesons, which decay into either g-ray
photons, or into electron/positrons and neutrinos. The g-ray photons can be detected
with g-raydetectors on board satellites like the NASA Fermi satellite and the Italian
Agile satellite, or, for higher energy photons, with Imaging Atmospheric Cherenkov
telescopes like H.E.S.S. in Namibia, Veritas in Arizona, and MAGIC on the island La
Palma.

The very high energy neutrinos (> TeV) produced by hadronic interactions can
interact with particles in the Earth, which leads to the formation of muons, whose
tracks can be detected in clear ice, as done by the Icecube facilty [1], and in the clear,
deep water of the Mediterranean Sea by the future KM3NeT facilty [11].

In supernova remnants the g-rays and neutrinos are produced when hadrons of suf-
ficiently high energy collide with other hadrons, which for supernova remnants are
usually the protons and other nuclei residing in the shell or in the immediate surround-
ings of the supernova remnant. The collisions result in the production of secondary
particles, which are usually mesons (hadrons consisting of two quarks), but can also
be other (anti-) protons and neutrons. The mesons are unstable and decay (eventually)
into the lightest stable particles: photons and neutrinos.

1.4.1 Meson production in supernova remnants

The lightest mesons are the p-mesons or pions (Table 1.1), which are therefore the
most common secondary particles. Pions consist of a combination of up- (u) and down-
quarks (d), with the neutral pion being a quantum superposition of up- and down quarks
and their anti-particles (Table 1.1). Examples of these collisions and their products are

p+p !p+p+p0,

p+p !p+n+p+,

p+p !p+p+p++p�,

p+p !p0 +X ,

•In SNRs dominant production of pions: CR + background gas→ pions 
•Threshold energy: 280 MeV for CR proton on proton at rest

20 CHAPTER 1. RADIATION PROCESSES

with the last reaction representing a generic way of describing p0 production, in which
X stands for any number of particles, as long as the reaction observes the standard
conservation laws such as conservation of energy, momentum, charge, baryon number,
strangeness, etc. For very high energies, if multiple pions are made per collision, the
ratio between pions produced tends to p0 : p+ : p� ⇡ 1 : 1 : 1. Note that for collisions
between atomic nuclei the interactions are simply the interactions of the nucleons (or
more accurately the quarks) they consist of.

The pions are not stable particles but decay quickly (Table 1.1) into stable particles,
i.e. photons for the neutral pion and electrons, and positrons/electrons and neutrinos
for the charged pions:

p0 !2g,
p+ !µ++nµ

#
e
++ne +nµ ,

p� !µ�+nµ

#
e
�+ne +nµ .

Momentum conservation tells us that the two photons from the p0 decay each have
an energy of 1/2mp0c

2 = 67.5 MeV in the rest-frame of the pion. The electrons and
positrons resulting from the charged pions decay will give rise to a population of sec-
ondary electrons and positrons, which will also result in synchrotron radiation and
inverse Compton scattering.

1.4.2 The energy threshold for pion production

The threshold energy for the production of pions can be calculated from the conserva-
tion of total relativistic four-momentum squared, a Lorentz invariant quantity:

s
2 ⌘ hµn p

µ
p

n =
�
ÂEi

�2 �
��Âpic

��2 , (1.63)

with p
µ = (E, px, py, pz) the momentum four-vector, and hµn the Minkowski metric.

The energy for each particle given by the relativistic expression Ei =
p
(mic

2)2 + p2c2,
and pi and p referring to the space-like part of the four momentum.

The minimum energy for neutral pion production corresponds to a situation in
which, in the frame of the collision (i.e. a frame in which all momenta cancel), af-
ter the collision all particles have zero momenta. In that situation the total value for s

2

is the sum of the rest mass energies squared:

s
2 = (2mpc

2 +mp0c
2)2 = 4m

2
pc

4 +4mp0mpc
4 +m

2
p0c

4 (1.64)

In supernova remnants and in the interstellar medium the collisions typically occur be-
tween a high energy cosmic-ray proton and a nucleon at rest. So we have for the proton
at rest E = mpc

2 and |p| = 0 whereas for the cosmic-ray proton |pcrc|2 = E
2
cr �m

2
pc

2.
The threshold kinetic energy Ethr,p0 for producing a neutral pion through a collision be-
tween a cosmic-ray proton and a background proton is given by equating the values for
s

2 in the rest frame of the collision after the collision (1.64) to s
2 before the explosion,

which, expressed in the observer’s frame, is:

s
2 = (mpc

2 +Ecr)
2 � (E2

cr �m
2
pc

2) = 2m
2
pc

4 +2mpc
2
Ecr. (1.65)

•Pion in rest frame: 2 photons each 67.5 MeV 
•Doppler shifts: Lorentz boost + red and blueshift1.4. PION PRODUCTION AND DECAY 23

Figure 1.12: Schematic illustration on the built-up of a pion-decay g-ray spectrum.
Left: For a given p0 energy the photon distribution is flat, and symmetric in logarithmic
energy around logmp0c

2/2 (1.69). Right: The spectral-energy diagram shows that the
energy output is skewed toward high energies. The pions are assumed to have a power-
law distribution µ E

�2 between 107 and 1014 eV.

with X ⌘
q

1+b
1�b . We see, therefore, that logarithmically the photon energy distribu-

tion dNg/dE is flat and symmetrically distributed in logarithmic energies in the inter-
val (� logX ,+ logX) around log(mp0c

2/2) [18]. Both the lowest and highest energy
photons are therefore produced by the highest energy pions. For b ! 1, G ! • the
maximum photon energy is Gmp0c

2, whereas the average photon energy is 1
2 Gmp0c

2.
Fig. 1.12 illustrates how the g-ray spectrum is built up from a superposition of flat g-
ray distributions each corresponding to a given primary pion energy. The addition of
these contributions results in a characteristic ”pion bump” at log(mp0c

2/2). The shape
of the bump is rather sharp here, as the input pion spectrum was not a very realistic
distribution, but just an abruptly terminated power-law distribution.

An approximation to (??) that is often used [e.g. 6] is the so-called d -approximation,
in which the simple approximation is made that

✓
dEcr

dEp0

dEp0

dEg

◆�1
=

dEg
dEcr

⇡ f . (1.71)

We have already seen that for a given pion energy the average g-ray photon energy is
0.5Ep0 (for very relativistic pions), and as calculated by [12] the average pion energy is
about 17% of the energy of the primary cosmic-ray proton. So f ⇡ 8%. However, one
sees that this discussion is about average photon energy, the median photon energy is
always 1

2 mp0c
2! However, for generating an approximate spectral energy distribution

one can use approximation (1.71), whereas for the multiplicity factor one can

“pion bump”



Hadronic process: pion production + decay
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Particle spectra

● Ion-ion collisions produce pions  (π0,π+,π-) 
● Radiation: p+p →  π0 → 2γ  
●Threshold energy:   279 MeV   

(bump in GeV to TeV range) 
● Detecting pion decay → 

    direct evidence for ion  acceleration 
•Clearest sign for pion-decay: 

•detecting pion-bump around 1 GeV 

Pion decay

+background 
nuclei

pion bump



SEDs

 104

ANRV385-AA47-13 ARI 22 July 2009 4:12
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Figure 2
(a) SEDs for radiation of mono-energetic 1/100 TeV electrons (red/blue curves): Synchrotron and IC (solid
curves) and Bremsstrahlung (dashed curves). Three IC curves are shown for each primary energy (from low to
high) on the CMB (kT = 2.35 × 10−4 eV, b ≈ 4 × 10−3/0.4), on dust-emitted FIR (kT = 0.02 eV,
b ≈ 0.3/30), and on visible (star) light (kT = 1.5 eV, b ≈ 20/2000). Note that for 100 TeV electrons
scattering on optical photons the IC energy distribution is effectively a delta function at 100 TeV. The curve
normalizations are appropriate for a total particle energy of 1048 erg at 1 kpc distance in a magnetic field of
3 µG, a matter density of 100 hydrogen atoms cm−3 and radiation fields of density 0.26 eV cm−3 (CMB and
FIR) and 1 eV cm−3 (starlight). (b) SEDs for γ rays and synchrotron radiation of secondary electrons from
strong interactions of mono-energetic protons. The magnetic field is increased to 30 µG to illustrate the
effects of cooling and steady injection over 104 years (dashed curves 105 years) is assumed. (c) and (d ) As for
(a) and (b) but for cutoff power-law distributions of particles: d N/d E ∝ E−2 exp −E/Ec with Ec = 1 TeV
(red ) and 100 TeV (blue).

2.2.2. Radiation spectra. scattering of mono-energetic electrons on a black-body distribution
of target photons of temperature T results in a broad spectral energy distribution (SED) of the
resulting γ rays (Figure 2). In the Thomson regime, energy losses are gradual, and the γ -ray SED
peaks at

Eγ ,TeV ≈ 33E2
e,TeVkTeV, (8)
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secondary electrons



11 Gamma-ray observations
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•Gamma-ray radiation consists of photons between 100 keV →100 TeV 
•Lower boundary not sharp: 100 keV sometimes called hard X-rays 
•Physical definition: > 511 keV (rest mass electron/positron) 
•Upper boundary: no real boundary, but very few photons > 100 TeV 

•Gamma-ray regimes 
•0.1 -200 MeV: MeV gamma-rays 

-nuclear lines (up to 10 MeV): radio-activity, excitation due to cosmic rays 
- 511 keV e+/e- annihilation lines 
-continuum processes: (synchrotron), inverse Compton scattering, 
positronium continuum 
-detection: balloon or satellite experiments  

•200 MeV - 10 GeV: high energy gamma-rays (GeV gamma-rays) 
- continuum processes only (inverse Compton, bremsstrahlung, pion-decay) 
- detection: satellite experiments 

•10 GeV- 100 TeV: very high energy (VHE) gamma-rays (TeV gamma-rays) 
- continuum processes only 
- detection: air Cherenkov telescopes, water Cherenkov telescopes



High Energy Gamma-rays (GeV)
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On board NASA’s Compton Gamma-ray 
Observatory (CGRO) 1991-2000: 
•EGRET (20 MeV-30 GeV): 

•Spark chamber: 
-photon makes e+/e- pair 
-NaI scintillation detects pair 

NASA’s Fermi satellite (2008-) 
•Large Area Telescope (LAT, 20 MeV-300 GeV): 

•Si-strip detectors 
-photon makes e+/e- pair 
-Si-strip detect path 

•CsI scintillation detector: measure total energy 
•Better spatial resolution and sky coverage 

than EGRET:  
-3deg @ 20 MeV, 0.04 deg @ 100 GeV 
-FoV: 60 degrees



The high-energy gamma-ray sky (>1 GeV)
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Fermi-LAT 5 yr observation



Very High Energy Gamma-rays: Imaging 
Atmospheric Cherenkov Telescopes (IACTs)
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•Above 10-100 GeV: satellites too small to effectively detect photons 
•Instead of heavy material as detector, use atmosphere as detector: 

•photon generates air shower in atmosphere 
•image the sky with big telescopes to see the Cherenkov light 
•record the air shower and use shape and heigh of shower to distinguish 

photons from cosmic rays

http://imagine.gsfc.nasa.gov/docs/science/how_l2/cerenkov.html


Stereoscopy

 109



Current Cherenkov Telescopes
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HESS (Namibia)
MAGIC (La Palma)

VERITAS (Arizona)



HESS survey inner Galactic plane
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TeV catalogue
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http://tevcat.uchicago.edu



Cherenkov Telescope Array (CTA)
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•To be build by 2024 (northern and southern site) 
•Southern will consist of >70 telescopes (large eff. area, better angular 

resolution) 
•Three types of telescopes 

•Small-sized telescopes (4-5m): many telescopes: detect bright, but rare 
photons above 5 TeV 

•Medium-sized telescopes (12m): fewer than SSTs, mid range 
•2-4 Large Sized telescopes (24m): collect faint, but abundant low 

energy photons (10-20 GeV)



Watertank Cherenkov Telescopes
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HAWC (under construction)

•At high altitude one can also observe directly the particles of the air shower: 
•Cherenkov light of particles in dark water tanks 

•Advantage: 
•always operational (no dark nights needed) 
•large field of view 

•Two experiments: 
•Milagro (2000-2008) 
•High Altitude Water Cherenkov (HAWC) 

(http://www.hawc-observatory.org)

http://www.hawc-observatory.org


Break
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VHE gamma-ray emission from young SNRs
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Cas A (HEGRA,MAGIC, Veritas) Tycho (Veritas) RCW 86 (HESS)

RX J1713 (HESS) Vela Jr (HESS)SN 1006 (HESS) RX J1713 (HESS)

•Most of VHE gamma-ray detected SNRs: X-ray synchrotron sources



Determining hadronic vs leptonic origin
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Pion-decay  dominated model
B=120µG 

●Heated debates on gamma-ray emission: 
●pion decay:  
●proofs existence of cosmic-ray nuclei 
●requires high local background densities 

●inverse Compton: 
●from same electrons as X-ray synchrotron emission  
●what kind of photon field? 

●Solving puzzle: requires independent information on magnetic 
field and local plasma density

IC dominated model
B=6 µG 

Vela Jr (HESS)



Difficulty of assigning sources
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4 H.E.S.S. Collaboration
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Figure 3. Comparison of the HE and VHE �-ray spectra of
HESS J1640�465 (filled circles) and RX J1713.7�3946 (open squares).
Data for RX J1713.7�3946 are from Abdo et al. (2011) and Aharonian
et al. (2011), GeV data of HESS J1640�465 is from Slane et al. (2010).
Also shown is the best-fit exponential cut-off power law model to the full
�-ray spectrum (Table 1).

The photon index as reconstructed with the new H.E.S.S. data
at TeV energies is compatible with the photon index as recon-
structed in the GeV domain (Slane et al. 2010; Nolan et al. 2012;
Ackermann et al. 2013). A simultaneous exponential cut-off power
law fit to the GeV data points as derived by Slane et al. (2010),
and new TeV data between 200 MeV and 90 TeV (shown in Fig-
ure 3) has been performed. The result of this fit is summarised in
Table 1 and shows that the flux at 1 TeV, the photon index as well
as the cut-off energy are consistent with the fit to the H.E.S.S.-only
data. The fit has a �2 of 21 for 24 degrees of freedom (d.o.f.) with
a probability of 63%2 and implies that no break in the �-ray spec-
trum between the Fermi and H.E.S.S. energy range is required in
order to describe the data.

3 XMM-NEWTON DATA ANALYSIS

Funk et al. (2007) reported the detection of the candidate PWN
XMMU J164045.4�463131 with XMM-Newton and introduced it
as a potential counterpart of HESS J1640�465. As becomes clear
from Fig. 1 the VHE �-ray emission region also overlaps with the
northern part of the shell of SNR G338.3�0.0. To investigate �-
ray emission scenarios related to the SNR, the XMM-Newton data
(ObsID: 0302560201) were re-analysed to derive an upper limit for
diffuse X-ray emission originating from the northern part of the
shell. For the analysis the Science Analysis System (SAS) version
12.0.1 was used, supported by tools from the FTOOLS package
and XSPEC version 12.5.0 (Arnaud 1996) for spectral modelling.
The data are affected by long periods of strong background flaring
activity resulting in net exposures of only 5.9 ks (PN) and 13.5 ks
(MOS), following the suggested standard criteria for good-time-
interval filtering. To detect and remove point-like X-ray sources
the standard XMM-Newton SAS maximum likelihood source de-
tection algorithm was used in four energy bands ((0.5 � 1.0) keV,

2 The fit has been performed on the binned H.E.S.S spectrum shown in
Figure 2 and on the GeV spectrum from Slane et al. (2010) taking into
account statistical errors only.

(1.0 � 2.0) keV, (2.0 � 4.5) keV, and (4.5 � 10.0) keV). Events
around all sources detected in any of these bands were removed
from a region corresponding to the 95% containment radius of the
XMM-Newton PSF at the respective source position in the detec-
tor. The total flux upper limit was derived assuming that the re-
maining count-rate from a polygon region enclosing the northern
part of the shell is due to background. A power-law model with
photon index �X = �2 was applied to constrain non-thermal lep-
tonic emission. Two different absorption column densities as found
in the literature, NH,1 = 6.1⇥1022 cm�2 (Funk et al. 2007) and
NH,2 = 1.4⇥1023 cm�2 (Lemiere et al. 2009), have been consid-
ered. No diffuse X-ray emission coincident with the SNR shell was
detected with this data set. The resulting 99% confidence upper lim-
its for the unabsorbed flux ((2� 10) keV) are F99(NH,1) = 4.4⇥
10�13 erg cm�2 s�1 and F99(NH,2) = 8.3⇥ 10�13 erg cm�2 s�1.
These values have been scaled up by 11% to account for the miss-
ing area due to excluded point-like sources.

4 DISCUSSION

The H.E.S.S. source encloses the PWN candidate
XMMU J164045.4�463131 as well as the north-western
half of the incomplete shell of G338.3�0.0. The comprehensive
multi-wavelength data available together with the new H.E.S.S.
and XMM-Newton results allow for a much more detailed investi-
gation of the SED and hence the underlying non-thermal processes
to be carried out. As the evolutionary state of G338.3�0.0 is
essential for the discussion, the age of the SNR is estimated, and
the environment in which it likely expanded is investigated. These
estimates will form the basis for the discussion of the origin of the
non-thermal emission in a PWN and SNR scenario.

4.1 Age and Environment of G338.3�0.0

The age and environment of the SNR have a large influence on
the interpretation and modeling of the emission scenario and thus
deserve discussion in this context. Previous estimates put the age of
the SNR in the range of (5� 8) kyr (Slane et al. 2010), however, as
becomes evident from the discussion below, it may be significantly
younger than that.

If the X-ray PWN is indeed related to the SNR, then
G338.3�0.0 originated from a core-collapse supernova explo-
sion of a massive star. Such stars usually modify the surrounding
medium through strong stellar winds, creating a cavity of relatively
low density surrounded by a high-density shell of swept-up mate-
rial. (see Weaver et al. 1977; Chevalier 1999). Such a wind-blown
bubble scenario has never been considered for this object, but needs
to be explored for a detailed discussion of the �-ray emission mech-
anisms possibly at work in HESS J1640�465. These cavities have
significant impact on the evolution of the subsequent supernova
shock front, and such scenarios have been evoked to explain the
properties of other SNRs like the Cygnus Loop (e.g. Levenson
et al. 1998), RCW 86 (Vink et al. 1997), and RX J1713.7�3946
(Fukui et al. 2003), all of which have physical diameters simi-
lar to G338.3�0.0. Chevalier (1999) estimated the size of wind-
blown cavities by requiring a pressure equilibrium between the in-
side of the bubble, which has been pressurised by the total energy
of the wind: 1/2Ṁv2w⌧ , and the surrounding medium. Here, Ṁ is
the mean mass-loss rate, vw is the wind speed and ⌧ is the life-
time of the star. With a distance of 10 kpc, the radius of the ob-
served shell of G338.3�0.0 is 10 pc, which is assumed here to be
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analysis1 for the event reconstruction and a boosted decision tree
based event classification algorithm to discriminate �-rays from the
charged particle background (Ohm et al. 2009). All results were
cross-checked by an independent analysis and calibration for con-
sistency (de Naurois & Rolland 2009).

2.1 Morphology

The source position and morphology have been obtained with
hard cuts and using the ring background estimation method (Berge
et al. 2007). In this setup a minimum intensity in the camera im-
age of 160 p.e. is required, resulting in an energy threshold of
Eth = 600GeV and a point spread function (PSF) with 68% con-
tainment radius of r68 = 0.09� for the morphology studies. The
fit of a symmetric two-dimensional Gaussian profile, convolved
with the H.E.S.S. PSF with Sherpa (Freeman et al. 2001) gives
a best-fit position of RA 16h40m41.0s ± 1.0sstat ± 1.3ssys and
Dec �46�3203100 ± 1400stat ± 2000sys (J2000), consistent with
the previously published value (Aharonian et al. 2006b). The sys-
tematic error on the best-fit position originates from the pointing
precision of the H.E.S.S. array of about 2000. The source is intrin-
sically extended with a Gaussian width of �S = (4.3 ± 0.2)0.
This extension is 1.60 (⇠2�) larger than in the original publica-
tion, which can be understood as fainter emission belonging to
HESS J1640�465 that can now be revealed with the increased
data set. Figure 1 shows the H.E.S.S. best-fit position and extension
overlaid on the VHE �-ray excess map. The VHE �-ray source en-
closes the northern part of the SNR shell of G338.3�0.0, the candi-
date PWN XMMU J164045.4�463131 (Funk et al. 2007) and the
Fermi-LAT source 2FGL 1640.5�4633 (Slane et al. 2010; Nolan
et al. 2012). Figure 1 also shows some indication for an asymmetric
extension of the emission along the northern part of the shell and
towards the newly discovered source HESS J1641�463 (Oya et al.
2013). This extension is also seen as residual VHE �-ray emis-
sion when subtracting the source model from the sky map, indi-
cating that the symmetric Gaussian model for HESS J1640�465 is
an oversimplification. The residual emission could indicate some
emission in between HESS J1640�465 and HESS J1641�463.
This component is however not detected with high significance,
making a discussion of its origin difficult in this context. Morpho-
logical fits in energy bands do not reveal any significant change
in best-fit position and/or extension, which would have indicated
a change in source morphology with energy (as e.g. seen in the
PWNe HESS J1825�137 or HESS J1303�631; Aharonian et al.
2006c; Abramowski et al. 2012a).

2.2 Spectrum

The VHE �-ray spectrum is shown in Figure 2, and has been ex-
tracted using std cuts (60 p.e. minimum image intensity, Eth =
260GeV), using the reflected region background method (Berge
et al. 2007) and forward folding with a maximum likelihood opti-
misation (Piron et al. 2001) from the 90% containment radius of
the VHE �-ray emission of HESS J1640�465 of 0.18� around the
best-fit position. The fit of a power law with exponential cut-off:
dN/dE = �0 ⇥ (E/1 TeV)��e�E/Ec results in a photon index
� = 2.11± 0.09stat ± 0.10sys, a differential flux normalisation at
1 TeV of �0 = (3.3±0.1stat±0.6sys)⇥ 10�12 TeV�1 cm�2 s�1

1 The software package HAP version 12-03-pl02 with version32 of the
lookup tables was used.

Figure 1. H.E.S.S. excess map smoothed with a 2D Gaussian with 0.017�

variance and the best-fit position (statistical errors only) and intrinsic Gaus-
sian width overlaid as blue solid and dashed lines. 610 MHz radio con-
tours are shown in black (Castelletti et al. 2011). The green circle indi-
cates the position of the candidate PWN XMMU J164045.4�463131, and
in gray the best-fit position of the Fermi source 2FGL 1640.5�4633 is
given. The white circle indicates the source HESS J1641�463 (Oya et al.
2013) and the region of high radio emission connecting HESS J1640�465
and HESS J1641�463 is the HII region G338.4+0.1. The progenitor of
G338.3�0.0 is potentially associated with the massive young stellar cluster
Mercer 81 (Davies et al. 2012).
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Figure 2. VHE �-ray spectrum of HESS J1640�465 (top) and flux resid-
uals (bottom) extracted within the 90% containment radius (see text). Also
shown is the best-fit power law, plus exponential cut-off model and 68%
error band. All spectral points have a minimum significance of 2�. The last
point is the differential flux upper limit in this energy band at 95% confi-
dence level.

and a cut-off energy of Ec = 6.0+2.0

�1.2
TeV. The systematic errors

on flux norm and index for this data set are based on the difference
seen between the main and cross-check analysis and are a result
of uncertainties in e.g. atmospheric conditions, simulations, bro-
ken pixels, analysis cuts, or the run-selection. The fit probability p
for an exponential cut-off power law model is p ⇠ 36%, whereas
the fit probability for a pure power law model is p ⇠ 1%. The
luminosity of HESS J1640�465 above 1 TeV at 10 kpc distance
is L>1TeV ' 4.6 ⇥ 1035(d/10 kpc)2 erg s�1, a factor of ⇠ 2.8
higher than that of the Crab nebula.
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•HESS collaboration 2014: HESS J1640−465 
•Is it due to a pulsar wind nebula or a supernova remnant? 
•If SNR: one of the brightest TeV SNRs? 

•Requires high densities: >150 cm-3 

•If PWN: why not seen at at other wavelengths?



GeV emission from mature SNRs
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●EGRET provided only tentative evidence for SNR/
mol. cloud associations (Esposito+ ’96) 
●Fermi + AGILE: many GeV detections!! 
●Most prominent sources: SNRs interacting with 
molecular clouds 
Examples: W44, W28, IC443, W51C 

●These SNRs were previously classified as mixed-
morphology (=bright central X-rays) SNRs 
→probably reason: mixed-morphology+GeV 
emission: tracers of high density environments 

●Spectral shapes: 
- pion bump: likely pion decay origin  
	 (e.g. Guiliani+ 11) 
- Cut-off energies ≈1010-1011 eV 
- Suggests highest energy CRs escaped 

W44, Abdo+ 2010 (Fermi)

W44, Guiliani+ ’11 (AGILE satellite)



Fermi detection of pion bumps
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Ackermann+ 2013

•These are older SNRs (>5000 yr) 
•Break in gamma-ray spectrum around  10 GeV: higher protons escaped?



Recent MAGIC result for Cas A
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A cut-off in the TeV gamma-ray spectrum of the SNR Cassiopeia A 7

Figure 3. Multi-wavelength SED of Cas A. The different lines show the result of fitting the measured energy fluxes using naima and
assuming a leptonic or a hadronic origin of the GeV and TeV emission.

Baring, M. G., Ellison, D. C., Reynolds, S. P., Grenier, I. A., &
Goret, P. 1999, ApJ, 513, 311

Bell, A.R., 2004, MNRAS, 353, 550.
Bell, A. R., Schure, K. M., Reville, B., & Giacinti, G. 2013, MN-

RAS, 431, 415
Bell, A.R., 2013, Astrop. Phys., 43, 56.
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•Broad gamma-ray spectrum: emission mostly hadronic (pion bump) 
•But: photon cut-off around 3.5 TeV → proton cut-off around 10 TeV 

•Problems: 
- Cas A is not a PeVatron (i.e. accelerator beyond 1015eV) 
- Cut-off similar to electron cut-off: how is this possible? 

•Possible solutions: 
•Need to also revise synchroton model 
•One zone modelling to simple (at lower level harder spectrum?) 
•Composition of particles needs to be better taken into account



Acceleration and escape
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•Red: energy of protons 
•After some time they lose energy 
•But: protons probably escape when they reach maximum 

•Blue: electrons (loss limited)



VHE gamma-rays from mature SNRs

 123

●Mature SNRs in general not TeV sources 
●Suggest >TeV cosmic rays escape! 

●The TeV detections of mature SNRs are SNRs/
molecular cloud associations! 
●Interesting example: W28, offset between SNR 
and TeV source(s) 

W28 region
colors: CO
contours: TeV gamma-rays



Escape of cosmic rays?
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Figure 12.23:
fig:rxj1713_escape

The X-ray (XMM-Newton,red) and VHE g-ray (H.E.S.S., data points)
surface brightness profiles of the southeastern region of RX J1713.7-3946, showing
evidence for a population of accelerated particles well upstream of the shock. (Repro-
duced from [416].)

escape of cosmic rays, rather than definitely proving cosmic-ray escape. Nevertheless,
the impression is that of a population of escaping cosmic rays that have been ”caught
in the act”.

The extent of the precursor/escaping population can be used to constrain the dif-
fusion properties of the particles. Given that the g-ray photons have energies around
1 TeV, the primary particles, whether hadrons or electrons, are likely to have energies of
order 10 TeV. Using the expression for the diffusion length scale, either (11.27) or the
more generic ldiff ⇡

p
2Dt can now be used to constrain the combination of magnetic

field strength and magnetic turbulence, which gives according to (11.27)

B1

h
⇡ 0.36

✓
E

10 TeV

◆✓
Vsh

3000 km s�1

◆�1✓ Dr
1 pc

◆
µG. (12.42)

This value is surprisingly low, and more consistent with an inverse Compton origin for
the VHE g-ray emission from RX J1713.7-3946 than hadronic emission. Even for the
case of inverse Compton emission it indicates that h should be much larger than 1,
given that the Galactic magnetic field is ⇠ 5 µG.

In § 12.2 we showed that the detection of X-ray synchrotron radiation from super-
nova remnants implies that h . 10, so a large value of h is a priori inconsistent with the
fact that the X-ray emission from RX J1713.7-3946 is dominated by X-ray synchrotron
emission. However, an increase in h over a time scale of the order of the synchrotron
loss time scale for 10 TeV electrons does can result both in a large value of h upstream
of the shock, whereas the downstream region will still emit X-ray synchrotron radiation
for some time. Finally, one should consider what might cause the particles from RX
J1713.7-3946 to escape. One idea was already implicitly mentioned: there may have
been a relatively recent increase in the diffusion coefficient, i.e. an increase in the value
for h . Another reason may be that the shock encountered recently a positive density
gradient, causing it to rapidly decelerate.

A&A 612, A6 (2018)

Fig. 2. Gamma-ray excess map and radial profiles. Top left: the H.E.S.S. gamma-ray count map (E > 250 GeV) is shown with XMM-Newton X-ray
contours (1–10 keV, smoothed with the H.E.S.S. PSF) overlaid. The five regions used to compare the gamma-ray and X-ray data are indicated
along with concentric circles (dashed grey lines) with radii of 0.2� to 0.8� and centred at RA: 17h13m25.2s, Dec: �39d46m15.6s. The Galactic plane
is also drawn. The other five panels show the radial profiles from these regions. The profiles are extracted from the H.E.S.S. maps (black crosses)
and from an XMM-Newton map convolved with the H.E.S.S. PSF (red line). The relative normalisation between the H.E.S.S. and XMM-Newton

profiles is chosen such that for regions 1, 2, 4 the integral in [0.3�, 0.7�] is the same, for regions 3, 5 in [0.2�, 0.7�]. The grey shaded area shows
the combined statistical and systematic uncertainty band of the radial gamma-ray extension, determined as described in the main text. The vertical
dashed red line is the radial X-ray extension. For the X-ray data, the statistical uncertainties are well below 1% and are not shown.
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●Gamma-ray emission ahead of X-ray emission: 
●Population of particles ahead of shock 
● Escape: i.e. particles will not be over run by shock? 
● Cosmic-ray precursor? (i.e. particles still being accelerated) 

●Either way: requires a low value of B/η 
●Slowing down of shock in region 3? Drop in B turbulence?

H.E.S.S. Collaboration: Observations of RX J1713.7�3946

Here, ushock is the shock velocity, and �t is the escape time. D(E)
is the energy dependent di↵usion coe�cient, which we parame-
terise as

D(E) = ⌘(E)
1
3

cE

eB
· (6)

⌘ is the ratio between the mean free path of the particles and
their gyroradius. In general, ⌘ is an energy dependent parameter
that expresses the deviation from Bohm di↵usion, which itself
is thus defined as ⌘ = 1. Its value in regions associated with the
SNR should in any case be close to ⌘ = 1 for particle energies of
10�100 TeV in order to explain the fact that RX J1713.7�3946
is a source of X-synchrotron emission (see Aharonian & Atoyan
1999).

Assuming that the di↵usion length scale in both cases is
equal to the measured parameter �r we arrive at

B

⌘
⇡ 0.36

✓
E

10 TeV

◆  
ushock

3000 km s�1

!�1  
�r

pc

!�1

µG (7)

for the precursor scenario. For the escape scenario we should
take into account that the shock itself will also have displaced
during a time �t. So we have �r = `e � ushock�t. However, for
escape it holds that `e > ushock�t, since escape implies that dif-
fusion is more important than advection, and even more so since
during the time �t the shock slows down and hence ushock de-
creases. Dropping terms with u

2
shock�t

2/�r
2 we find that

B

⌘
⇡ 1.1
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◆  
�t

500 yr

!  
�r

pc

!�2 "
1 +

ushock�t

�r

#�1

µG, (8)

with B the magnetic field upstream of the shock and ⌘ again
the mean free path of the particles in units of the gyrora-
dius. The factor in square brackets is .1.5. For the shock ve-
locity of RX J1713.7�3946, an upper limit of 4500 km s�1

has been derived from Chandra data (Uchiyama et al. 2007)
and from Suzaku data the velocity is estimated to be
3300⌘1/2 km s�1 (Tanaka et al. 2008). For particles in the shock
or shock precursor region, RX J1713.7�3946 therefore operates
at or close to the Bohm regime since the synchrotron X-ray data
require ⌘ = 1�1.8 for shock velocities of 3300–4500 km s�1.
Taking this into account, for ⌘ = 2, we obtain for region 3: B =
0.8 µG in the precursor scenario. In the escape scenario where
the particles have left the shock region, ⌘ is not constrained by
the X-ray emission any more and in particular it can be larger
(⌘ > 1). We therefore derive in more general terms B . ⌘ 2.8 µG
in the escape scenario. In the standard DSA paradigm, and in the
absence of further magnetic field amplification through turbu-
lences (discussed for example in Giacalone & Jokipii 2007), the
expected magnetic field compression at the shock would result
in downstream magnetic fields a factor of RB = 3�4 higher than
those upstream, that is, up to B = 3.2 µG and B = ⌘ 11.2 µG for
region 3 in the precursor and escape scenario, respectively.

Whilst the escape scenario is compatible with our broad-
band leptonic fits, in the precursor scenario the downstream mag-
netic field value is lower than the values obtained with these
fits (see Fig. 7 and Table 6). In particular, B = 3.2 µG down-
stream is somewhat lower than expected in the DSA paradigm,
unless we invoke a recent sudden increase of ⌘ to values well
above 2 or a decrease of ushock to well below 3300 km s�1 to
recover higher downstream magnetic field values. Such sudden
changes must occur on timescales smaller than the synchrotron
radiation loss time of the downstream electrons, since ⌘ . 5 is
needed to explain X-ray synchrotron radiation from the shell in

these regions (Tanaka et al. 2008). We therefore require that the
timescale for substantial changes in the upstream di↵usion prop-
erties, �t, must satisfy

⌧loss =
634
B2E

s > �t, (9)

with ⌧loss = |E/(dE/dt)| (Ginzburg & Syrovatskii 1965). The
typical X-ray synchrotron photon energy is given by ✏ =
7.4E

2
B keV (Ginzburg & Syrovatskii 1965), so that the condi-

tion for the presence of X-ray emission from the shell at 1 keV
for a given timescale �t is

B . 23
 
�t

500 yr

!�2/3

µG. (10)

This condition is fully consistent with the leptonic emission sce-
nario, but requires for the hadronic emission scenario timescales
shorter than �t = 500 yr.

To summarise, the significant extension of the gamma-ray
emission beyond the X-ray defined shock in some regions of
RX J1713.7�3946 requires either low magnetic fields or di↵u-
sion length scales much larger than for Bohm di↵usion, irrespec-
tive of whether the gamma rays are from particles originating in
the shock precursor or escaping the remnant di↵usively. In both
cases, the length scales are in fact governed by di↵usion.

The relative length scale of the gamma-ray emission mea-
sured beyond the shock is rather large, �r/rSNR ⇡ 13%, for a
precursor scenario. One can estimate the typical relative length
scale of a shock precursor by starting from Eq. (3.39) of Drury
(1983) for the particle acceleration time ⌧acc:

⌧acc =
3

u1 � u2

 
D1

u1
+

D2

u2

!
, (11)

with the subscript 1 and 2 referring to the di↵usion coe�cients
and velocities of the upstream and downstream regions, respec-
tively. We note that ushock = u1. With the compression ratio at
the shock R = u1/u2, we obtain

⌧acc =
3
u

2
1

R
R � 1

D1

 
1 +

D2

D1
R
!
. (12)

Assuming Bohm di↵usion for D1 and D2, their ratio is D2/D1 =
1 for a parallel shock and D2/D1 = 1/R for a perpendicular
shock. With this, and a compression ratio of R = 4, we get

⌧acc = 
D1

u
2
1
, (13)

with  = 8 for a perpendicular and  = 20 for a parallel shock.
The following relation connects the shock velocity of SNRs
with their radius over long stretches of time (Chevalier 1982;
Truelove & McKee 1999):

r / t
m

age ) ushock = m
r

tage
, (14)

where m = 0.4 for the Sedov-Taylor phase and m = 0.5�0.7
for younger remnants like RX J1713.7�3946. Since the age of
the SNR tage corresponds to the maximum possible acceleration
time of particles, and hence ⌧acc < tage, the maximum precursor
length scale can now be calculated as

`p =
D1(E)
ushock

=
⌧accushock


<

tageushock


=

m


r = 0.0875 r, (15)
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Maximum size of precursor
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•When is the length scale upstream to large to beconsidered a precursor? 

•Go back to acceleration time scale: �  

•Use approximate evolution of shock radius SNR: �  

•Young SNRs m≈0.7, old SNRs m≈0.4 

•Fill in �   and rework: �

tsnr > tacc > 8
D1

V2
sh

= 8
ldiff

Vsh

R ∝ tm ⇒ Vs = m
R
t

Vs ≈ mRs/tsnr ldiff <
m
8

Rsh .

•Conclusion: the ldiff should be less than 9% of shock radius 
•H.E.S.S. result: �  
•Likely we see escaping cosmic rays 
•Uncertainties: 

•geometrical projection effects 
•How well constraint is shock location?

l ≈ 13 % Rs
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Figure 12.23:
fig:rxj1713_escape

The X-ray (XMM-Newton,red) and VHE g-ray (H.E.S.S., data points)
surface brightness profiles of the southeastern region of RX J1713.7-3946, showing
evidence for a population of accelerated particles well upstream of the shock. (Repro-
duced from [416].)

escape of cosmic rays, rather than definitely proving cosmic-ray escape. Nevertheless,
the impression is that of a population of escaping cosmic rays that have been ”caught
in the act”.

The extent of the precursor/escaping population can be used to constrain the dif-
fusion properties of the particles. Given that the g-ray photons have energies around
1 TeV, the primary particles, whether hadrons or electrons, are likely to have energies of
order 10 TeV. Using the expression for the diffusion length scale, either (11.27) or the
more generic ldiff ⇡

p
2Dt can now be used to constrain the combination of magnetic

field strength and magnetic turbulence, which gives according to (11.27)

B1

h
⇡ 0.36

✓
E

10 TeV

◆✓
Vsh

3000 km s�1

◆�1✓ Dr
1 pc

◆
µG. (12.42)

This value is surprisingly low, and more consistent with an inverse Compton origin for
the VHE g-ray emission from RX J1713.7-3946 than hadronic emission. Even for the
case of inverse Compton emission it indicates that h should be much larger than 1,
given that the Galactic magnetic field is ⇠ 5 µG.

In § 12.2 we showed that the detection of X-ray synchrotron radiation from super-
nova remnants implies that h . 10, so a large value of h is a priori inconsistent with the
fact that the X-ray emission from RX J1713.7-3946 is dominated by X-ray synchrotron
emission. However, an increase in h over a time scale of the order of the synchrotron
loss time scale for 10 TeV electrons does can result both in a large value of h upstream
of the shock, whereas the downstream region will still emit X-ray synchrotron radiation
for some time. Finally, one should consider what might cause the particles from RX
J1713.7-3946 to escape. One idea was already implicitly mentioned: there may have
been a relatively recent increase in the diffusion coefficient, i.e. an increase in the value
for h . Another reason may be that the shock encountered recently a positive density
gradient, causing it to rapidly decelerate.



Emission RX J1713: hadronic or leptonic?
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260CHAPTER 12. SUPERNOVA REMNANTS AND COSMIC RAYS: OBSERVATIONS

Figure 12.18:
fig:rxj1713_fermi

Top: The supernova remnant RX J1713.7-3946 was the first supernova
remnant whose g-ray emission was spatially resolved [57]. This map shows the excess
counts above 2 TeV. Reproduced from [416]. Bottom: The spectral energy distribution
of RX J1713.7-3946 as measured by the Fermi-LAT instrument and H.E.S.S.. Left:
The data compared to the various inverse Compton scattering dominated spectral mod-
els. Right: The data compared to various pion decay dominated spectral models. The
SEDs are reproduced from [20].

dominated by X-ray synchrotron radiation [524, 204, 30, 479], and its radius is large,
⇠ 300(10 pc at a distance of 1 kpc), like RX J0852.0-4622,. The VHE g-ray spectrum
extends up to at least 30 TeV [416], implying the presence of particles with energies
beyond 100 TeV. However, the g-ray spectrum has an exponential cut-off energy around
13 TeV, suggesting a maximum primary particle energy around 90 TeV (either for
electrons or protons).

It has been argued that the VHE g-ray emission from this source is of hadronic ori-
gin [139, 140, 645], as the high photon energies (> 10 TeV) are more difficult to pro-
duce through inverse Compton scattering due to Klein-Nishina effects (14.1.2). Based
on detected rapid X-ray synchrotron variations, magnetic fields as high as 1 mG have
been inferred for this remnant [880], which is inconsistent with inverse Compton mod-
els for the g-ray emission. In addition, potential interaction of the supernova remnant
with molecular clouds seem to reinforce the idea that the g-ray emission could be of
hadronic origin [325].

Abdo et al 2011

●Spectral hardness suggests inverse Compton emission 
●Alternative: emission from clumps irradiated by hadronic cosmic rays 

(Inoue+ ’13, Gabici & Aharonian ’15)

The Astrophysical Journal, 744:71 (15pp), 2012 January 1 Inoue et al.

massive star

stellar wind

wind bubble

wind shell
diffuse intercloud

clumps

dense clumps survive against wind

n ~1 cm-3

n ~102-4 cm-3

n >103 cm-3

n ~0.01 cm-3

~

Figure 9. Schematic view of wind bubble expanding in a cloudy ISM. Diffuse
intercloud gas is swept by the stellar wind, while dense cloud cores and clumps
can survive in the wind. Density in the wind bubble is much smaller than the
intercloud gas density that is determined by the evaporation of the wind shell
by thermal conduction.

The requirement for the density of the diffuse gas can be
achieved if the progenitor of RX J1713.7−3946 is a massive
star as is widely believed (Slane et al. 1999). This is because the
stellar wind from the massive star would sweep up preexisting
intercloud gas rarefying the intercloud gas significantly, while
dense clumps are not swept off owing to their high density
(e.g., Gritschneder et al. 2009). The situation is illustrated
schematically in Figure 9. According to Weaver et al. (1977),
who studied the expansion of a bubble formed by stellar wind
from O-type stars, the resulting gas density in the wind bubble
is n ∼ 0.01 cm−3 (see, e.g., Figure 3 of Weaver et al. 1977).
Note that the density in the wind bubble is not determined by the
density of wind gas but by the evaporation of the wind shell into
the cavity. The radius of stellar wind bubble Rw is described
using the mechanical luminosity of the wind Lw, density of
interstellar gas n0, and lifetime of the wind tlife as Rw = 27 pc
(Lw/1036 erg s−1)1/5 (n0/1 cm−3)−1/5 (tlife/1 Myr)3/5 (Castor
et al. 1975). According to this expansion law, in order for the
dense gas to stay within the cavity of the wind bubble, the
density should be at least larger than

n0 ! 103 cm−3
(

Lw

1036 erg s−1

)(
Rw

10 pc

)−5 (
tlife

1 Myr

)3

, (8)

where we have adopted a distance of 1 kpc and thus the radius
of RX J1713.7−3946 ∼10 pc (Fukui et al. 2003).

Recently, Sano et al. (2010) have shown by using the
NANTEN telescope that the “peak C” of a CO molecular cloud
core associated with the region in RX J1713.7−3946 seems to
be embedded in the SNR. Since the density of the molecular
cloud core is approximately 104 cm−3, it is reasonable for such
a dense object to stay in the SNR. Equation (8) suggests that less
dense molecular cloud cores or molecular clumps with density
on the order of 103 cm−3 depending on Lw and tage would also
be embedded in RX J1713.7−3946, although these may not be
observed by CO line-emission surveys due to the dissociation
of molecules by UV radiations from the progenitor massive star.
We conclude that if we take into account the effect of the stellar
wind from the massive progenitor, the diffuse intercloud gas
density becomes on the order of n ∼ 0.01 cm−3, which does

not conflict the lack of the thermal X-ray line emission, while
dense molecular clumps/cores can be left in the wind bubble.

The remaining issue for the X-ray line emission from the
shocked clouds is resolved easily as follows. The temperature of
protons in the shocked gas, which corresponds to the maximum
temperature of electrons, is given by

kB T = 3
16

mp v2
sh = 18

( vsh

3000 km s−1

)2
keV, (9)

where vsh is the shock velocity that is supposed to be
3000 km s−1 in the diffuse gas (gas in the wind cavity with
the density nd ∼ 0.01 cm−3). In the cloudy ISM, the shock is
stalled when it hits a cloud. As we show in Section 3.1 and the
Appendix in more detail, the velocity ratio of the shock wave in
the diffuse gas and the cloud is proportional to the square root of
their density ratio: vsh,d/vsh,c ≃ (nc/nd)1/2. From this relation,
we can estimate the proton temperature (corresponding to the
upper bound of the electron temperature) of the shocked cloud
as

kB Tc = 3
16

mp v2
sh,c

= 2 × 10−4
( vsh,d

3000 km s−1

)2 ( nd

0.01 cm−3

)

×
( nc

103 cm−3

)−1
keV. (10)

Therefore, even after the passage of the shock wave in the
clouds, bright thermal X-ray line emission from the clouds is
not expected.

4.4. Spectrum of Hadronic Gamma Rays

Recently, using a one-dimensional model assuming a uniform
ISM, Ellison et al. (2010) claimed that if we reduce the ambient
density to reconcile the absence of the thermal X-ray line emis-
sion from RX J1713.7−3946, the hadronic gamma-ray emission
becomes dim owing to the low target gas density for π0 creation.
The reason is as follows. According to Aharonian et al. (2006),
the total gamma-ray energy measured from 0.2 to 40 TeV in
RX J1713.7−3946 is W ≃ 6 × 1049 (d/1 kpc)2 (ntg/1 cm−3)−1

erg, where d is a distance and ntg is a mean target gas density.
Thus, supposing the low-density ISM, the efficiency of parti-
cle acceleration becomes 100 (ntg/0.06 cm−3) (E/1051 erg)%,
indicating that the hadronic gamma-ray emission cannot be as
bright as observed even if the acceleration is extremely efficient.

However, in our shock–cloud interaction model, the hadronic
emission from the clouds embedded in the SNR can be ex-
pected, because the high-density shocked clouds do not emit
thermal X-ray lines owing to the low-temperature as shown
in Equation (10). If we assume a typical density of clumps
ncl ∼ 103 cm−3 and their volume filling factor f ∼ 10−3, the
effective mean target density can be rewritten as ntg ≃ ncl f

and thus the efficiency becomes 6 (ncl/103 cm−3) (f/10−3)%.
Although precise evaluation of the filling factor f is beyond
the scope of this paper, our model can reproduce the hadronic
gamma-ray emission that is compatible with the canonical ac-
celeration efficiency ∼10%.

In the case of a uniform ISM model, the spectral energy
distribution of the hadronic gamma rays directly reflects that
of the accelerated nuclei roughly above the critical energy
of the π0 creation (∼0.1 GeV), i.e., the photon index of the
hadronic gamma-ray emission is p = 2 for the standard DSA

10



Magnetic field map RX J1713
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Figure 12.21:
fig:rxj1713_bfield

Top row: maps of the estimated magnetic field strenghth (left) and elec-
tron cut-off energy (right) in RX J1713.7-3946 based on the assumption of an inverse
Compton scattering origin for the VHE g-rayemission as measured by H.E.S.S. [416].
The contours indicate the 3, 5, 7 and 9s H.E.S.S. detection confidence limits. The mea-
surements are based on combining H.E.S.S. g-ray and Suzaku X-ray data. (Reproduced
from [416].) Bottom: a scatter diagram of the estimated electron cut-off energy versus
the magnetic field strength, as shown in the maps. The blue lines indicate the expected
relation between B and Ec under the assumption of a loss-limited electron population,
and the red lines under the assumption of an age-limited electron population.
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Figure 12.21:
fig:rxj1713_bfield

Top row: maps of the estimated magnetic field strenghth (left) and elec-
tron cut-off energy (right) in RX J1713.7-3946 based on the assumption of an inverse
Compton scattering origin for the VHE g-rayemission as measured by H.E.S.S. [416].
The contours indicate the 3, 5, 7 and 9s H.E.S.S. detection confidence limits. The mea-
surements are based on combining H.E.S.S. g-ray and Suzaku X-ray data. (Reproduced
from [416].) Bottom: a scatter diagram of the estimated electron cut-off energy versus
the magnetic field strength, as shown in the maps. The blue lines indicate the expected
relation between B and Ec under the assumption of a loss-limited electron population,
and the red lines under the assumption of an age-limited electron population.

●Assumes leptonic emission 
●Cut-off consistent with B-field 
and age

HESS collaboration 2018



12 The superbubble hypothesis
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•Superbubbles are created by winds/supernovae in OB associations 
•Consist of hot tenuous plasma, surrounded by slow moving shell 
•A. Bykov, E. Parizot (1988+): superbubbles ideal for cosmic ray acceleration 

•Combine power of multiple SNe/stellar winds 
•Turbulent interior: enhanced magnetic fields 
•Super bubbles exist few 106 yr: more time for acceleration then SNR 
•Super bubbles are larger than SNRs: easier to confine CRs → Hillas plot!



H.E.S.S. detection of a superbubble in LMC

 129

•210 hr of H.E.S.S. observations 
•spatial coverage 

• targets: N 157B (PSR J053747.39), SN 1987A, N 132D 
Published: 

“The exceptionally powerful TeV gamma-ray emitters in the Large Magellanic Cloud”  
The H.E.S.S. Collaboration, 2015 Science 347, 406 

   (corr. authors:  Chia-chun Lu, Nukri Komin, Michael Mayer Stefan Ohm, Jacco Vink)



The superbubble 30 Dor C in X-rays

 130

P. J. Kavanagh et al.: XMM-Newton study of 30 Dor C
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Fig. 1. Le f t: Combined XMM-Newton EPIC image of 30 Dor C in false colour with red, green, and blue corresponding to 0.3–1 keV,
1–2 keV, and 2–7 keV. Also shown is the region to the north of 30 Dor C which highlights the highly variable background in the
region. The image has been exposure corrected in each energy band and have the QPB subtracted, and binned into 2x2 pixel bins
before being adaptively smoothed using the XMM-ESAS task adapt-2000. The position of Source 6, which is discussed as a
possible compact object in Section 4.2.1, is also marked. Right: Same as Le f t but with the spectral analysis regions indicated. See
Section 3.3.1 for a description of the regions.

2003) has observed 30 Dor C twice during observations of
the nearby SN 1987A. These are ObsID 1044 (⇠ 18 ks, PI:
G. Garmire) and ObsID 1967 (⇠ 99 ks, PI: R. McCray). For a
detailed analysis of these observations with respect to 30 Dor C
the reader is directed to BU04. We reduced and analysed the
Chandra observations using the CIAO v4.6.1 software package
(Fruscione et al. 2006) with CALDB v4.5.96. Each data set was
reduced using the contributed script chandra repro. Combined
energy filtered and exposure corrected images were produced us-
ing the merge obs script.

3. Analysis

3.1. X-ray morphology

The well-known non-thermal shell is seen in unprecedented de-
tail (Fig. 1), with structure visible in regions of stronger emis-
sion. In the S-SE region there is an obvious circular emission
region, most notable in the 1 � 2 keV energy range. The mor-
phology and classification of this object is discussed in detail in
Section 3.2. In addition, the X-ray background is not uniform,
with a very obvious dichotomy between the east and west re-
gions of 30 Dor C. The eastern side is projected against large
scale hot ISM emission. This emission is much less apparent on
the western side, most likely due to the known molecular clouds
located in the foreground (Johansson et al. 1998, BU04). Due
to the background variation, we must, as much as possible, take
this into account when treating the background in the spectral
analysis of 30 Dor C.

6 Both available at http://cxc.harvard.edu/ciao/

3.2. MCSNR J0536�6913

An additional extended X-ray emitting object is evident as a cir-
cular shell in the 1 � 2 keV band, projected against the southern
30 Dor C shell (see region A1 in Fig. 1 right). Object classes
that can produce di↵use X-ray structures in extragalactic obser-
vations are galaxy clusters, SBs, and SNRs (see Maggi et al.
2014, for a more detailed description of the X-ray properties of
these objects). We ruled out the possibility that this object is hot
gas in the intracluster medium of a background galaxy cluster
since the observed shell morphology of the object is not in keep-
ing with that expected from the hot gas of a galaxy cluster, which
is centrally filled. It is also unlikely that this structure is an SB,
since these require a high mass stellar population to drive their
expansion, which is absent here. An SNR is a far more likely ex-
planation given the shell morphology. Hence, we proceed with
the assumption that the object is an SNR, and assess other tracers
of this object classification.

Typically, objects are classified as SNRs based on satisfy-
ing certain observational criteria. For example, the Magellanic
Cloud Supernova Remnant (MCSNR) Database7 state that at
least two of the following three observational criteria must be
met: significant H↵, [S ii], and/or [O iii] line emission with an
[S ii]/H↵ flux ratio > 0.4 (Mathewson & Clarke 1973; Fesen
et al. 1985); extended non-thermal radio emission; and extended
thermal X-ray emission. A discussion on the significance of each
of these classification criteria is given in Filipovic et al. (1998).
The new candidate SNR satisfies only one of these three crite-
ria, since Mathewson et al. (1985) found that [S ii]/H↵ < 0.4

7 http://www.mcsnr.org/about.aspx

4

Bamba+ ’04, Kavanagh+ ‘15

•Doradus region: starburst conditions 
•30 Dor C: partially X-ray synchrotron emission

30Dor C

N157B

Tarantula Nebula

SNR/PWN B0540-69 

SN1987A



H.E.S.S. detection of the superbubble 30Dor C
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5, 10, 15σ contours

•Additional emission SW of PWN 
•130 pc at 50 kpc 

•>5 σ above spill-over 
•Two-source morphology favoured at 8.8σ 

•Position (contours) compatible with 
•shell of superbubble 30 Dor C 
•star clusters of LH 90 

•Note: angular resolution does not 
allow conclusion on morphology

H.E.S.S., preliminary preliminary



Interpretation TeV Υ-ray emission 30DorC

 132

H.E.S.S., preliminary

•hadronic scenario 
•energy in protons  
•Wpp = (0.7 – 25) x 1052 (nH /cm-3)-1 erg 
•even for 5 supernova explosions high density needed: nH > 20 cm-3 
•thermal X-rays indicate low density: nH ∼0.4 cm-3  

Bamba+ 04, Kavanagh+ ‘14 
•leptonic scenario 

•magnetic field:	  ∼15 μG 
•4 x 1048 erg in electrons 
•+ X-ray synchrotron: high shock velocity ⇒ low interior density 10-4-10-3cm-3



On the leptonic scenario for Υ-rays from 30Dor C

 133

•The leptonic scenarios makes use of X-ray synchrotron detection: Vs≿3000 km/s 
•Assuming Sedov type of evolution:  

•t=0.4 R/Vs≈ 6000 yr 
•Model 30Dor C: ≃5  SNe went off,  
•But in 6000 yr?    → may be one or two? 
•Sedov model density estimate:  

R = 2.8 x108(Et2/nH)1/5 cm    →  nH≈5x10-4 E511/5cm-3 

•density much lower than inferred from thermal emission SE (0.4cm-3) 

•X-ray synchrotron/leptonic scenario: 
•Need extremely low density 
•Adding more energy does not help much (R ∼E1/5tt2/5) 

•Likely scenario: 
•Superbubble creates very low densities (multiple SNe/winds) 
•Last supernova remnant moves very fast through tenuous medium 
•X-ray synchrotron/Υ-rays only intermittent periods of 5000-10000 yr



Implications 30Dor C for acceleration in super bubbles
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•Inside super bubbles particles accelerated > 10 TeV 
•Shells with velocities > 1000 km/s probably exist 
•It is not clear whether hadrons accelerated abundantly 

•But Hillas argument still holds!! 

•For β=0.03, B=10 μG, L=47pc: Emax=7x1015eV!! 
•We may detect or not detect the hadrons,  

but Hillas condition for accelerating hadrons to “the knee” fullfilled!



New: X-ray B-field determination 30 Dor C with Chandra 
(Kavanagh, JV+ 2018)
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Patrick J. Kavanagh et al.: Magnetic field estimates in 30 Dor C

Fig. 4. Illustration of projected and convolved volumetric emissivity profiles fitted to the segment profiles. Top-row: Postshock volumetric emis-
sivity profile with radius R (dotted lines) in Eq. 3 (left), projected emissivity profile using Eq. 2 (middle), and convolved with the PSF (right).
Bottom-row: Same as top but for the projected ‘cap’ model in Eq. 4. The same postshock volumetric emissivity profile is used (left). The projected
emissivity profile is modified to fall to a fitted background value b (dash-dot lines) below r f which is a fraction rc of the shell radius R, r < r f = rcR
(middle, dashed lines). This was then convolved with the PSF (right).

ahead of the main filament, which could be a faster part of the
shell seen in projection.
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Fig. 5. Segments for profile fitting overlaid on the 1.5–8 keV exposure
corrected image. The image has been smoothed using a 3� Gaussian
kernel.

4. Discussion

4.1. Multi-wavelength morphology

The new Chandra, MCELS2 H↵, and 6 cm radio continuum im-
ages provide us with the sharpest view of the brightest regions of
the shell of 30 Dor C to date. In Fig. 8 we show three-colour im-
ages comprising 24 µm, H↵ and 1.5–8 keV for RGB, for the
northeast (NE, top-left), northwest (NW, top-right), southeast
(SE, bottom-left), and southwest (SW, bottom-right). The 24 µm
is included to highlight colder material in and around the shell.
Interestingly, comparing the X-ray and H↵ emission in the NE,
NW, and SE suggests that the X-ray and H↵ shells are not corre-
lated, as was suggested by KS15 using poorer resolution XMM-
Newton and MCELS data. Rather, the synchrotron X-rays fill
gaps in the H↵ shell in some regions (NE, NW) and are located
ahead of the H↵ shell in others (NW, SE). There are notable mor-
phological consistencies in the NE and NW regions in particular
with bright X-ray filaments delineating the edges of filaments in
the H↵ shell, further highlighted in Fig. 9. There is also little
correlation between the colder material revealed in 24 µm and
the synchrotron X-ray shell. Rather, the X-rays appear brighter
in regions with comparatively lower levels of infrared emission.

We show the high spatial resolution 6 cm radio continuum
image along with the 24 µm and MCELS2 H↵ in an RGB image
in Fig. 10. The radio continuum data bear a striking similarity
to the H↵ emission, particularly along the filaments of the NW
shell. Indeed, the only deviation along the brightest filament is
in regions where foreground dust, revealed by the 24 µm emis-
sion, absorbs the H↵ emission. Therefore, the radio continuum
must be thermal in origin and have little or no relation to the
expanding X-ray synchrotron shell, also seen in other LMC su-
perbubbles such as LHA 120-N 70 (De Horta et al. 2014).

As discussed in Sect. 3.1, the expansion velocity of the
H↵ shell is < 100 km s�1, much less than the expansion ve-
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Fig. 6. Radial profiles from sectors around 30 Dor C fitted with the postshock model described in Eq. 3. The best fit results are given in Table 2,
with the determined B-fields indicated in the panels.

locity of the interior SNR required to explain the synchrotron
X-rays (& 3000 km s�1, Zirakashvili & Aharonian 2007), as
seen, for example, in the prototypical synchrotron-dominated
SNR RX J1713.6-3946 (Acero et al. 2017b). The observed anti-
correlation of the X-ray and H↵ shells does suggest a resolution
to this expansion velocity conflict. It is possible that the SNR
responsible for the synchrotron X-ray shell has reached the H↵
shell and has stalled in some regions, but continues through gaps
in the H↵ shell in others, and explains why the H↵ shell is ex-
panding at a rate typical of SBs whereas the SNR shell main-
tains the & 3000 km s�1 necessary to produce X-ray synchrotron
emission. In addition, the bright 24 µm emission in the north, lo-
cated between the bright regions of the X-ray synchrotron shell
in the NE and NW (see Fig. 8, top-right), corresponds to a re-
gion of high radio polarisation (KS15, Fig. 7). This also supports
the scenario that the expanding shock has met and compressed
denser material in the north but continues to expand rapidly in
the NE and NW.

The anti-correlation between H↵ and X-ray synchrotron
emission is reminiscent of a similar anti-correlation in Tycho’s
SNR and RCW 86. For Tycho’s SNR the non-radiative H↵ fil-
aments are more concentrated on the eastern side, whereas the

synchrotron filaments are on the western side (Hwang et al.
2002). It has been speculated that this anti-correlation in caused
by the damping of Alfvén waves if the neutral fraction is too
high, which then leads to a suppression of turbulence necessary
for the fast particle acceleration that gives rise to X-ray syn-
chrotron emission. In RCW 86 a similar mechanism may also be
at work, but it is more likely that the anti-correlation is caused
by large velocity gradients along the shock wave (Vink et al.
2006; Helder et al. 2013). The contrast in velocity in RCW 86 is
very large, which has been attributed to the fact that this remnant
evolves in a wind-blown cavity (Vink et al. 2006; Williams et al.
2011; Broersen et al. 2014). In the SW of the remnant shock
velocities are lower than 500 km s�1, whereas in the NE, at the
location of X-ray synchrotron emission, the shock velocity has
recently been measured to be ⇠3000 km s�1 (Yamaguchi et al.
2016). In the same region there are patches of H↵ emission, but
these appear to be slower than the X-ray synchrotron filaments,
with a mean velocity ⇠ 1200 km s�1 (Helder et al. 2013).

The anti-correlation in 30 Dor C, with its measured velocity
contrasts, seems therefore to be a result of the same processes
as in RCW 86, but even more extremely so. If the X-ray syn-
chrotron filaments are the result of a single supernova explosion
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Table 2. Postshock model (see Eq. 3) fits and B-field estimates in 30 Dor C. The numbers in parentheses correspond to the 90% confidence
intervals of the fit parameters. Confidence intervals are only given for fits with �2

⌫ < 2.

Sector binning R lobs lobs/R �2
⌫ B2

(arcsec) (arcsec) (arcsec) (%) (µG)
S1 7 206.5 (204.5–212.7) 4.7 (1.2–9.6) 2.3 (0.6–4.7) 1.2017 10.5 (5.1–41.6)
S2 9 172.6 (172.6–178.5) 2.6 (1.9–7.0) 1.5 (1.1–4.1) 1.3611 19.3 (7.0–25.4)
S3 10 191.5 (190.6–198.0) 6.3 (3.3–13.3) 3.3 (1.7–7.0) 0.5915 7.9 (3.7–14.7)
S4 10 180.8 (180.0–182.6) 10.1 (7.9–18.5) 5.6 (4.3–10.2) 1.5115 4.9 (2.7–6.2)
S5 7 182.8 (175.9–183.7) 19.3 (9.0–20.1) 10.6 (4.9–11.4) 0.6916 2.6 (2.5–5.5)
S6 5 195.8 3.8 1.9 3.8125 13.0
S7 6 197.6 11.9 6.0 2.0725 4.1
S8 8 181.2 (180.3–188.3) 3.9 (1.7–10.9) 2.2 (0.9–6.0) 1.149 12.7 (4.5–28.6)
S9 8 180.3 (172.3–181.2) 6.1 (1.2–10.9) 3.4 (0.7–6.3) 1.519 8.1 (4.5–41.6)

Table 3. Cap model (see Eq. 4) fits and B-field estimates in 30 Dor C. The numbers in parentheses correspond to the 90% confidence intervals of
the fit parameters. Confidence intervals are only given for fits with �2

⌫ < 2.

Sector R lobs rc lobs/R �2
⌫ B2

(arcsec) (arcsec) (%) (µG)
S6 198.1 (195.7–199.6) 10.3 (4.2–13.2) 0.82 (0.81–0.84) 5.2 (2.1–6.7) 1.8624 4.8 (3.7–11.8)

S6B2 = 4.8 (3.7–11.8)  μG

Fig. 7. Radial profile from sector S6 fitted with the cap model. The best
fit results are given in Table 3, with the determined B-field indicated.

going o↵ in the extremely tenuous interior of a superbubble, the
extreme velocity contrast may be caused by density gradients
and the fact that the shock radius is so much larger, ⇠ 50 pc
(e.g., Sano et al. 2017), that most of the shock energy has been
distributed over a large shock area, making it more sensitive to
density gradients.

The di↵erence in X-ray morphology between 30 Dor C and
other superbubbles has been discussed by various authors (e.g.,
BU04, KS15). The rim-brightened morphology and hard X-rays
of 30 Dor C contrasts the more ‘typical’ picture of a superbub-
ble with a centrally-filled soft X-ray morphology, such as N 70

(Zhang et al. 2014). However, the optical and radio properties of
30 Dor C are consistent with other LMC superbubbles. The anti-
correlation between synchrotron X-ray and H↵ shell presented in
this work supports that 30 Dor C is similar to other superbubbles
but only special in that we are seeing a recent SN in the interior
(see also discussions in BU04, HC15, for examples).

4.2. Synchrotron profiles

In Sect. 3.2, we described the extraction of synchrotron emission
profiles from various sectors around the shell and their modelling
with a radial profile as typically seen from SNRs, i.e., an instan-
taneous rise at shell radius R, followed by an exponential fall-
o↵ in the postshock region and assuming the shell is spherically
symmetric. In almost all sectors (S1, S2, S3, S4, S5, S8, and S9),
this model provided a good fit to the radial profiles. The fact that
the profiles fit this SNR model in most regions of 30 Dor C, and
the anti-correlation between H↵/ 24 µm emission (Fig. 8) and
X-ray synchrotron emission argue against the interpretation of
SY17 that the synchrotron X-rays originate in the shock-cloud
interaction regions. If this were the case, the observed profiles
should be the sum of a multitude of very narrow synchrotron fil-
aments in the various shock-cloud interaction regions, and there
is no reason to expect that this would give rise to the SNR-type
volumetric emissivity profile that provides a good fit to the data.

However, there are two sectors whose radial profiles are not
well-fitted by the SNR model, i.e., sectors S6 and S7. Interest-
ingly, these sectors cross the brightest region of the synchrotron
shell which is correlated with the MC4 molecular cloud identi-
fied by SY17. Therefore, it is possible that some or all of the
synchrotron emission in the brightest region could be due to
VHE electrons in shock-cloud interaction regions. In Sect. 3.2
we showed that the S6 profile can be fitted using a modified ‘cap’
model. While this does provide an acceptable fit to the data, we
have no reason to expect such an emission profile in this sector.
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•Using X-ray synchrotron widths: 
•B= 5 to 20 μG 

•Agrees with the leptonic scenario
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•Idea that early stages are important for cosmic rays 
made by several people  

(Ptuskin, Bell, Tatischeff, Marcowith,…) 
•Need two conditions:  

•Dense wind: �  

•High B-field since �  
•Note Vs can be as high as 20,000 km/s 
•High density and Vs lead to strong amplification:
�  

•These conditions are found in “radio supernovae” 

ρw =
·M

4πr2v
Emax ∝ η−1BVst

B2 ∝ ρV3
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No. 2, 1998 RADIO EMISSION IN SN 1993J 867

unity, and the scaled source functionj
qssa/1 \ q

s
(t)~1@(5@2`a),

at 1 cm, S@(t). A least-squares Ðt to the observations for
10\t\100 days gives

j
qssa/1 \ j10

A t
10 days

Bqj
, (26)

with cm and For days thej10\ 1.07 q
j

\ 0.68. t Z 100
evolution gets steeper and cm and Thej10 \ 0.81 q

j

\ 0.81.
dispersion in the exponent is ^0.03. Similarly, the variation
in S@ can for 10È100 days be Ðtted by

S@(t)\ S10
A t
10 days

BqS
, (27)

where mJy and while at later timesS10 \ 60.1 qS\ 2.43,
days) the evolution is less steep with(Z100 S10 \ 1.67

] 102 mJy and qS\ 2.00.
Knowing and S@(t), we can now calculate thej

qssa/1(t)magnetic Ðeld and the column density of relativistic par-
ticles :

B(t) \ 9.45 ] 10~8c(p)2ARs
D
B4

S@(t)~2 , (28)

where

c(p) \ (p ] 7/3)
(p ] 10/3)(p ] 1)

]

![(p ] 8)/4]![(p ] 5)/4]![(3p [ 1)/12]![(3p ] 7)/12]
![(p ] 6)/4]![(p ] 7)/4]![(3p ] 2)/12]![(3p ] 10)/12]

(29)

and ! is the gamma function. The column density of rela-
tivistic particles is then given by

Nrel(t) \
1.98 ] 1017

(1.18 ] 10~2)p

]

![(p ] 8)/4]
(p ] 10/3)![(p ] 6)/4]![(3p ] 2)/12]![(3p ] 10)/12]

] B~(p`2)@2j
qssa/1~(p`4)@2 cm~2 .

(30)

As is seen from equations and both B(t) and(28) (30),
depend on which in turn is determined by theNrel(t) R

s
(t),

ejecta structure. In this section we assume for simplicity a
constant velocity of V \ 2.2 ] 104 km s~1 (see ° 3.2.3).

The resulting magnetic Ðeld and column density are given
in During most of the observed interval theFigure 5.
decrease in B is approximately a power law, and such a Ðt
gives

B(t) \ 25.5
A t
10 days

B~0.93B0.08A V
2.2 ] 104 km s~1

B4
G .

(31)

Within the errors, is nearly constant, although theNrel(t)scatter increases considerably for days. The level oft Z 100
in should be compared with that in the RazinNrel Figure 5

model from Because of the higher magnetic Ðeld, and° 3.1.1.
most importantly the smaller value of p, is roughly 6Nrelorders of magnitude smaller than for the Razin model.

FIG. 5.ÈEvolution of the magnetic Ðeld and column density of rela-
tivistic electrons in the synchrotron self-absorption plus external free-free
absorption model.

With the magnetic Ðeld in we can calculateequation (31)
the Razin wavelength from equation (18)

jR0 \ 3.5 ] 102M0
A V
2.2 ] 104 km s~1

B2A t
10 days

B
cm .

(32)

Comparing equations and we Ðnd that the Razin(26) (32)
e†ect in this model is unimportant.

Although the above results are of great interest, and will
be discussed in detail below, there are several deÐciencies in
the analysis. The most serious limitation is that we have
assumed a constant power-law electron spectrum, i.e.,
neglected possible losses by radiation or collisions. There-
fore, we will now, at the expense of a more complicated
model, discuss a self-consistent analysis of the observations.
The discussion in this section, however, is of great help in
order to understand the di†erent processes involved, as well
as being a guide to the values of B and and their sensi-Nreltivity to di†erent parameters.

3.2. Self-consistent Analysis
3.2.1. Energy L osses of the Nonthermal Electrons

For formulating a self-consistent analysis, it is necessary
to discuss possible energy losses of the electrons that will
a†ect the integrated electron spectrum, and therefore also
the emission from the plasma. To estimate these e†ects, we
assume in this subsection that the magnetic Ðeld behaves

Fransson 1998 
SN 1993J

each wavelength after the source becomes optically thin at that
wavelength; and (4) a final, asymptotic approach of spectral index
! (S/ "þ!) to an optically thin, nonthermal, constant negative
value (Weiler et al. 1986, 1990).

Chevalier (1982a,1982b) proposed that the relativistic electrons
and enhanced magnetic field necessary for synchrotron emission
arise from the SN blast wave interacting with a relatively high
density CSM which has been ionized and heated by the initial
UV/X-ray flash. This CSM is presumed to have been established
by a constant mass-loss (Ṁ ) rate, constant velocity (wwind) wind

[i.e., # / Ṁ / wwind r
2ð Þ] from a massive stellar progenitor or a

companion. This ionized CSM is the source of some or all of the
initial free-free absorption (FFA), althoughmore recentlyChevalier
(1998) has proposed that synchrotron self-absorption (SSA) may
play a role at some times and in some objects.

A rapid rise in the observed radio flux density results from a
decrease in these absorption processes as the radio emitting region
expands and the absorption processes, either internal or along the
line of sight, decrease.Weiler et al. (1990) have suggested that this
CSMcan be ‘‘clumpy’’ or ‘‘filamentary,’’ leading to a slower radio

Fig. 2.—Radio light curves for SN 1993J, plotted from left to right and top to bottom at 0.3, 1.2, 2, 3.6, 6, 20, 49, and 90 cm. The solid lines represent the best-fit ‘‘pure’’
thermal, free-free absorption (FFA)model as described in the text with the parameters listed in Table 4, col. (3), and an exponential flux density decline after day 3100with
an e-folding time of 1100 days. The extrapolation of the best-fit model curves without the exponential roll-off is shown as the dotted lines. Upper limits (3 $) are shown as
open inverted triangles.

LONG-TERM RADIO MONITORING OF SN 1993J 1967No. 2, 2007

•SN1993J: a Type Ib (like Cas A) 
•Early radio emission bright and self-absorbed 
•B-field very high 1-10 G!

Weiler+ 2007 
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•Initially based on serendipous observations: H.E.S.S. observed galaxy with 
young supernova (<1 yr) 

•All core-collapse SNe considered (uncertain whether radio supernovae) 
•Later one pointed observation  SN2016adj 
•Currently: nearby SNe are TOO targets
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SN Name Host galaxy RA [J2000] DEC [J2000] Dist. [Mpc] Type Disc. date

SN 2004cx NGC 7755 23h47m52.86s �30�31032.600 26± 5 II 2004-06-26
SN 2005dn NGC 6861 20h11m11.73s �48�16035.500 38.4± 2.7 II 2005-08-27
SN 2008bk NGC 7793 23h57m50.42s �32�33021.500 4.0± 0.4 IIP 2008-03-25
SN 2008bp NGC 3095 10h00m01.57s �31�33021.800 29± 6 IIP 2008-04-02
SN 2008ho NGC 922 02h25m04.00s �24�48002.400 41.5± 2.9 IIP 2008-11-26
SN 2009hf NGC 175 00h37m21.79s �19�56042.200 53.9± 3.8 IIP 2009-07-09
SN 2009js NGC 918 02h25m48.28s +18�29025.8 00 16± 3 IIP 2009-10-11
SN 2011ja NGC 4945 13h05m11.12s �49�31027.000 5.28± 0.38 IIP 2011-12-18
SN 2012cc NGC 4419 12h26m56.81s +15�02045.500 16.5±1.1 II 2012-04-29
SN 2016adj NGC 5128 13h25m24.11s �43�00057.500 3.8±0.1 IIb 2016-02-08

Table 1. The list of SN positions tested for H.E.S.S. gamma-ray excess emission. The list was compiled using a system of cuts described in
Section 2.2. The name, host galaxy, coordinates, estimated distance, SN type and discovery date are given for each SN.

Time since discovery (days)
0 50 100 150 200 250 300 350

SN 2004cx
SN 2005dn
SN 2008bk
SN 2008bp
SN 2008ho
SN 2009hf
SN 2009js
SN 2011ja
SN 2012cc
SN 2016adj

Fig. 1. A graphic displaying the H.E.S.S. observation windows for each SN selected for analysis. Time = 0 corresponds to the SN discovery date
reported in literature.

after the discovery date are reported in Table A.1 and the data
set for each SN is represented in Figure 1.The average time
delays, weighted by the exposure of individual observation
periods (as represented on Figure 1), are also reported in Table
A.1. SN 2016adj was observed every night from day 3 till day
10 after the discovery date, and the average time delay amounts
to ⇠7 days.

In Table 2, ULs on the integrated flux above the energy
threshold and above 1 TeV are presented. The value of 1 TeV
corresponds to the optimal H.E.S.S. sensitivity: it is chosen to
compare all results, as the energy threshold depends on obser-
vational conditions and varies as indicated in the table. For four
SNe (2004cx, 2008bk, 2008bp, 2009js) these ULs supersede pre-
vious preliminary results (Lennarz & the H.E.S.S. Collaboration
2013), confirming the non-detections with better sensitivity. In
column five of Table 2, ULs on the luminosities are presented for
each object: these ULs are computed above the energy threshold
and above 1 TeV, using the distance to the host galaxy (see Ta-
ble 1). Errors on the distances are not taken into account. The
luminosity values above the energy threshold span a range from
⇠2 ⇥1039 erg s �1 to ⇠1 ⇥ 1042 erg s�1. This range is mainly due
to the di↵erences in the source distances and to the o↵set an-
gle with respect to the observation position, observations with
large o↵-center angles having a reduced detection sensitivity.
Note that these ULs correspond to a gamma-ray fluence within a
year of ⇠6 ⇥ 1046 erg to ⇠3 ⇥ 1049 erg, corresponding to 0.006

- 3 percent of the canonical SN explosion energy of 1051 erg.
We carefully checked that no significant gamma-ray peak oc-
curred during the duration of the observations. As an example,
Figure 2 shows the time evolution of the flux above 1 TeV for
SN 2016adj, consistent with zero during the observing period.
This is the case for all the other SNe (see Appendix B.1). The
lightcurves presented are binned on a nightly basis and we also
checked that no significant emission occurred on a weekly basis
for any of the objects. Error bars correspond to 68% confidence
levels. This confirms that no significant TeV emission is found
towards any of the SNe within one year of the initial explosion.

3. Discussion

The serendipitous nature of the observations provided us with
a sample with a large diversity in distances, post-explosion de-
lay times and observing conditions. This has to be kept in mind
when interpreting the non-detection of TeV emission from these
SNe. For instance, two nearby SNe (SN 2008bk, SN 2011ja)
have been observed around 100 days after the discovery and
we might have missed the periods of maximum TeV emission.
By contrast, early and relatively deep observations towards SN
2004cx and SN 2005dn have been performed, but these two SNe
are beyond 20 Mpc in distance, and this may explain their non-
detection. For SN 2016adj, as already mentioned, the candidate
was very promising in terms of distance and time delay, although
the duration of observations was not as long as initially planned
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•Strong B-fields: low Emax for electrons 
•Gamma-rays expected to have hadronic origin 
•Emission depends on  �  

•Since �  we expect �  

•More eloborate:

∝ ncrnwR3

R = mVst Lγ ∝ (
·M

vw )
2

1
t
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SN, so that equation 1 can be used as is. The variable t is the
elapsed time in days since the SN explosion, and the variable
d is the distance in Mpc as given in Table 1. The variable q↵ is
the gamma-ray emissivity normalised to the hadronic CR energy
density, for which values are tabulated in Drury et al. (1994).
We use q↵(� 1TeV) = 1.02 ⇥ 10�17 s�1 erg�1 cm3 (H-atom) �1,
which corresponds to a gamma-ray spectral index of 2, adopt-
ing the value assumed for SN 1993J in Tatische↵ (2009). This
study clearly shows that the sub shock and total compression
ratios both are close to 4, meaning the shock remains weakly
modified throughout the SN 1993J time evolution. The potential
systematic error introduced by this assumption can be quanti-
fied by considering the extreme case of a steep spectral index of
2.4. In such a case, the gamma-ray emissivity would become
q↵(� 1TeV) = 8.1 ⇥ 10�19 s�1 erg�1 cm3 (H-atom) �1. This
would lower the flux values obtained in equation 1 by a factor of
⇠12. The parameter ⇠ is the fraction of the shock energy flux that
is converted into CR proton energy, and � is the fraction of the
total volume, V, that is already shocked and where the density
of target protons is high (Vshocked = �4⇡R3

sh/3). mp is the proton
mass, and µ the mean molecular weight of the nuclear targets in
the CSM. We set ⇠ equal to 0.1, � to 0.5 and µ = 1.4 following
the parameters chosen for cc-SNe in Dwarkadas (2013). Finally,
the parameter  is the ratio of the forward shock (FS) radius to
the contact discontinuity (CD) radius. C1 is a constant that can
be expressed in terms of the geometry of the explosion, as the
radius of the FS is defined as Rsh = RCD = C1tm.

For this study, we substitute C1 with Vsh/(m tm�1) where Vsh
is the shock velocity and m is the expansion parameter, leading
to the following relation:

F�( E0, t) =
3q↵⇠(Vsh)m2

32⇡2(3m � 2)�µmp

"
Ṁ
uw

#2  
1
d2

!  
1
t

!
. (2)

According to the model of Chevalier (1982) for a steady wind
scenario, m can be expressed as m = (n � 3)/(n � 2), where n is
the index of the ejecta density profile (⇢ej / r�n). For n, Cheva-
lier (1982) has found values between 7 and 12, implying that
m lies between 0.8 and 0.9, in agreement with observations of
some radio SNe (e.g. Weiler 2006). We adopt here m = 0.85,
and a shock velocity Vsh = 10, 000 km s�1 as fiducial parame-
ters. The dependence on 1/t breaks down for t ! 0, but particle
acceleration does not immediately start at t = 0, as the shock
first needs to break out of the star, and some time ( days-weeks,
depending on the B-field value and the turbulence) should be al-
lowed for the particles to be accelerated to high enough energies
to produce VHE gamma rays. Note also that t = 0 should refer
to the time of core collapse, whereas in our analysis we had to
use the time of SN detection, which could be several hours or
even days after the actual explosion time. Note that within the
first week after core collapse the SN may be so bright in the op-
tical band that the gamma-ray emission is strongly attenuated by
gamma-gamma interactions, as explained in section 3.3.

Our ULs on the gamma-ray flux above 1 TeV given in Ta-
ble 2 can be converted into an upper value for Ṁ/uw by invert-
ing equation 2, replacing the constant parameters by their re-
spective values and expressing the mass-loss rate such that Ṁ =
10�5 Ṁ�5 M� yr�1 and the wind velocity uw = 10 uw,10 km s�1:
"

Ṁ�5

uw,10

#2


F�(> 1TeV) d2

Mpc tday

5.14 ⇥ 10�12 . (3)

The numerical value of 5.14⇥ 10�12 is of the same order as
that derived in Tatische↵ (2009) for SN 1993J (within a factor .

2), and comparable to that obtained by Murase et al. (2014) with
the same parameters, within a factor . 4.

To establish the ULs on Ṁ/uw, we use two methods: the first
one simply consists in substituting the variable t by the exposure-
weighted average time reported in Table A.1. A second method
consists in fitting with equation 3 the nightly binned flux points
(cf. Figures 2 and B.1) with their respective dates expressed rel-
atively to the discovery date. For this method, we set the fitting
function given in equation 3 to zero at t < 5 days, in order to
account for the possibly strong gamma-ray attenuation through
gamma-gamma interactions during the early stages of the SN
evolution (see Section 3.3). The goodness of the fit is estimated
by a �2 test. Fitting the lightcurves in order to constrain the mass-
loss parameter is very sensitive to the gamma-ray flux immedi-
ately following the SN explosion, whereas using the exposure-
weighted time t is more sensitive to the average measured flux.
Results and methods are discussed in the next section.

3.2. Derived upper limits on the wind properties

Upper limits representing a 2� level of the Ṁ/uw ratio, derived
from the two methods described in the previous section, are
given in Table 2 in units of 10�5 M� yr�1 km�1 s. The constraints
on Ṁ, assuming uw = 10 km s�1, are shown in Figure 3.

In general, more constraining ULs are obtained through the
fit to the lightcurves, as compared to the method using the time-
average flux limits: this is the case for SN 2004cx, and SN
2005dn, for which fluxes are determined shortly after the SN ex-
plosion dates, as well as as observation spanning the whole year.
For 2005dn, the value obtained with the fit method seem to favor
the first sets of flux points mostly negatives with small errors,
compared to late observations taken after a gap which are show-
ing more positive values. The same case seems to happen for
SN 2008bk, for which observations were all taken ⇠ 100 days
after the discovery but are spanning over several months. For
SNe observed only during a short time span, like SN 2009hf, SN
2011ja and SN 2016adj, the two methods give similar ULs, as
expected. The method using a fit to equation 3 gives more weight
to the early observations, as this is where the highest fluxes are
expected and relies on the assumption that the gamma-ray flux
evolution follows exactly the 1/t scaling. In reality, the progen-
itor mass loss history may be more complicated, and there is
also some uncertainty regarding the onset of particle accelera-
tion and the e↵ect of gamma-gamma attenuation. As such, the
time-average flux method gives perhaps a less precise but more
conservative constraints on Ṁ/uw.

For the nine SNe of the serendipitous sample, both meth-
ods give ULs lying between ⇠ 2.0 ⇥ 10�5 M� yr�1 and ⇠ 2.0 ⇥
10�3 M� yr�1 , and are consistent with predictions for type IIP
SNe with a RSG progenitor having a mass-loss rate in the range
10�6 � 10�4 M� yr�1. These constraints show large values in
Ṁ/uw, but still within the range of expected mass-loss rates for
some RSGs.

For SN 2016adj, the mass-loss rate UL, confirmed by both
methods, is reaching ⇠ 2.5 ⇥10�5 M� yr�1, as the SN occurred in
the nearby Cen A galaxy and has been observed very early: it is
of the same order as the value estimated for the well-studied SN
1993J (Ṁ = 3.5 ⇥ 10�5 M� yr�1 for uw = 10 km s�1, Tatische↵
2009), both SNe being of Type IIb occurring at similar distances.
We note that the expansion parameter of SN 1993J near the time
of discovery is estimated to be high, m = 0.919±0.09, as implied
by early radio observations (Bartel et al. 2002). Apart from this
di↵erence, given that the TeV gamma-ray flux from SN 1993J
was predicted to be at the level of sensitivity of current IACTs
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SNe Non No f f ↵ Nexcess Sig Lifetime Obs. Range Average time
(hrs) (days) (days)

SN 2004cx 169 10387 0.015 8.7 0.7 40 -6 - 359 180
SN 2005dn 571 11452 0.053 -39 -1.5 53 -3- 364 120
SN 2008bk 50 3652 0.018 -18 -2.3 9.6 98 - 211 136
SN 2008bp 32 1860 0.017 1.1 0.2 4.7 272 - 282 282
SN 2008ho 9 369 0.030 -2.3 -0.7 1.4 34 - 34 34
SN 2009hf 43 1404 0.029 3.3 0.5 4.0 124 - 134 133
SN 2009js 14 711 0.015 3.4 1 4.8 1 -35 17.5
SN 2011ja 56 834 0.067 -1.2 -0.2 3.8 91 - 131 111
SN 2012cc 7 660 0.013 -1.9 -0.7 3.0 53 - 343 255
SN 2016adj 624 8573 0.070 22 0.9 13 3 - 10 7

Notes: Sig stands for significance and the observation range gives the number of days since SN discovery for the first - last observation run.
The average time is the exposure-weighted mean time in days since the discovery date.

Table 2. Observed statistics for each SN (see text).

SNe ETh UL(> ETh) UL(> 1 TeV) UL on L (> ETh) UL on Ṁ/uw
(TeV) (10�13 cm�2s�1) 1040 (erg s�1) (10�5 M�yr�1km�1 s)

SN 2004cx 0.18 10 1.9 13.0 6.7
SN 2005dn 0.21 2.2 0.41 6.2 3.8
SN 2008bk 0.21 6.0 4.8 0.18 1.4
SN 2008bp 0.21 29 5.5 46.7 15.9
SN 2008ho 0.33 16 7.7 52.8 9.4
SN 2009hf 0.21 20 5.3 111 19.9
SN 2009js 0.63 15 11 7.3 3.1
SN 2011ja 0.23 13 3.9 0.69 1.5
SN 2012cc 0.72 15 10 11.5 11.6
SN 2016adj 0.15 22 3.8 0.61 0.30

Table 3. Upper limits (ULs) on the integrated flux above the energy threshold and above 1 TeV. These ULs are computed assuming 95% CL

and an index of 2. The associated ULs on the luminosities (E > Eth) are computed using the distances reported in 1. ULs on Ṁ/uw are provided
according to equation 3 (see text).

10�4 � 10�3 M� yr�1 (Smith 2014). When combined with the
relatively slow RSG winds (Chevalier & Fransson 2016), these
mass-loss rates may lead to the right circumstances in terms of
density for particle acceleration to proceed up to very high en-
ergies and for gamma-ray emission to be potentially detectable265
(e.g. Moriya et al. 2011; Marcowith et al. 2014). Moreover, there
is accumulating evidence of enhanced mass-loss rates from pro-
genitors in the last years prior to explosion (e.g. Fuller 2017),
which may similarly lead to enhanced CR proton acceleration
and gamma-ray emission.270

For type IIb SNe, like SN 2016adj, the mass-loss rate is pre-
dicted to be typically over 10�5 M� yr�1 for a wind velocity of
uw ' 10 km s�1, as estimated for SN 1993J (Tatische↵ 2009).
However, there is evidence for a sub-type of type IIb SNe de-
pending on the compactness of the progenitor. A more compact275
progenitor, less luminous, with a lower H mass envelop and a
high-speed wind, would then produce a lower density environ-
ment (Chevalier & Soderberg 2010). We will refer to this type
of SNe as type cIIb. Below we will discuss the implications of
these H.E.S.S. constraints in terms of the mass-loss rates in these280
ten observed SNe.

3.1. Modelling

To place our flux upper limits into the context of the SN envi-
ronment, we use a semi-analytical model for cc-SNe described
in Dwarkadas (2013). The author predicts the unattenuated 285
gamma-ray flux of hadronic origin from SNe and young SNRs
based on the hydrodynamical evolution described in Chevalier
(1982a) and Chevalier & Fransson (1994), and the gamma-ray
emissivity formula prescribed by Drury et al. (1994). The model
assumes a constant stellar mass-loss rate and wind velocity, usu- 290
ally known as the steady wind scenario (Chevalier 1982a). Under
this assumption, the CSM density is given by the continuity of
mass equation: ⇢amb =

Ṁ
4⇡uw

r�2, which shows that a combination
of a high mass-loss rate and a low wind velocity will lead to a
high-density CSM. Low wind speeds of ⇠ 10 km s�1 are com- 295
monly realised in RSG progenitors (e.g. Smith et al. 2009).

For cc-SNe, the model of Dwarkadas (2013) gives the fol-
lowing relation of the expected gamma-ray flux as a function of
stellar mass-loss parameters, SN explosion characteristics and
time, t, since the explosion:

F�(> E0, t) =
3q↵⇠(C1)m3

32⇡2(3m � 2)�µmpd2

"
Ṁ
uw

#2
tm�2. (1)

The distance d, and the time t assumed to be the exposure-
weighted average number of days since SN discovery, are given
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in Table 1 and Table 2, respectively. q↵ is the gamma-ray emis-
sivity normalised to the hadronic CR energy density, for which300
values are tabulated in Drury et al. (1994). We use q↵(� 1TeV) =
1.02 ⇥ 10�17 s�1 erg�1 cm3 (H-atom) �1, which corresponds to a
gamma-ray spectral index of 2, adopting the value assumed for
SN 1993J in Tatische↵ (2009). The potential systematic error in-
troduced by this assumption can be quantified by considering the305
extreme case of a steep spectral index of 2.4. In such a case, the
gamma-ray emissivity would become q↵(� 1TeV) = 8.1 ⇥ 10�19

s�1 erg�1 cm3 (H-atom) �1. This would lower the flux values ob-
tained in equation 1 by a factor of ⇠12.

The parameter ⇠ is the fraction of the shock energy flux that310
is converted into CR proton energy, and � is the fraction of the

total volume that is already shocked and where the density of

target protons is high (Vshocked = �4⇡R3
sh/3). mp is the proton

mass, and µ, the mean molecular weight of the nuclear targets in
the CSM. We set ⇠ equal to 0.1, � to 0.5 and µ = 1.4 following315
the parameters chosen for cc-SNe in Dwarkadas (2013).
 is the ratio of the forward shock (FS) radius to the contact

discontinuity (CD) radius. C1 is a constant that can be expressed
in terms of the geometry of the explosion, as the radius of the FS
is defined as Rsh = RCD = C1tm. For this study, we substitute
C1 with Vsh/(m tm�1) where Vsh is the shock velocity and m is
the expansion parameter, leading to the following relation:

F�(> E0, t) =
3q↵⇠(Vsh)m2

32⇡2(3m � 2)�µmp

"
Ṁ
uw

#2  
1
d2

!  
1
t

!
(2)

According to the model of Chevalier (1982) for a steady
wind scenario, m can be expressed as m = (n� 3)/(n� 2), where
n is the index of the ejecta density profile (⇢ej / r�n). For n,
Chevalier (1982) has found values between 7 and 12, implying320
that m lies between 0.8 and 0.9, in agreement with observations
of some radio SNe (e.g. Weiler 2006). We adopt here m = 0.85,
and a shock velocity Vsh = 10 , 000 km s�1

as fiducial parame-

ters.

Our ULs on the gamma-ray flux above 1 TeV given in Ta-
ble 3 can be converted into an upper value for Ṁ/uw by invert-
ing equation 2, replacing the constant parameters by their re-
spective values and expressing the mass-loss rate such that Ṁ =
10�5 Ṁ�5 M� yr�1 and the wind velocity uw = 10 uw,10 km s�1:
"

Ṁ�5

uw,10

#2


F�(> 1TeV) d2

Mpc tday

5.14 ⇥ 10�12 (3)

The numerical value of 5.14⇥ 10�12 is of the same order as325
the one derived in Tatische↵ (2009) for SN 1993J (within a factor
. 2), and comparable to that obtained by Murase et al. (2014)
with the same parameters, within a factor . 4. Note that this

model ignores the possible attenuation of the gamma-ray flux

by gamma-gamma interactions, which may happen near the330
SN’s optical peak brightness (see discussion in 3.3).

3.2. Derived upper limits on the wind properties

ULs on the Ṁ/uw ratio are given in the last column of Ta-
ble 3 and constraints on Ṁ, assuming uw = 10 km s�1, are
shown in Figure 3. For the nine SNe of the serendipitous sam-335
ple, these values lie between ⇠1.4 ⇥ 10�4 M� yr�1 and ⇠ 2.0 ⇥
10�3 M� yr�1 and are consistent with some predictions for type
IIP SNe with a RSG progenitor having a mass-loss rate in the
range 10�6 � 10�4 M� yr�1. The tightest mass-loss rate ULs of
⇠ 1.4� 1.5⇥ 10�4 M� yr�1 correspond to the two closest objects340
in our SN sample.

Fig. 3. Upper limits on Ṁ assuming uw = 10 km s�1 for the ten cc-SNe
investigated in this study. The mass-loss rate in SN 1993J derived by
Tatische↵ (2009) is also shown.

These constraints intercept large, yet realistic, values within
the range of expected mass-loss rates for RSGs. For SN 2016adj,
the mass-loss rate UL is one order of magnitude lower than for
the other SNe, reaching ⇠ 3.0⇥10�5 M� yr�1, as the SN occurred 345
in the nearby Cen A galaxy and has been observed very early: it
is of the same order as the value estimated for the well-studied
SN 1993J (Ṁ = 3.5 ⇥ 10�5 M� yr�1 for uw = 10 km s�1, Tatis-
che↵ 2009), both SNe being of Type IIb occurring at similar dis-
tances. We note that the expansion parameter of SN 1993J near 350
the time of discovery is estimated to be high, m = 0.919 ± 0.09
(as opposed to 0.85, used in our study), as implied by early ra-
dio observations (Bartel et al. 2002). Apart from this di↵erence,
given that the TeV gamma-ray flux from SN 1993J was predicted
to be at the level of sensitivity of current IACTs (Marcowith et al. 355
2014), TeV emission from SN 2016adj could have been detected
with H.E.S.S. if it were to share the same environmental proper-
ties as SN 1993J.

3.3. Concerns about the opacity due to gamma-gamma 360
absorption.

At short timescales after the explosion, when the SN is still
bright in optical, the VHE gamma-ray emission may be sup-
pressed due to electron-positron pair-production arising from
the interaction of TeV photons with low-energy photons from 365
the SN photosphere. A first attempt to account for this time-
dependent absorption e↵ect has been presented in Marcowith
et al. (2014) in the case of SN 1993J for which the parame-
ters of the SN hydrodynamical evolution and photosphere are
well known (see also Murase et al. 2018). It turns out that pair- 370
production must be important during the first week after the ex-
plosion. Given the large spread in the distribution of time delays
between the H.E.S.S. observations and the SN discoveries for the
SN serendipitous sample, this opacity can in general be ignored.
However, the only object for which this attenuation should be 375
considered is SN 2016adj, whose ToO observations are clustered
at short time delays. If the attenuation of TeV photons is at

a similar level as that estimated in SN 1993J, the expected
VHE gamma-ray flux would be much lower during a large part
of the H.E.S.S. observation time window and this would explain 380
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Fig. 4. Predicted flux above 1 TeV using equation 1 as a function of the distance to the source. Mass-loss rates are given in units of M� yr�1

assuming uw = 10 km s�1 and the parameters described in 3.1, for t = 20 days (full lines) and t = 150 days (dotted lines) after the SN explosion.
The expected flux for SN 1993J is computed using equation 1 and t = 20 days. The CTA sensitivity for a 50 hr long observation is taken from
Acharya et al. (2013). The ten ULs on the flux above 1 TeV derived in this study are also shown (see text).

4. Conclusion

We selected a sample of nine type II SNe that were observed500
by chance with H.E.S.S. within one year after the SN event,
and in addition we triggered ToO observations on SN 2016adj.
No significant gamma-ray signal has been detected from any of
these ten SNe and we derived flux upper limits of the order of
10�13 TeV cm�2 s�1.505

This result is amending previous e↵orts (Lennarz & the
H. E. S. S. collaboration 2013) and complements other recent
non-detections, namely the Fermi-LAT studies of type IIn SNe
at GeV energies (Ackermann et al. 2015), the upper limit at TeV
energies established by the MAGIC collaboration for the clos-510
est type Ia SN 2014J (Ahnen et al. 2017), and a recent search
for GeV emission from super luminous SNe using Fermi-LAT
data by Renault-Tinacci et al. (2017). Concerning SN 2016adj,
the H.E.S.S. UL is the first constraint derived on this nearby SN
event in the gamma-ray domain.515

However, we think that the lack of detections reported here
do not necessarily indicate that the early phase of SN evolution
is not a good phase for CRs acceleration, but suggests that only
in a subset of the SNe, those with dense enough CSM, particle
acceleration can result in detectable gamma-ray emission with520
H.E.S.S.

Using the model developed in Dwarkadas (2013), we ex-
pressed our ULs in terms of constraints on the mass-loss rates
of the SN progenitors, which turn out to be a few times higher
than, or of the same order as, the estimated mass-loss rate525
for the close-by radio-bright SN 1993J. With the same model,

we predicted that objects with a mass-loss rate of the order of
10�4 M� yr�1 and distance of ⇠10 Mpc could be detected very
early after the outburst by the current generation of telescopes
and a fortiori by the next generation, namely the Cherenkov 530
Telescope Array, CTA (Acharya et al. 2013). In our study, we

did not observe candidates with the correct properties for

the detection of gamma-rays with H.E.S.S., but our model-

dependent investigation suggests that core-collapse SNe will

be detected by Cherenkov arrays in the future. 535
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Plots by R. Simoni

•Upper limits   depend on date of obs (tsn) and distance 
•RSG stars have vw≈10km/s 
•Realistic mass losses: �  
•For few SNe ULs are already constraining! 
•Needed: patience, luck (rightnearby SN), and CTA will help!

·M/vw

·M ≈ 10−6 − 10−7M⊙yr−1



Grand summary

 141

•Origin of cosmic rays still a puzzle! 
•Galactic cosmic rays: supernova remnants prime suspects 
•Acceleration mechanism: diffusiive shock acceleration 
•To reach the “knee”  needed: 

•High B (>100µG) 
•Turbulent B, i.e. �  

•X-ray synchrotron: 
•B is indeed higher than expected (>100µG) 
•B-field turbulent ( � ) 
•Fast acceleration (10-100 yr to 1014eV) 

•Magnetic field likely amplified by cosmic rays 
•Gamma-rays: 

•First evidence for hadronic cosmic rays 
•No evidence for acceleration >1014 eV 
•We see evidence for escape of cosmic rays 

•Sources for CRs with  >1015eV: 
•super bubbles? (first detection!) 
•supernovae? (no detection yet)

η ≈ 1

η ≲ 5
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